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Niniejsza praca zostata napisana w oparciu o badania wlasne zaprezentowane

w publikacjach [1] - [3] oraz [5] - [9] z ponizszej listy. Badania te sa obecnie kon-

tynuowane w ramach ztozonego do druku artykutu “Numerical simulations of the

lower solar atmosphere heating by two-fluid nonlinear Alfvén waves” [10], a ko-

lejne publikacje sa w przygotowaniu. Wszystkie wykorzystane publikacje zostaty

zataczone w dalszej czg¢sci niniejszej pracy (strona 48 i kolejne).
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1 Wstep

W pierwszej czegsci niniejszej rozprawy doktorskiej przedstawiam ogdlny obraz
przedmiotu prowadzonych badai, to jest magnetycznie zdominowanej atmosfery
Storica, jak rowniez obecny stan wiedzy na jej temat na podstawie wybrane;j lite-
ratury. Wyszczegllniam tu dwa giéwne problemy heliofizyki, do rozwiazania kt6-
rych moga przyczyni¢ si¢ prowadzone przeze mnie badania: problem ogrzewania
korony stonecznej oraz poczatkéw wiatru stonecznego. Omawiam réwniez cele
i motywacje, ktére staty za wyborem konkretnych metod badawczych, a przede

wszystkim nowatorskich dwuptynowych symulacji numerycznych.

1.1 Atmosfera Stonca

Medium znajdujace si¢ bezposrednio nad widoczna powierzchnia Stonca (fotosfera)
nazywane jest atmosfera stoneczna. Sktada si¢ ona z rozrzedzonej, czgSciowo zjo-
nizowanej i przeniknig¢tej polem magnetycznym plazmy, stad jest unikalnym S$ro-
dowiskiem badawczym, pozwalajacym bezposrednio obserwowaé szereg intere-
sujacych proceséw zachodzacych w jej ekstremalnych warunkach. Ze wzgledu
na duze réznice we wilasciwosciach fizycznych, temperaturze (Erdélyi i Ballai
2007), gestosci masy i poziomie jonizacji (Hansteen i in. 1997), rozrézniamy
kilka warstw w atmosferze stonecznej (Rys. 1, Rys. 2). U jej podstawy umiej-
scowiona jest wspomniana juz fotosfera o grubosci 500 km i o Sredniej tempera-
turze wynoszacej okoto 5600 K. Jest ona okoto 10* razy bardziej rozrzedzona niz
préznia uzyskiwana w laboratorium. Wyzej znajduje si¢ warstwa o grubosci okoto
1500 km, zwana chromosfera. Intuicyjnie spodziewamy si¢ spadku temperatury
plazmy w miar¢ oddalania si¢ od powierzchni Storica. Jest jednak doktadnie od-
wrotnie - obserwacje potwierdzaja stopniowy wzrost temperatury w chromosferze
i gwattowny jej skok w tak zwanym obszarze przejSciowym, az do ponad jednego
miliona Kelvinéw w znajdujacej si¢ powyzej koronie stonecznej (Grotrian 1939,

Edlén 1943, Aschwanden 2004). Ta, rozciagajac si¢ do 2-3 promieni slonecz-



nych, stopniowo przeksztalca si¢ w migdzyplanetarny wiatr stoneczny - strumien
czastek docierajacych do Ziemi i poza nia (Meyer-Vernet 2007). Okazuje sig, ze
ze wzgledu na stosunkowo niskie temperatury w fotosferze i chromosferze, war-
stwy te sa zdominowane przez czastki neutralne (neutraly), podczas gdy korona
powyzej jest praktycznie catkowicie zjonizowana. Zasadnym jest stwierdzenie, ze
chromosfera stanowi swoiste przejscie pomiedzy dwiema bardzo rézniacymi si¢

warstwami - powierzchnia Storica i jego korona.
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Rysunek 1: Schemat budowy Storica z zachowaniem skali (dzigki uprzejmosci NASA).

Whbrew nasuwajacym si¢ po przeczytaniu powyzszego akapitu skojarzeniom o
statycznych warstwach, atmosfera Stofica to wysoce dynamiczny oSrodek (Rys. 3).
Warstwy wyrézni¢ mozna dopiero po usrednieniu cech plazmy w kierunku pozio-
mym. Pod fotosfera znajduja si¢ komoérki konwekcyjne, w ktérych plazma po-
zostaje w nieustajacym ruchu - unosi si¢ ku gérze goracymi strumieniami, aby
nastepnie gwattownie ostygnac¢ po osiagnigciu fotosfery i rozpoczaé swdj ruch
z powrotem w glab warstwy konwekcyjnej. Widocznym na powierzchni Storica

efektem dziatania tych komoérek konwekcyjnych jest granulacja. Granule maja
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Rysunek 2: Obserwowane warstwy atmosfery Storica: od fotosfery po korone (Wede-

meyer 2016).

nieregularny ksztalt ze Srednica okoto 1.5 Mm, istnieja $rednio przez 8 - 20 minut
i sa one z kolei skupione w tak zwane supergranule (Rys. 1, Rys. 3).

Powyzej fotosfery, czyli w chromosferze, obserwujemy liczne wyrzuty plazmy,
nazywane strumieniami (z ang. jets). Szczegblnym ich przypadkiem sa spikule.
Wylaniajac si¢ z tta chromosferycznego ponad brzegami supergranul przypominaja
swoista trawe pokrywajaca Storice (Rys. 3). Omdéwione zostana one szczegdtowo
w dalszej cze¢sci niniejszej pracy.

Nawet zjonizowana, goraca i skrajnie rozrzedzona korona stoneczna pozostaje
w ciggltym ruchu. Wiatr stoneczny, to jest strumiefi natadowanych czastek (gtéw-
nie elektronéw i protonéw z wodoru, wraz z jadrami atomowymi, takimi jak helu)
wymiatajacy jej materie¢ w kierunku przestrzeni kosmicznej, jest znacznie zréz-
nicowany pod wzgledem predkosci (Bierman 1951; Parker 1965). Wyrézniamy
szybki, réwnomierny wiatr, emanujacy z polarnych dziur koronalnych i w odlegto-

$ci 1 au od Storica poruszajacy sie z predkoscia okoto 750 km s~!, a takze powolny,
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Rysunek 3: Schemat budowy atmosfery w obszarze spokojnego Storica, od fotosfery,

umiejscowionej w y = 0, po korong (Wedemeyer 2016).

sporadyczny, pochodzacy z aktywnych obszaréw réwnikowych i osiagajacy 400
km s~!. Linie pola magnetycznego rozciagaja sie promieniowo w obszarach dziur
koronalnych i nie zapgtlaja si¢ bezposrednio z powrotem do Stonica, zapewniajac
otwarta $ciezke dla szybkiej plazmy, ktéra wymyka si¢ grawitacji.

Na uwage zastuguje problem pola magnetycznego w atmosferze Stoica. Wy-
twarzane w jego glebi w procesie dynama magnetycznego w poblizu tachokliny
(w warstwie pomi¢dzy radiacyjnie zdominowanym centrum, a konwekcyjnie zdo-
minowanymi warstwami zewng¢trznymi), unoszone jest poprzez plazme¢ ku po-
wierzchni Stofica. Tam, wmrozone w plazme¢ pole magnetyczne wylania si¢ po-
nad fotosfer¢ w formie dwdéch najczesciej spotykanych struktur (Rys. 3). Pierwsza
sa zamknigte magnetyczne pgtle koronalne, czgsto zgrupowane w postaci arkad.
Druga natomiast - sa tuby magnetyczne o otwartych liniach pola. W obszarach
szczegollnie silnego pola magnetycznego plazma pozostaje chtodna i rozrzedzona.
Stad tez obszary te pozostaja ciemne na tle tarczy stonecznej i nazywane sa pla-

mami stonecznymi. W momencie zetknigcia si¢ przeciwnych linii pola magne-



tycznego dochodzi do rekoneksji” - przetaczenia linii, w wyniku ktérego energia
uwigziona w postaci pola magnetycznego zostaje uwolniona do otaczajacej pla-
zmy.

Warto podkreslié, ze poprzez proces “wmrozenia” w plazme¢ pole magnetyczne
odgrywa jedna z kluczowych rél w procesach zachodzacych w atmosferze Stonca.
Ruchy plazmy wptywaja na ksztalt pola magnetycznego - a pole magnetyczne
zmienia ruch plazmy. Do szczegdlnego przypadku dochodzi, kiedy ci$nienie ma-
gnetyczne znaczaco przewyzsza ciSnienie hydrostatyczne plazmy. Wtedy zachodzace
procesy sa zdominowane przez pole magnetyczne. Jest tak gléwnie w obszarze

plam stonecznych i w koronie.

1.2 Centralne problemy heliofizyki

Wspomniane wczedniej zjawiska, to jest gwattowny skok temperatury plazmy w
obszarze przejSciowym oraz generacja i przyspieszanie wiatru slonecznego, sta-
nowia dwa najpowazniejsze i do tej pory nie rozwiazane problemy heliofizyki.
W celu ich rozwiazania musimy odpowiedzie¢ na kilka powiazanych ze soba py-
tan:

a) jak transportowana jest energia do wyzszych warstw atmosfery stonecznej?

b) w jakich procesach energia ta zamieniana jest na energi¢ cieplna?

c) jak i w ktérych warstwach atmosfery generowany jest wiatr stoneczny?

d) jak do wyzszych warstw atmosfery stonecznej transportowana jest materia
uzupetniajaca straty zwiazane z wiatrem stonecznym?

Aby wywota¢ gwattowny skok/spadek wtasciwosci fizycznych w obszarze przej-
Sciowym a takze, aby uzupetnia¢ straty radiacyjne, do korony stonecznej musi by¢
dostarczana energia. Fale jako potencjalne Zrédto i mechanizm transportu potrzeb-
nej energii zostaly zaproponowane juz przez Biermanna (1946), Schwarzschilda
(1948) 1 Schatzmana (1949). Typowe fale rozchodzace si¢ w plazmie w obec-
nosci pola magnetycznego staja si¢ falami magnetohydrodynamicznymi (MHD)

(Alfvén 1942). Fale te mozna podzieli¢ na fale Alfvéna oraz powolne i szyb-
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kie fale magnetoakustyczne (Nakariakov i Verwichte 2005, Priest 2014). Ostatnie
dwa rodzaje staja si¢ odpowiednio wolnymi i szybkimi falami magnetoakustyczno-
grawitacyjnymi w obecnos$ci pola grawitacyjnego. Jednakze, gdy rozpatrywane sa
nizsze warstwy atmosfery stonecznej, jednoptynowe podejscie MHD nalezy uznac
za zbyt uproszczone i musi by¢ ono zastapione teoria wieloptynowa.

Problem wiatru stonecznego wymaga z kolei ustalenia Zrédet przeptywu ma-
terii, ktéry dostarcza unoszonga wraz z wiatrem plazmg¢. Wczedniej opracowane
modele zakladaly, ze wiatr stoneczny bierze swéj poczatek w wewngtrznych ob-
szarach korony (np. Tu 1987). Niedawno Tu (2005) odkryt odptywy plazmy
przechodzace w wiatr stoneczny juz na wysokosciach 5 do 20 Mm ponad fotosfera.
Odptywy te osiagaja predkosé do 10 km s~!' na wysokosci 20 Mm. Nacisk po-
tozono réwniez na poszukiwanie podobnych odplywéw w regionie chromosfery
/ obszaru przejSciowego. Stwierdzono, iz odpltywy plazmy moga by¢ wywoly-
wane zaréwno przez strumienie i wyrzuty plazmy (np. De Pontieu i in. 2007),
wynurzajace si¢ skrgcone pole magnetyczne (np. Yang i in. 2013) a za zapewnie-
nie pedu poruszajacej si¢ w gore plazmie odpowiadaé¢ moga fale MHD (np. Arber
iin. 2016), w tym fale Alfvéna (Matsumoto i Suzuki 2012).

Pomimo badan teoretycznych, prowadzonych na szeroka skalg obserwacjach
kosmicznych i naziemnych oraz licznych symulacjach numerycznych oba pro-

blemy uznaje si¢ oficjalnie za nierozwiazane.

1.3 Cele niniejszej pracy

Celem niniejszej pracy jest zbadanie, poprzez wykonanie symulacji numerycz-
nych, zjawisk zachodzacych w realistycznej, grawitacyjnie uwarstwionej i prze-
niknigtej polem magnetycznym atmosferze Slorica. Skupiajac si¢ na modelach
ptynowych (jednoptynowy model MHD oraz dwuptynowy model czgSciowo zjo-
nizowanej plazmy), zbadane zostaly mechanizmy powstawania i ewolucji r6znego
typu wyrzutéw plazmy chromosferycznej, oraz rozchodzenia fal w strukturach at-

mosfery Storica. Panuje zgoda, ze procesy falowe odgrywaja istotna role w trans-
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porcie energii i jej wyzwalaniu w plazmie atmosfery stonecznej. Do tej pory byty
one badane w ramach modeli MHD. Jednak, ze wzgledu na dominacj¢ neutra-
16w w nizszych warstwach atmosfery, rola oddziatywan pomigdzy jonami i neutra-
tami nie moze by¢ pomijana, i w rezultacie modele MHD nie moga by¢ uznane za
wystarczajace. Procesy fizyczne zachodzace w fotosferze i chromosferze powinny
by¢ ponownie zbadane przy uzyciu bardziej realistycznych modeli opisujacych do-
ktadniej czgsciowo zjonizowana plazme. Efekty dwuptynowe zdaja si¢ by¢ istotne
dla przeptywu energii, masy i pedu, z tego tez wzglgdu moga by¢ zwiazane z ciagle
nierozwigzanymi problemami heliofizyki, to jest: ogrzewaniem chromosfery i ko-
rony (np. Aschwanden 2004) oraz generacja i przyspieszaniem wiatru stonecznego
(np. Meyer-Vernet 2007). Atmosfera stoneczna dziata jak filtr, przepuszczajac do
wyzszych warstw tylko fale o czgstotliwosciach powyzej czestotliwosci odcigcia,
podczas gdy fale o dtugich okresach zanikaja wraz z wysokoscia (Lamb 1909,
1910). W zwiazku z tym, ze dwuplynowe fale o wysokich czestotliwosSciach maja
potencjat do dostarczenia masy i energii do wyzszych warstw atmosfery stonecz-
nej, rézne sposoby zamiany tej energii na energi¢ cieplng, jak poprzez zderzenia
jondéw i neutraléw, powinny by¢ zbadane w nastgpnej kolejnosci.

Omawiane symulacje numeryczne stymulowane sa przez najnowsze dane ob-
serwacyjne dotyczace mechanizméw zwiazanych z ogrzewaniem chromosfery i ko-
rony, generowaniem strumieni i wyrzutéw plazmy, wiatru stonecznego i falami
w chromosferze - jest to szeroki zakres zjawisk stonecznych, w ktérych medium
zZmienia si¢ z zimnego, zdominowanego przez neutraly, w gorace i prawie cal-
kowicie zjonizowane. CzgS$¢ proceséw jest rozwazana w ramach modeli MHD,
w wigkszosci jednak skupiamy si¢ na zjawiskach, dla zrozumienia ktérych prawi-
dlowe modelowanie neutratéw moze si¢ okaza¢ niezbgdne. Zjawiska te nie byly
dotychczas analizowane ani symulowane w takim zakresie, dlatego uzyskane dane
maja szanse by¢ przetomowe, dajac bezprecedensowy wglad we wszystkie wy-
zej wymienione kluczowe procesy heliofizyki. Do wykonania symulacji zostaty

uzyte wysoce zaawansowane kody numeryczne FLASH, PLUTO i JOANNA, ktére
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rozwiazuja wiele probleméw fizycznych w szerokim zakresie modeli plazmy (HD,
MHD, dwuptynowym). Przeprowadzone poréwnania wykazaty wyrazna korelacj¢

pomigdzy uzyskanymi numerycznie wynikami, a danymi obserwacyjnymi.

1.4 Organizacja pracy

Praca zostata uporzadkowana tematycznie. Réwnania uzyte do opisu plazmy astro-
fizycznej w przyjetych modelach opisane sa w rozdziale 2.0. Pierwsze z oma-
wianych projektéw skupiaja si¢ wokét symulacji numerycznych spikul i strumieni
plazmy (3.1 - 3.3). Nastepnie oméwione zostaly symulacje generowanych w fo-
tosferze fal monochromatycznych (3.4 - 3.6). Finalne dwa projekty - to ztoZzone
symulacje atmosfery stonecznej, od gérnych warstw konwekcyjnych az po korong
(3.7 - 3.8). Kazdy z nich opisany jest pod wzgledem zaktadanego celu, w szczegdl-
nosci obserwowanych zjawisk i procesow, ktére odtwarza i stara si¢ wytlumaczy¢ .
W podrozdziatach "Metodologia” opisane sa szczegdty uzytego modelu numerycz-
nego i wykorzystanego kodu. Moga one postuzyé w celu powtorzenia uzyskanych
wynikéw, ich weryfikacji, jak i kontynuowania konkretnych badafi. W opisie wy-
nikéw i podsumowaniu kazdego projektu ukazano jak wptynat on na poszerzenie
aktualnego stanu wiedzy. Pracg wieficzy "Podsumowanie” (4.0), skrécona litera-

tura i zataczone publikacje wtasne.
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2 Modele plazmy astrofizycznej

Na wstepie omawiam dwa modele plazmy stonecznej uzyte w symulacjach nume-
rycznych. Ze wzgledu na zréznicowana posta¢ wykorzystanych w poszczegélnych
projektach modeli/réwnan (réwnania idealne, r6wnania nieadiabatyczne), jak row-
niez na zmienne uzycie cztonéw dodatkowych (np. przewodnictwo cieplne, pro-
mieniowanie), szczegélowe omoéwienie uzytego modelu oraz posta¢ réwnan za-
warta jest osobno w kazdym artykule. Ponizej przedstawiam jedynie podstawowe

omdwienie rownan uzytych w modelu MHD oraz modelu dwuptynowym.

2.1 Roéwnania magnetohydrodynamiczne

Opis plazmy stonecznej poprzez réwnania MHD taczy w spéjna catos¢ hydrody-
namik¢ (réwnania Naviera-Stokesa) oraz elektrodynamike (rownania Maxwella).
Dzigki temu mozliwy jest opis przewodzacego prad plynu w obecnosci pola ma-
gnetycznego. Istotne jest, iz w skutek indukcji magnetycznej w poruszajacym si¢ w
obecnosci pola magnetycznego plynie powstaje prad elektryczny. W wyniku dzia-
tania sity Lorentza zachodzi oddziatywanie zwrotne powstatych pradéw z polem
magnetycznym, co z kolei wptywa na wielko$¢ tego pola oraz ruch ptynu. W du-
zym skrécie mozemy powiedziec, ze pole magnetyczne wplywa na ruch plazmy,
a ruch plazmy wptywa na pole magnetyczne. Dodatkowo w osrodku opisywanym
réwnaniami MHD moze rozchodzi¢ si¢ dodatkowy rodzaj fal — tak zwane fale Al-
fvéna. Idealne, adiabatyczne réwnania MHD maja postaé (Priest i in. 1982):

de

V- (oV =0, 1
at+ @v) v
9 1
(QV>+V-(QVV+p)=—(VXB)XB+Qg’ @
u
O N Vp=—ypV-V, &
ot
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gdzie o oznacza ggsto$¢ masy, p - ciSnienie gazu, V to predkos$¢ plazmy, y - in-
deks adiabatyczny, B - pole magnetyczne, u - przenikalno$¢ magnetyczna, T to

temperatura determinowana przez réwnanie gazu doskonatego:

kg
p=—eT, )
m
kg - stata Boltzmanna, m - masa czasteczkowa, a g = 274.78 m s~2 - przyspieszenie

grawitacyjne przy powierzchni Storica.

2.2 Réwnania dwuplynowe

Réwnania MHD zaktadaja catkowita jonizacje ptynu. W rzeczywistoSci poni-
zej obszaru przejsciowego i powyzej fotosfery poziom jonizacji spada ponizej 1.
Oznacza to, ze chtodna plazma chromosferyczna sklada si¢ w wigkszosci z czaste-
czek neutralnych. W zwiazku z tym do opisu czgSciowo zjonizowanej plazmy uzy-
wamy tak zwanych rownan dwuplynowych (Braginskii 1956). Pierwszym plynem
jest w pelni zjonizowana, oddziatujaca z polem magnetycznym plazma, natomiast
drugim jest nieoddzialujacy magnetycznie gaz neutralny. Udziat kazdego z tych
ptynéw determinowany jest przez stopien jonizacji, zas sprz¢zone sa one ze soba
poprzez zderzenia. Ze wzgledu na mata mase elektronéw, nie rozwazamy trze-
ciego ptynu, a zamiast tego wiazemy elektrony z jonami jako jeden ptyn jonowo -

elektronowy. Réwnania dwuptynowe zapisujemy w postaci (Oliver i in. 2016):

0on
;’ +V - (0nVn) = Sy 6)

t

0oi
— +V- (V) =-S,, 7
ot + (0iVi) r @)

AoV
(Qat )y, (©2VaVa + pul) = 008 + S, (8)
0(0; Vi 1

% + V- (iViVi+ pie]) = ;(VXB)XB+Qig—Sm, )
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%—?:Vx(vixB), V-B=0, (10)

oE,
+ V- [(Ex+ po)Vnl = gn +0ng- Vo + SE, (11)

ot

OE;
ot

B2 B
+V‘[(Ei+Pie+Z)Vi_;(V'B)]:Lr+CIi+Qig‘Vi_SE- (12)

Cziony 7Zrédlowe opisujace jonizacje/rekombinacje, S, zmiang pedu ze wzgledu

na zderzenia, Sy, 1 zmiany energii, Sg, sa dane przez:

S = oilaw0i — @ion), (13)

St = @c0ion(Vi — V), (14)

Sg = _a’chQn(Vi - Vn) + ——a0ion—— T = Th). (15)
2 y—1 MyUn

W powyzszych rownaniach indeksy i, , i . 0znaczaja odpowiednio jony, neutraty i
elektrony, symbole o; , ggstosci masy, Vien predkosci, pien ciSnienia, B natgzenie
pola magnetycznego. Tak jak poprzednio temperatury, Ti,, okreslone sa przez
réwnania gazu doskonatego:

kg kg
onTn, Dic=
MyMn myp

Pn = -0iT; . (16)
1

Oddziatywanie pomiedzy gazem neutralnym i zjonizowana plazma, charakteryzuje
si¢ przez wspdlczynnik tarcia (Zaqarashvili i in. 2011): @i, = ani = ac, ktéry
mozemy wyznaczy¢ uzywajac formuty (Braginskii 1965):

4 ) ©OiOn 8kB (E " Tn)

B M

(7)

dec = Z0in
3 mppi + mppn \ my

Przekrdj czynny na zderzenia o, zalezy Scisle od zaktadanego modelu zderzen.
W naszych badaniach korzystamy zaréwno z modelu klasycznego, jak i kwantowo
- mechanicznego (Vranjes i Krstic 2013). Warto zauwazy¢, ze czestotliwos$¢ zde-
rzef migdzy jonami a neutratami r6zni si¢ co do wartosci od czgstotliwosci zderzen
neutraly - jony (Ballester i in. 2018), i mozna je zapisac jako:

a 04
Vin = — > Vni = —. (18)
i ©On
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3 Badania wlasne - symulacje numeryczne zjawisk w at-

mosferze Stonca

W trzeciej czg¢Sci niniejszej rozprawy prezentuj¢ opis opublikowanych wynikéw
badan wtasnych. Publikacje zostaly przedstawione w porzadku tematycznym.

Pierwsze trzy z omawianych projektéw skupiaja si¢ na problematyce wyrzu-
téw strumieni plazmy w atmosferze Stofica. Jest to temat istotny, gdyz strumienie
te sa najlatwiejszymi do zaobserwowania przeptywami masy pomig¢dzy poszcze-
g6lnymi warstwami atmosfery Stofica. Symulowane spikule mimo lokalnej natury,
ze wzgledu na ich liczna obecnos$¢ w obserwacjach, moga by¢ odpowiedzialne za
procesy w skali globalnej. Z kolei mody entropii zastuguja na uwagg jako sto-
sunkowo §wieze odkrycie, rzucajace nowe $wiatlo na transport masy i energii w
obszarach aktywnych (Srivastava i in. 2018).

W dalszej czgsci prezentowane sa symulacje rozchodzenia sig fal akustycznych
i magnetohydrodynamicznych (w tym fal magnetoakustycznych i fal Alfvéna), w
réznych strukturach magnetycznych obserwowanych na Stoiicu. Kluczowa jest
tu préba odpowiedzenia na pytania: czy fale te moga transportowac energi¢ do
wyzszych warstw atmosfery Stofica? W jakim stopniu oraz w jakich procesach
energia ta moze zamienia¢ si¢ w energi¢ cieplna ogrzewajaca plazme?

Ostatnie dwa z omawianych projektéw probuja odpowiedzie¢ na pytanie, czy
rozwiazanie probleméw ogrzewania atmosfery stonecznej oraz poczatkéw wiatru
stonecznego moze leze¢ dostownie u podstaw tejze atmosfery — czyli w granula-
cji. Zaproponowanym procesem wydzielania energii cieplnej sa zderzenia jonowo-
neutralowe, a wiec efekt mozliwy do zbadania wytacznie w symulacjach dwupty-

nowych.

3.1 Spikule - efekty adiabatyczne i nieadiabatyczne

Cel badan

Chcac w pelni zrozumie¢ cel pierwszego projektu (KuZzma i in. 2017a) ko-
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nieczne jest na wstepie krétkie oméwienie problematyki spikul. Spikule, w pol-
skiej nomenklaturze znane réwniez jako bryzgi chromosferyczne, sa wyrzutami
chtodnej i gestej plazmy chromosferycznej w obszarze dolnych warstw korony
stonecznej. Zaobserwowane zostaty po raz pierwszy ponad 130 lat temu (Secchi
1887) w postaci cienkich podtuznych struktur widocznych na tarczy stoneczne;.
Od tego czasu sa przedmiotem intensywnych studiéw (Beckers 1968, 1972, Su-
ematsu 1998, Sterling 2000, Zaqarashvili i Erdélyi 2009). W obserwacjach spikule
unosza si¢ z chromosferycznego tta na wysokosci okoto 2000 km nad powierzchnig

Storica, gdzie ujawniaja predkosci wynoszace okoto 25 km s~

Po osiagnigciu
maksymalnej wysokosci materia chromosferyczna albo spada w dét, z powrotem
w kierunku obszaru przejSciowego (spikule typu I), albo rozprasza si¢ w koronie,
a sama spikula zanika (spikule typu II). Typowy czas zycia spikul wynosi 5 — 15
min, ze Srednig wartoscia okoto 7 min, za$ ich §rednica jest szacowana na 660+200
km (Pasachoff i in. 2009). Spikule wydaja si¢ sktada¢ z podwdjnych wrzeciono-
watych struktur (Tanaka 1974, Dara i in. 1998, Suematsu i in. 2008) i ujawniaja
dwukierunkowe przeptywy (Tsiropoula i in. 1994, Tziotziou i in. 2003, 2004,
Pasachoffet i in. 2009). Typowa temperatura elektronowa i ggstos¢ elektronéw w
spikulach to (15 — 17) x 10° Ki2 x 10" — 3.5 x 10'° cm™3 na wysokosci 4 — 10
Mm nad powierzchnia Storica (Beckers 1968). W rezultacie spikule sa znacznie
chtodniejsze i ggstsze niz typowa plazma w dolnej koronie stoneczne;j.
Opracowano szereg modeli teoretycznych w celu wyjasnienia mechanizmu po-
wstawania spikul w nizszych warstwach atmosfery stonecznej. Wykonano réwniez
wiele modeli numerycznych, majacych symulowac spikule wywotywane poprzez
impulsowe uwolnienie energii u ich podstawy w chromosferze lub nawet w fotos-
ferze. Pod uwage wzigto takie mechanizmy, jak impuls predkosci plazmy, ciSnienia
lub falg Alfvéna, ktéra przechodzi w fale uderzeniowa (Sterling 2000). Hansteen i
in. (2006) oraz De Pontieu i in. (2007) symulowali tworzenie si¢ i ewolucj¢ dyna-
micznych widkien plazmy, powstatych z powolnych szokéw magnetoakustycznych

w dwuwymiarowych symulacjach numerycznych. Zasugerowali oni, Ze szoki te
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powstaja, gdy fale akustyczne generowane przez przeptywy konwekcyjne i mody
p rozchodzace si¢ z nizszej fotosfery do przeniknigtej polem magnetycznym chro-
mosfery. Heggland i in. (2007) uzyli okresowego oscylatora do wywotywania
jednowymiarowych szokéw przemieszczajacych si¢ w gére atmosfery stonecznej,
a Martinez-Sykora i in. (2009) rozwazyli wylaniajacy si¢ strumiefi magnetyczny,
w ktérym spikula miataby powsta¢ w wyniku energii wyzwolonej w zapadajacej
si¢ granuli w goérnej fotosferze lub dolnej chromosferze. W symulacjach tych nie
uzyskano jednak struktur podwdéjnych i przeptywédw dwukierunkowych. Z drugiej
strony Murawski i Zaqarashvili (2010) przeprowadzili dwuwymiarowe symulacje
plazmy opisywanej réwnaniami MHD i pokazali, ze model szokéw 2D Hollwega
(1982) moze wyjasnia¢ zaréwno podwdjne struktury, jak i przeplywy dwukierun-
kowe. Uzyli oni pojedynczego impulsu poczatkowego w predkosci plazmy, co
doprowadzito do powstawania kolejnych szokéw w wyniku nieliniowego rozcho-
dzenia si¢ impulsu w uwarstwionej atmosferze. Martinez-Sykora i in. (2018) wy-
konali symulacje atmosfery stonecznej z uwzglgdnieniem dyfuzji ambipolarne;.
W rezultacie otrzymali oni struktury w znacznym stopniu przypominajace spikule
stoneczne.

Zrozumienie doktadnych mechanizméw powstania i ewolucji spikul wymaga
dalszych badai. Dodatkowo wigcej niz jeden mechanizm moze odgrywac tu rolg,
w zaleznoSci od lokalnych wtasciwosci plazmy i pola magnetycznego.

Metodologia

Do rozwigzania rownafi MHD uzyliSmy kodu numerycznego PLUTO (Mi-
gnone 1 in. 2007, 2012). Nasz obszar symulacji w 2D przestrzeni o symetrii
osiowej (r,y) zostal zadany jako (0.0 < r < 5.12) Mm X (1.0 < y < 40.0) Mm,
gdzie y = 0 oznacza dolna warstwe fotosfery. Do naszego badania wykorzystali-
Smy jednolita siatkg w obrebie (0.0 < r < 5,12) Mm X (1.0 < y < 1.24) Mm,
ktéry to obszar zostat pokryty przez 1024 x 2048 punktéw siatki. Prowadzi to
do 5-kilometrowej rozdzielczoSci w dolnej czesci obszaru symulacji, a wigc tam,

gdzie zachodzi ewolucja spikul. Powyzej, to jest w obszarze (0.0 < r < 5.12)
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Mm x (11.24 < y < 40.0) Mm, wprowadziliSmy wzdluz osi y rozciagnigta siatke
0 648 komorkach rosnacych wraz z wysokoscia. Taka rozciagnigta siatka peini
role gabki pochtaniajac sygnat wejSciowy pozwalajac na uniknig¢cie znaczacych
odbi¢ od gérnej granicy obszaru symulacji. NarzuciliSmy otwarte warunki brze-
gowe dla r = 5 Mm, réwnoczes$nie ustalajac wszystkie wielkosci charakteryzujace
plazme na ich wartosci réwnowagowe na goérnej i dolnej krawegdzi obszaru symu-
lacji. Lewa krawedzZ, (r = 0), zostata ustawiona jako osiowo symetryczna.

Aby wygenerowac spikule wykorzystaliSmy zlokalizowany w gérnej chromos-
ferze impuls w predkosci plazmy. Metoda ta jest podobna do obliczen przeprowa-
dzonych przez Shibate (1982), Sterlinga i in. (1993), Murawskiego i Zaqarashvi-
liego (2010) oraz Guerreiro i in. (2013). PodejScie to rézni si¢ od modeli, ktére
prébuja modelowaé spikule zakiéceniami w fotosferze (np. Suematsu i in. 1982,
Hollweg 1982).

Wyniki badan

Symulacje numeryczne wykazaty, ze sygnat rozchodzacy si¢ w gére szybko
wystramia si¢ w falg uderzeniowa, ktéry rozprzestrzenia si¢ w koronie wzdtuz
linii pola magnetycznego. Chtodny i gesty strumiefi plazmy chromosferycznej,
ktéry wykazuje wtasciwosci fali uderzeniowej osiaga znaczna wysokos¢ (zwykle
4-5 Mm powyzej fotosfery), a nastepnie powraca do chromosfery (Rys. 4). Sred-
nia predko$¢ przeptywu plazmy w gére wynosi 20-25 km s~!. Uzyskane wartosci
odpowiadaja warto$ciom podanym przez Beckera (1968, 1972). Zachodzace p6z-
niej oscylacje obszaru przejSciowego wzbudzane sa w chromosferze, a ich okres
jest zblizony do chromosferycznego okresu odcigcia. Sa one wynikiem nielinio-
wego wzbudzenia za impulsem, ktdry rozprzestrzenia si¢ w atmosferze uwarstwio-
nej (Kuridze i in. 2009). Te szoki podnosza chromosferyczna plazm¢ do ko-
rony i generuja quasi-okresowe strumienie plazmy. Jest to zgodne z modelem
zaproponowanym przez Hollwega (1982). Symulacje numeryczne pokazuja, ze
fala rozrzedzeniowa, ktéra nastepuje po fali uderzeniowej, powoduje zmniejszenie

gestodci masy w obrebie struktury spikuli. Zaréwno idealne, jak i nieadiabatyczne
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Rysunek 4: Symulacja numeryczna spikuli - przypadek adiabatyczny. Kolory ukazuja
ewolucj¢ w czasie gestosci masy, wektorami oznaczono pre¢dkosé plazmy (KuZma i in.

2017a).

symulacje daja zblizone wyniki jesli chodzi o maksymalna wysokos¢, predkosci
wznoszenia, czas zycia spikuli i okresowos¢ oscylacji wtérnych. Efekty nieadia-
batyczne powoduja wzrost maksymalnej wysokosci o okoto 10-15 %, a czas zycia
o okoto 15-20 %. Konkludujac, efekty nieadiabatyczne nie wptywaja znaczaco na
dynamike spikul, jedynie nieznacznie zwigkszaja maksymalne wysokosci i czas

zycia.
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3.2 Spikule - efekty dwuplynowe

Cel badan

Jako ze obszar, w ktérym generowane sa spikule, zdominowany jest przez
czastki neutralne, przeprowadziliSmy symulacje spikul w rezimie dwuptynowym
(KuZma i in. 2017b). Osobne potraktowanie catkowicie zjonizowanej plazmy oraz
gazu neutralnego jako dwdéch plynéw powiazanych wylacznie przez zderzenia po-
zwolilo na przesledzenie ich ewolucji i ewaluacj¢ wptywu efektéw dwuptynowych
na generacj¢ i ewolucje spikul.

Metodologia

Rozwiazujac réwnania dwuptynowe numerycznie, uzyliSmy kodu numerycz-
nego JOANNA (Wéjcik 2017). W naszym problemie okreslony zostal dwuwy-
miarowy obszar symulacji w (x, y) jako (-1.28 < x < 1.28) Mm X (1.75 <y <
50.0) Mm, gdzie y = 0 oznacza dolna warstwe fotosfery. W symulacjach nu-
merycznych przyjeliSmy jednolita siatkg w obszarze (—1.28 < x < 1.28) Mm X
(1.75 £ y < 6.12) Mm, ktéry jest pokryty 256 X 512 punktami siatki. Ta siatka
prowadzi do rozdzielczo$ci 10 km w gtéwnym obszarze pola symulacji, to jest po-
nizej y = 6.12 Mm. Ponownie powyzej tego obszaru, a mianowicie w prostokacie
(-1.28 < x < 1.28) Mm X (6.12 < y < 50.0) Mm, wykorzystaliSmy rozciagni¢ta
siatke ze 128 komérkami wydiuzajacymi si¢ w kierunku y wraz z wysokoscig. Na-
rzuciliSmy otwarte warunki brzegowe umozliwiajace wyplyw sygnatu na granicach
bocznych, podczas gdy na gérze i na dole wszystkie parametry plazmy ustawione
zostaty na ich wartosci w stanie réwnowagi.

Zmianie ulegta metoda generacji spikuli. Prosty impulsowy sygnat w predkosci
zastgpiony zostat przez realistyczny, zmienny w czasie sygnal w ci$§nieniu plazmy.
Podstawowy mechanizm tych symulacji polega na tym, ze sygnaty, umiejscowione

w obszarze o 8 = < 1, rozdzielaja si¢ na dwie rozprzestrzeniajace si¢

P
(B/2p)
wzdhuz linii pola magnetycznego powolne fale magnetoakustyczne; w dét rozcho-
dza si¢ fale powolne zanikajace w czasie (nie pokazane w ramach tych obliczen),

podczas gdy w gbre rozchodza si¢ fale powolne o rosnacych amplitudach. Te ostat-
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nie przeksztalcaja si¢ w powolna fale uderzeniowa ze wzgledu na spadek gestosci
masy wraz z wysokoscia. Plazma chromosferyczna pozostaje w tyle za frontem fali
uderzeniowej, tworzac fale entropii (kontaktowa) formujaca spikulg¢. Zauwazmy,
ze sygnal w ci$nieniu generuje réwniez szybkie fale magnetoakustyczne, s3 to jed-
nak fale o matej amplitudzie, ktére rozprzestrzeniaja si¢ w przestrzeni w sposéb
quasi-izotropowy. Zaznaczmy rowniez, ze zaburzenie generuje jonowe fale ma-
gnetoakustyczne i neutralne fale akustyczne (Zaqarashvili et al. 2011).

Wyniki badan

Kluczowe wnioski z naszych symulacji mozna podsumowaé w nastgpujacy
sposéb: a) dynamika spikul jest nieco inna, kiedy obserwowana jest w zjonizowa-
nej plazmie, niz kiedy obserwowana jest w gazie neutralnym; b) rdzen spikuli jest
zdominowany przez chtodne neutraly; c) $rednica spikuli neutralnej jest wigksza
w poréwnaniu do spikuli jonowej; d) jonizacja pozostaje w zasadzie niezmienna
wraz z wysokoscia i odlegto$cia pozioma od Srodka spikuli, jedynie czubek spikuli
jest gestszy i chtodniejszy (a wiec takze stabiej zjonizowany). Ogélny scenariusz
ewolucji w czasie jest zblizony dla jonéw i neutraléw i réwnoczesnie zbiezny z
ustaleniami dla réwnan MHD (Rys. 5). Szczyt spikuli, podobnie jak jej boki
stanowi stosunkowo gesta plazma, podczas gdy wngtrze rozrzedza si¢ w czasie z
powodu fali rozrzedzeniowej przemieszczajacej si¢ w gore. Powyzej wierzchotka
spikuli mozemy dostrzec staty strumied jondw wtlaczanych w wyzsze warstwy
korony stonecznej. Ponadto, wraz z uplywem czasu rozpoczyna si¢ opadanie spi-
kuli, poczynajac od jej czesci zewngtrznej. Duza czgstos$¢ zderzen migdzy jonami
i neutratami jest kluczowym czynnikiem przeciwdziatajacym réznicom w dyna-
mice jonow i neutraléw w spikulach. Bezposredni wptyw pola magnetycznego na
jony kontroluje szerokos$¢ spikuli jonowej. W zwiazku z tym spikule jonowe sa
bardzo dobrze skupiona kolumna jonéw o niewielkiej szerokosci. Niewrazliwe na
bezposredni wptyw pola magnetycznego, neutraly maja zdolnos¢ rozprzestrzenia-
nia si¢ w kierunku poziomym; wszelkie ograniczenia wynikaja z kolizji jonowo-

neutralowych. W rezultacie spikula neutralna jest nieznacznie tylko szersza. Po-
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Rysunek 5: Dwuptynowa symulacja numeryczna spikuli. Kolory ukazuja ewolucj¢ w cza-
sie ggstosci masy jondw (gorne panele) i neutratéw (dolne panele), wektorami oznaczono

predkos¢é plazmy (KuZma i in. 2017b).

niewaz pole magnetyczne wplywa na jony réwniez w fazie ich spadku w dét, po-
wstaje dobrze skupiony stup opadajacej plazmy, ktéry zwigkszajac ciSnienie u pod-
stawy spikuli wytwarza strukture w ksztalcie litery V. Opadajacy gaz neutralny nie
jest utrzymywany przez pole magnetyczne i moze przenika¢ do otaczajacej korony.

W fazie opadania w chmurze neutratéw otaczajacej spikule, pojawiaja si¢ niesta-
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bilnosci Rayleigha-Taylora (Allen i Hughes 1984) (Rys. 5, prawy dolny panel).

3.3 Mody entropii w obszarze pélcienia plamy stonecznej

Cel badan

Mody entropii zostaty po raz pierwszy zauwazone w przeptywach naddZwigko-
wych spowalnianych do predkosci poddZwigkowych i opisano je jako potencjalna
samokorekte rozktadu predkosci (Crocco 1958). Na Storicu zostaty one zaobser-
wowane w wysokiej rozdzielczo$ci mapach réznicowych uzyskanych przez Inter-
face Region Imaging Spectrograph (IRIS) wykonanych dla linii C II (dtugos¢ 1330
A). Obserwowany obszar skupiat si¢ na otoczeniu plamy stonecznej w dniu 8 paz-
dziernika 2014 r. z rozdzielczoScia przestrzenna 0.4” na piksel (gdzie 17°= 725
km), odpowiadajaca 290 km na Storicu na piksel (Rys. 6). Uzyskano sekwencje
obejmujaca 2 godziny miary tukowej z 19 sekundowa rozdzielczo$cia czasowa z
kilkoma zaobserwowanymi Zrédtami modéw entropii. Mapy réznicowe zostaty
wykonane poprzez pobranie kazdego obrazu i odje¢cie poprzedniego w sekwencji
czasu. Obserwowana plama stoneczna stanowi zakotwiczenie petli magnetycznej,
rozciagajacej si¢ do lezacej powyzej aktywnej korony. Poniewaz zaobserwowane
strumienie plazmy powstaja lokalnie i pozostaja takie przez caly czas zycia, mé-
wimy tu o ”zlokalizowanych modach entropii” (Srivastava i in. 2018). Wszystkie
zaobserwowane wyrzuty plazmy sa widoczne w linii C II 1330 A, nie sa natomiast
widoczne w mapach réznicowych linii Mg I1 2796 A, co wskazuje, ze powstaja one
w obszarze przejsciowym / koronie wewnetrznej po ewolucji perturbacji umiejsco-
wionej w gérnych warstwach chromosfery. Gesta plazma zostaje wyrzucona na
wysoko$¢ ~ 5 Mm formujac ksztatt zblizony do kuli, za ktéra podaza rozrzedzony
”ogon”. Szacowana predkos¢ rozchodzenia si¢ modu entropii w widzianej ptasz-
czyznie wynosi ~ 30 km s™!'. Jest to dolna granica, ze wzgledu na inklinacje
trajektorii strumienia plazmy, rzeczywista predkos¢ moze by¢ wyzsza. Jest to war-
to$¢ wyzsza niz predkosé dZzwigku oszacowana w temperaturze formowania linii

C II (log[T]= 4.5). Charakterystyczna predkos¢ dZwicku w temperaturze formo-
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wania si¢ linii C II jest szacowana na 26 km s~!. Predko$¢ wyrzucanej plazmy jest

wigc nieznacznie wyzsza niz charakterystyczna predkos$é dzwigku.
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Rysunek 6: Obserwacje mod6w entropii. Jasny kolor ukazuje silnie zaggszczone czoto

strumienia plazmy, ciemny kolor oznacza post¢pujace za nim rozrzedzenie (Srivastava i in.
2018).

Metodologia

Dwuptynowe réwnania opisujace cze$ciowo zjonizowana plazme rozwiazaliSmy
numerycznie uzywajac kodu JOANNA. Dwuwymiarowy obszar symulacji okre-
Slony zostat poprzez (—2.56 < x < 2.56) Mm X (1.75 < y < 15.0) Mm, gdziey = 0
oznacza dolnga warstwe fotosfery. Ponizej wysokosci y = 6.87 Mm wykorzystali-
$my jednorodna siatk¢ numeryczna o pojedynczej komérce 5 km X 5 km. Powyzej
tego obszaru znalazla si¢ rozciagnigta siatka z 64 komérkami wydtuzajacymi sie w
kierunku y wraz z wysokoscia.

Bazujac na modelach uzytych wczesniej do symulowania spikul, opracowali-

$my model fizyczny zlokalizowanych modéw entropii powstajacych w silnym polu
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magnetycznym obszaru pétcienia plamy stonecznej. Réwnowaga hydrostatyczna
w plazmie zostata zakldcana przez zlokalizowane, zmienne w czasie zaburzenie
w ci$nieniu jonéw i gazu neutralnego. Pozycja zaburzenia odpowiada obszarowi
B < 1, czyli magnetycznie zdominowanej, czg§ciowo zjonizowanej plazmy w gor-
nej warstwie chromosfery stonecznej. W obszarze tym wolne i szybkie fale magne-
toakustyczne sa stabo sprz¢zone. W zalozeniu zastosowane przez nas zaburzenie,
odpowiada energii uwalnianej podczas potencjalnych mikrorekoneksji pomigdzy
poskrgcanymi liniami silnego pola magnetycznego w obszarze péicienia plamy
stonecznej. Zasadniczo generowane sa powolne fale magnetoakustyczne, ktére
rozprzestrzeniaja si¢ wzdtuz linii pola magnetycznego. Po przejsciu przez obszar
przejSciowy fala rozchodzi si¢ dalej, jako staby powolny szok. Plazma ciagnaca
si¢ za jasnym i gestym czolem tworzy rozrzedzony ogon, co w znacznym stopniu
zgadza si¢ z obserwacjami. Mod entropii i postepujace rozrzedzenie odpowiadaja
fali kontaktowej i fali rozrzedzeniowe;.

Wyniki badan

Czasowa ewolucja powolnej fali uderzeniowej i modu entropii wskazuje, ze
fala uderzeniowa opuszcza domen¢ magnetoplazmy we wczesnej fazie jej ewo-
lucji, podczas gdy postgpujacy strumien plazmy pozostaje z niag zwiazany podczas
catkowitego okresu zycia, to jest ~ 150 s (Rys. 7). Dlatego transport energii i masy
jest zwiazany w zasadzie wyltacznie z modem entropii. Strumien energii powigzany
z modem entropii jest o rzad wielkosci wiekszy niz dla powolnego szoku. W
gérnej chromosferze i obszarze przejsciowym ten strumien energii (~ 8 x 103
W m™2) jest wystarczajacy do lokalnego pobudzenia nizszej atmosfery stonecz-
nej. Poréwnanie strumieni energii przenoszonych przez mod entropii i powolna
fale uderzeniowa wykazuje znaczenie modéw entropii réwniez w koronie, gdzie
przenosi znaczna iloéé energii (~ 10> W m~2), ktéra lokalnie jest wystarczajaca
do zrekompensowania strat radiacyjnych przy zatozeniu odpowiedniego mechani-
zmu rozpraszania tej energii. Rowniez strumiefi masy poruszajacej si¢ wraz z mo-

dem entropii jest wigkszy niz w przypadku powolnej fali uderzeniowej. Warto$¢
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Rysunek 7: Symulacja numeryczna modu entropii. Kolor ukazuje ewolucje w czasie

gestosci masy jondw (Srivastava i in. 2018).

strumienia masy (~ 107 kg m~2 s™!) obliczonego w naszym modelu wskazuje,
ze mody entropii moga doprowadza plazm¢ do korony powyzej regionéw ak-
tywnych i w efekcie przynajmniej czg¢Sciowo rekompensowaé takze ubytki masy.
Ze wzgledu na miejsce powstawania, czyli chtodna, zdominowana przez neutraty
plazme¢ chromosferyczna, wigkszos$¢ strumienia masy i energii jest przenoszona do
obszaru przejSciowego i korony wtasnie przez neutralne czastki. Neutraly moga
przekazywaé swoja energi¢ do otaczajacej plazmy koronalnej w procesie zderzen
z jonami. Zderzenia te termalizuja energi¢ kinetyczna czastek, powodujac lokalne

ogrzewanie plazmy. W ten spos6b mody entropii moga stopniowo zanika¢ po do-
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tarciu do korony, gdzie ich energia zostaje rozproszona. Jest to zgodne z obser-
wacjami, w ktérych nie zauwazamy wyraznej fazy opadania strumienia plazmy
z powrotem w kierunku obszaru przejsciowego - zdaja si¢ zanika¢ w otaczajacej
plazmie. Ze wzgledu na znaczna ilo§¢ modéw entropii wystgpujacych réwnocze-
Snie na niewielkim obszarze moga one odgrywac kluczowa rolg w kompensowaniu
strat radiacyjnych i dostarczaniu materii do obszaréw aktywnych korony stonecz-
nej. Konieczne sa jednak dalsze badania w celu ustalenia, czy sa one bezposrednio

zwiazane z tworzeniem si¢ powolnego wiatru stonecznego?

3.4 Fale Alfvéna w otoczeniu magnetycznego punktu zerowego

Cel badan

Rysunek 8: Obserwacja magnetycznego punktu zerowego wykonana podczas misji

TRACE, 4 wrze$nia 2000 roku (Parnell i in. 2015).
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Rysunek 9: Symulacja numeryczna fali Alfvéna w otoczeniu magnetycznego punktu ze-
rowego, umiejscowionego w punkcie x = 0,y = 4.2 Mm (KuZma i in. 2015). Kolor uka-
zuje ewolucj¢ w czasie z-owej sktadowej predkosci, wektory natomiast obrazuja predkosé

plazmy w ptaszczyznie x — y.

Celem tego projektu bylo opracowanie analitycznego i numerycznego modelu

skretnej fali Alfvéna, rozchodzacej si¢ wzdtuz struktury ztozonej z dwéch wyltania-
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jacych si¢ arkad magnetycznych (KuZzma i in. 2015). Arkady, bedace ztozeniem
petli koronalnych sa powszechnie obserwowane w obszarach aktywnych. Istot-
nym elementem rzeczonej struktury jest magnetyczny punkt zerowy/linia zerowa
znajdujaca si¢ ponad nimi (Rys. 8). Jako, ze fala Alfvéna nie moze rozchodzi¢ si¢
w osrodku, w ktérym brak jest pola magnetycznego, chcieliSmy tu sprawdzi¢ jakie
konsekwencje dla jej rozchodzenia si¢ bgdzie miata linia zerowa oraz czy fala Al-
fvéna bedzie w stanie przedostac si¢ do korony stonecznej powyzej linii zerowe;j?

Metodologia

Przy uzyciu kodu FLASH z siatka samoadaptacyjna wykonaliS§my symulacje
numeryczne skrgcenia linii magnetycznych w konfiguracji magnetycznej linii zero-
wej dwoch arkad magnetycznych, ktére sa osadzone w grawitacyjnie uwarstwionej
i magnetycznie zamknietej koronie stonecznej. OpracowaliSmy model atmosfery
stonecznej w 2.5 wymiarach (2.5D), a wigc umozliwiajacy rozchodzenie si¢ zabu-
rzeh w z—towej sktadowej wektoréw predkosci, V, 1 pola magnetycznego, B,. Do
rzeczonego modelu zaimplementowaliSmy pole magnetyczne w ksztatcie dwoéch
arkad magnetycznych, powyzej ktérych znajduje si¢ zerowa linia magnetyczna.
U podstawy tej struktury linie pola magnetycznego skrecane zostaty przez oscyla-
tor w z—towej sktadowej wektora predkosci, V..

Wyniki badan

Skrecenie linii pola magnetycznego, umiejscowione okoto 200 km ponizej ob-
szaru przejsciowego, generuje fale Alfvéna i magnetoakustyczne, ktére rozchodza
si¢ wzdluz linii pola magnetycznego (Rys. 9). W wyniku sprzezenia tych fal
zachodzi czgs$ciowe odbicie od obszaru przejSciowego i rozpraszanie w obszarze
niejednorodnej predkosci Alfvéna. W skutek tego czes¢ fal jest w stanie ominaé
magnetyczna lini¢ zerowa i penetrowaé obszary koronalne powyzej. Fale Alfvéna
doswiadczaja szybkiego tlumienia w skalach czasowych poréwnywalnych z ich

okresami falowymi, a system fizyczny doSwiadcza relaksacji w czasie.
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3.5 Fale w strukturach subtelnych tub magnetycznych

Cel badan

Duza czg$¢ dynamiki plazmy stonecznej determinowana jest przez pole ma-
gnetyczne i wydaje si¢, ze to ostatnie jest kluczem do zrozumienia wielu proce-
sow fizycznych na Stoicu. Pole magnetyczne jest rozproszone na catym Storicu
zarbwno w postaci bardzo zlozonych (tj. obszaréw aktywnych), jak i prostych
konfiguracji (w obszarach spokojnego Stonica i dziur koronalnych). Tuby magne-
tyczne koncentruja pole magnetyczne o sile okoto 10° Gs na poziomie fotosfery.
W epoce obserwacji o wysokiej rozdzielczo$ci mozemy z cala pewnoscia stwier-
dzi¢, ze sa one powszechne w chromosferze (np. Hansteen i in., 2006, De Pon-
tieuet, 2007, Rouppe van der Voort i in., 2009, Kuridzeet al.2015, Srivastava i in.
2017). Potaczona dynamika tub magnetycznych i plazmy stonecznej prowadzi do
réznorodnoSci struktur w chromosferze (np. spikule, strumienie plazmy, mody en-
tropii). Fale MHD sa integralna czgScia tych struktur magnetycznych i moga by¢
badane za pomoca wysokiej rozdzielczoSci zaawansowanych symulacji numerycz-
nych (np. DePontieu i in., 2007, Zaqarashvili i Erdélyi2009, Okamoto i De Pontieu
2011, Tavabi i in., 2015, W¢jcik i in. 2017). Najnowsze obserwacje CRISP / SST
(CRisp Imaging SpectroPolarimeter/Swedish 1 m Solar Telescope) ujawnity, ze
tuby magnetyczne nie sg koniecznie strukturami monolitycznymi, ale zamiast tego
dziela si¢ na bardzo wyrazne nici magnetyczne. Srivastava i in. (2017) ogtlosili
jako pierwsi obserwacje krotkookresowych (~ 50 s) fal skretnych rozchodzacych
si¢ w takiej ustrukturyzowanej tubie magnetycznej. Fale te zostaly zinterpreto-
wane jako torsyjne fale Alfvéna. Autorzy opracowali monolityczny model tréjwy-
miarowej tuby magnetycznej i pokazali, ze rzeczone fale wykazuja potencjat do
ogrzewania korony stonecznej. W naszych badaniach skupiliSmy si¢ na stworze-
niu odpowiadajacej obserwacjom, a wigc nie monolitycznej, a ustrukturyzowanej
(sktadajacej si¢ z wrzecionowatych pasm plazmy) tuby magnetycznej poddane;j
dzialaniu skretnego zaburzenia (wiru) umiejscowionego u jej podstawy (KuZma i

Murawski 2018).
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Metodologia

W celu numerycznego rozwiazania rownann MHD ponownie uzyliSmy kodu
PLUTO. Poniewaz interesuje nas skrecenie struktury w trzech wymiarach, wyko-
rzystaliSmy tréjwymiarowy obszar symulacji (x,y,z): (—0.64,0.64) Mm x(1.75,
20.0) Mm x(-0.64, 0.64) Mm, gdzie y = 0 Mm oznacza dolng warstwe¢ fotos-
fery. W symulacjach numerycznych uzyliSmy jednolitej siatki w obrgbie regionu
(—0.64 < x < 0.64) Mm x(1.75 < y < 4.31) Mm X(-0.64 < z < 0.64) Mm. Ten
obszar zostat pokryty przez 256 X 512 X 256 punktéw siatki, co sprowadza si¢ do
rozdzielczo$ci wynoszacej 5 km, a wigc wystarczajacej do przesledzenia ewolucji
badanych struktur. Powyzej tego obszaru, mianowicie dla (—0.64 < x < 0.64) Mm
x(4.31 < y < 20.0) Mm X(—0.64 < z < 0.64) Mm, zaimplementowaliSmy siatke
rozciagnieta wzdhuz kierunku y, ktora jest podzielona na 128 rosnacych wraz z
wysokoscia komorek.

W celu wywotania wyrzutu chtodnej chromosferycznej plazmy w obszar ko-
rony zastosowali$my, podobnie jak w przypadku generowania spikul, zmienne w
czasie zaburzenie w ci$nieniu plazmy umieszczone na dole obszaru symulacji,
ponizej obszaru przejSciowego. Narastajace zaburzenie w ciSnieniu gazu gene-
ruje pig¢ strumieni chlodnej plazmy chromosferycznej wypetniajac magnetyczna
strukture takze powyzej obszaru przejSciowego i w koronie. Dodatkowo u pod-
stawy tuby magnetycznej umiesciliSmy oscylator skrecajacy ja z okresem Py =
50 s.

Wyniki badan

ZbadaliSmy fale rozchodzace si¢ wzdtuz ustrukturyzowanej tuby magnetycznej
sktadajacej si¢ z pigciu gestych wrzecion plazmowych (Rys. 10). We wszystkich
wzbudzonych strukturach mozna zobaczy¢ powloki opisane wczesniej przez Mu-
rawskiego i in. (2015), ktére moga by¢ réwniez dowodem absorpcji rezonansowe;j
(Goossens i in. 2013). Struktura powtok moze réwniez wynika¢ z poziomego
profilu temperatury w poprzek struktur, wptywajac na predkos¢ dzwigku i rozcho-

dzenie si¢ fal. W rezultacie zaburzenia skrgtnego u podstawy tuby magnetycz-
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Rysunek 10: Linie pola magnetycznego (lewy panel) i gesto$¢ masy struktur subtelnych

(prawy panel) symulowanej tuby magnetycznej (KuZma i Murawski 2018).

nej obserwujemy skretne fale Alfvéna w strukturze centralnej i fale typu zmijki w
strukturach niecentralnych. Okresy fal wzbudzonych w goérnej chromosferze nie
zmieniaja si¢ znaczaco wraz z wysokoSciag. W wyniku niehomogenicznosci pla-
zmy wzdtuz kierunku rozchodzenia si¢ fal, wygenerowanych jest kilka okreséw
krétszych lub dtuzszych niz okres dominujacy, P = 50 s. Dla Pq = 50 s, otrzymane
dlugosci fal Alfvéna znajduja si¢ w zakresie 20-25 Mm, podczas gdy odpowiednie
dlugosci fal typu zmijki waha si¢ pomiedzy 5 a 50 Mm.

Poprzeczne fale MHD (tj. zaréwno skretne Alfvéna jak i fale typu zmijki)
przenosza energi¢ do gérnych warstw atmosfery stonecznej, ktéra to energia moze
odgrywaé znaczaca rolg w ogrzewaniu korony (Rys. 11). Struktury tuby magne-
tycznej przenosza strumienie energii o wartosci okoto 10> Wm=2. U podstawy

tuby magnetycznej maksimum tego przeptywu znajduje si¢ w centralnej struk-
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Rysunek 11: Ewolucja w czasie strumienia energii, F, na wysokosci y = 3 Mm (linia
ciagta), y = 5 Mm (dlugie linie przerywane) y = 7 Mm (krétkie linie przerywane) iy = 9
Mm (lina kropkowana), dla przypadkéw Py = 50's, Py = 126's, P4 = 1801 P4 = 300 s (od
gbérnego lewego po dolny prawy panel). Rys. z pracy Kuzma i Murawski (2018).

turze. Wraz z wysokoScia ta tendencja si¢ zmienia, strumien energii w Srodko-
wej strukturze znacznie maleje, podczas gdy nie obserwujemy takiego procesu w
strukturach niecentralnych. Dochodzimy tu do istotnego wniosku, ze w strukturze
niejednorodnej tuby magnetycznej za przenoszenie energii do wyzszych warstw
korony odpowiedzialne sa gtéwnie fale typu zmijki, a nie skrgtne fale Alfvéna.
Przy odpowiednich mechanizmach dysypacji przenoszonej energii, ktérych nasz
model nie uwzglednia, ta ilo§¢ energii moze by¢ wystarczajaca do ogrzania korony
stonecznej (Withbroe i Noyes 1977).

Oprdcz nowo obserwowanych krétkotrwatych oscylacji skrgtnych (Pq = 50 s),
zbadaliSmy réwniez oscylacje o okresach Pq = 126 s (Jess i in. 2009), a takze oscy-
lacje 3 1 5 minutowe (Pq = 180 s 1 300 s). Krétkookresowe oscylacje poprzeczne
przenosza strumien energii o wartosci maksymalnej okoto 2.5 x 103 Wm™2 u pod-

stawy tuby magnetycznej. Ta warto$§¢ zmniejsza si¢ w kolejnych okresach z po-
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wodu ekspansji i ciaglego rozrzedzania si¢ plazmy wewnatrz struktury. Warto$¢
strumienia energii spada takze wraz z wysokoS$cia. Na wysokosci y = 9 Mm osiaga
pomijalnie mata warto$¢, ponizej 10> Wm™2. Fale o dtuzszych okresach przenosza
energi¢ do wyzszych warstw korony stonecznej z wigksza efektywnosciag. Warto
zauwazyC, ze najmniejsze straty energii odpowiadaja oscylacjom 3-minutowym.
Uzyskane wyniki wskazuja, ze krétkotrwate oscylacje poprzeczne zanikaja gwal-
townie wraz z wysoko$cia, podczas gdy oscylacje o dtuzszych okresach skutecznie
rozchodza si¢ powyzej wysokosci y = 9 Mm. Na podstawie przeprowadzonych ba-
dan wnioskujemy, ze te niejednorodne tuby magnetyczne moga skutecznie przeno-
si¢ zaréwno skretne fale Alfvéna, jak i fale typu zmijki i wraz z nimi transportowac

istotne ilosci energii z chromosfery do wyzszych warstw korony stoneczne;.

3.6 Ogrzewanie plazmy dwuplynowymi falami akustycznymi

Cel badan

Jak juz zostatlo wspomniane we wstepie, idea, ze fale akustyczne moga ogrze-
wacé atmosfere stoneczna, zostat przedstawiona przez Biermana (1946) i Schwarz-
schilda (1948). Oni to po raz pierwszy zaproponowali, ze fale akustyczne moga
by¢ gléwnym czynnikiem grzewczym chromosfery, przy czym wskazali na czoto
wystramiajacej si¢ wraz z wysokoscia w atmosferze fali szokowej, jako gléwny
mechanizm ogrzewania plazmowego. PéZniej szeroko zbadano problem ogrzewa-
nia chromosferycznego przez fale akustyczne. W 1995 r. Carlsson i Stein za-
kwestionowali §redni wzrost temperatury plazmy w akustycznie ogrzewanej chro-
mosferze. Fossum i Carlsson (2005, 2006) przeprowadzili symulacje numeryczne
fal akustycznych o wysokiej czgstotliwosci i doszli do wniosku, Ze nie sa one
wystarczajace do ogrzania chromosfery. Z drugiej strony Ulmschneider i Musielak
(2003) stwierdzili, ze fale akustyczne sa gléwnym Zrédlem ogrzewania w niema-
gnetycznych regionach chromosfery, a Cuntz i in. (2007) dostarczyli istotnych do-
wodéw, ze to ogrzewanie moze by¢ lokalnie dominujace. Uzywajac dwuwymiaro-

wych symulacji numerycznych Maneva i in. (2017) pokazali, ze fale magnetoaku-
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styczne, rozchodzac si¢ w uwarstwionej grawitacyjnie chromosferze, prowadza do
zmian w temperaturze plazmy. Naszym celem jest kontynuacja i zweryfikowanie
wspomnianych powyzej badani poprzez wykonanie nowatorskich, w petni dwupty-
nowych symulacji fal akustycznych rozchodzacych si¢ w atmosferze Storica, oraz
iloSciowe okreslenie ciepta uwalnianego w procesach dwuptynowych w chromos-
ferze (Kuzma i in. 2019).

Metodologia

Dwuptynowe, jednowymiarowe réwnania opisujace plazme rozwiazaliSmy nu-
merycznie przy uzyciu kodu JOANNA. Nasz jednowymiarowy obszar symulacji
pokrywa region pomiedzy fotosfera (y = 0 Mm) i niska korona (y = 2.5 Mm) i
zostal podzielony na 25 x 10* jednakowych komérek numerycznych. W ten spo-
sob uzyskaliSmy region charakteryzujacy si¢ wysoka rozdzielczo$cia przestrzenna,
Ay = 100 m. Powyzej tego regionu, to jest dla obszaru 2.5 Mm < y < 30 Mm, uzy-
liSmy 128 komérek numerycznych o dtugosci rosnacej wraz z wysokoscia. Region
ten pochtania fale pochodzace z dolnych warstw obszaru symulacji i wigzi sygnat
zmniejszajac odbicia od gérnej krawedzi. Dla krétszych okreséw zastosowaliSmy
odpowiednio wyzsza rozdzielczo$¢ przestrzenna w celu uniknigcia numerycznego
ttumienia fal. U dotu obszaru symulacji zaimplementowany zostat sinusoidalny
oscylator wzbudzajacy jonowe i neutralne fale akustyczne o zadanych okresach i
amplitudzie réwnej 0.1 km s~!.

Wyniki badan

OdkryliSmy, ze fale akustyczne o okresach pomiedzy 30 s a 200 s prowadza
do podgrzewania chromosfery, podczas gdy temperatura gérnej fotosfery pozo-
staje prawie niezmieniona (Rys. 12). Amplituda fali roSnie wraz z wysokoscia z
powodu spadku gestosci masy (np. Murawski i in. 2018), a zatem wzrost ampli-
tudy moze dominowaé nad ttumieniem w wyniku kolizji jonowo-neutratowych.
Takie fale maja zdolno$¢ przenikania wyzszych warstw atmosfery stonecznej i
rozpraszania swojej energii w chromosferze. Jednak w przypadku fal o niskiej

amplitudzie przenoszona energia pozostaje niska, a ogrzewanie plazmowe jest tam
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Rysunek 12: Usredniona po czasie relatywna temperatura jonéw, H = T;/Ty w zaleznosSci
od okresu zaburzenia, P4, na wysokoSciy = 1 Mm (kwadraty), y = 1.25 Mm (romby),

y = 1.5 Mm (tréjkaty) i y = 1.75 Mm (kota). Rys. z pracy: KuZzma i in. (2019).

niewystarczajace do zrekompensowania strat radiacyjnych. Wykonujac nasze sy-
mulacje, daliSmy kolejny przyczynek do trwajacej dyskusji na temat ogrzewania
plazmowego za pomoca fal akustycznych. Poprzednie prace, takie jak wykonane
przez Carlssona i in. (2007), Andic¢ i in. (2008) oraz Sobotke¢ i in. (2014),
opierajace si¢ na oszacowaniach obserwacyjnych i réwnaniach jednoptynowych
prowadzily do wniosku, Ze energia przenoszona przez fale akustyczne moze skom-
pensowal pewna czg$¢ strat radiacyjnych. Nasze wyniki pokazuja, ze ogrzewanie
plazmy wynikajace ze zderzen jonowo-neutralowych w falach akustycznych o am-
plitudzie réwnej 0.1 km s~!, cho¢ istotne w dtuzszych interwatach czasowych, to
nie wystarcza do pelnego skompensowania strat radiacyjnych i dodatkowy mecha-

nizm ogrzewania jest w tym wypadku niezbedny.

3.7 Granulacja a ogrzewanie atmosfery stonecznej

Cel badan

Niniejszy projekt (W¢jcik i in. 2019a), wraz z nastgpujacym po nim, a oma-
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wiajacym poczatki wiatru stonecznego (Wdjcik i in. 2019b), sa w zasadzie ukoro-
nowaniem kilkuletniej pracy badawczej. Celem omawianego projektu byto spraw-
dzenie, czy energia przenoszona przez fale dwuptynowe i wyzwalana jako energia
cieplna w procesie zderzen jonéw z neutratami jest w stanie skutecznie ogrzewac
plazmeg w fotosferze, chromosferze i obszarze przejSciowym. Poprzez skuteczne
ogrzewanie mamy tu na mysli osiagnig¢cie stanu quasi-stacjonarnego, to jest ta-
kiego, w ktérym wszelkie straty energetyczne w skutek radiacji, jak i przekazywa-
nie ciepla w procesie przewodnictwa cieplnego beda catkowicie rekompensowane
przez deponowana energi¢. W naszym eksperymencie numerycznym chcieliSmy
uniknac sztucznego wywotywania zaburzen, aby osiagnac stan jak najbardziej zbli-
zony do realistycznej atmosfery Stoica. Dlatego tez rzeczone fale dwuptynowe
generowane sa naturalnie w gérnych warstwach konwekcyjnych, gdzie zachodzi
samoistnie zjawisko granulacji.

Metodologia

Symulowany obszar ma wymiary w kierunku poziomym (x-) i pionowym (y-),
tak, ze (=5.12 < x < 5.12) Mm X (-5.12 < y < 30) Mm. Dzigki temu jesteSmy
w stanie symulowaé zaréwno niestabilny konwekcyjnie obszar tuz ponizej fotos-
fery, jak i atmosfere stoneczna. Ponizej wysokoSci y = 5.12 Mm, ustawili§my
jednorodna siatk¢ numeryczna 20 km X 20 km, natomiast powyzej, startujac od
podstawy korony umiejscowionej na wysokosci y = 2.1 Mm, znajduje si¢ siatka
rozciagnigta. Wszystkie parametry plazmy goérnej i dolnej krawedzi symulacji
ustawione sa na ich hydrostatyczne wartosci, pozostate dwie krawedzie maja usta-
wione periodyczne warunki brzegowe. Symulacje zostaty przygotowane i wyko-
nane w kodzie JOANNA.

W przeprowadzonych symulacjach numerycznych fal dwuplynowych w czg-
Sciowo zjonizowanej atmosferze stonecznej, uwzgledniliSmy: przewodnictwo cie-
plne, lepkos¢ i dyfuzyjno$¢ magnetyczna. Do opisujacych atmosferg Stonca row-
nafn dwuptynowych wtaczony zostal réwniez czton radiacyjny. Sktada si¢ on z

dwoch czgsci: optycznie grubego chlodzenia, ktére dziata w dolnych warstwach
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atmosfery oraz optycznie cienkiego chlodzenia, ktére dziata w gérnych obszarach
atmosferycznych. W kazdym kroku czasowym obliczamy glebokos$¢ optyczna,
zaczynajac od nieskoriczonosci. Dla glgbokoSci optycznych wigkszych niz 0.1
uzywamy aproksymacji optycznie grubego chtodzenia (Abbett i Fisher 2012). Dla
glebokosci optycznych ponizej 0.1 uzywamy cienkiej krzywej chtodzenia (Cox i
Tucker 1969), ktoéra jest interpolowana przez wielomian 10 rzgdu. Aby uwzglednié
transport energii do obszaru symulacji z nizej potozonych obszaréw konwekcyj-
nych, dolna warstwa jest dodatkowo podgrzewana przez czton o 10% przewyzszajacy
radiacje. Na dolnej krawedzi obszaru symulacji zaimplementowany zostat takze
jednostajny wptyw plazmy, o predkosci V = 0.25 km s~! uzupetniajacy straty
masy zwiazane z plazma wyplywajaca przez gérna krawedZ obszaru symulacji
oraz straty energii zwiazane z radiacja (Chatterjee 2018). W obszarze symulacji
ustawione zostalo pionowe pole magnetyczne.

Wyniki badan

ZaobserwowaliSmy, iz ponizej fotosfery, w niestabilnym konwekcyjnie regio-
nie pojawia si¢ i ewoluuja samoorganizujace si¢ komoérki konwekcyjne z granulacja
na ich szczycie. Poczatkowe pionowe pole magnetyczne tworzy szereg tub ma-
gnetycznych zakorzenionych pomiedzy granulami (Rys. 13). W wyniku ewolu-
cji uktadu juz na poziomie fotosfery generowane sa neutralne fale akustyczne i
jonowe fale magneto-akustyczne. Czg$¢ energii przenoszonej przez te fale jest
rozpraszana w procesie zderzen neutralno-jonowych w fotosferze i chromosferze.
W rezultacie dwuplynowe fale generowane przez granulacje skutecznie ogrzewaja
plazme, kompensujac straty radiacyjne i wynikajace z przewodnictwa cieplnego.
Co istotne, uzyskana quasi-stacjonarna atmosfera Storica charakteryzuje si¢ rozkta-
dem temperatur zblizonym do pétempirycznego modelu Avretta i Loesera (2008)
(Rys. 14). Poniewaz po raz pierwszy udato si¢ uzyskaé zgodnos$¢ z modelem opar-
tym na obserwacjach, bez uwzglgdnienia ogrzewania przez bezposrednio wzbu-
dzone fale szokowe, dochodzimy do wniosku, ze nasze wyniki wyjasniaja gtéwne

mechanizmy falowego ogrzewania regiondw spokojnego Storica.
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Rysunek 13: Symulacja numeryczna realistycznej granulacji i atmosfery stonecznej. Ko-
lory obrazuja logarytm wyrazonej w Kelvinach temperatury jonéw, logT;, z nalozonymi

liniami pola magnetycznego (Wdjcik i in. 2019a).

Wartym odnotowania jest fakt, ze zaréwno: lepkos$¢, dyfuzyjnos¢ magnetyczna,
jonizacja i rekombinacja, ktére zostaty konsekwentnie wdrozone w uzytym mo-
delu, maja swoj udziat w utrzymaniu stanu réwnowagi, jednak to ogrzewanie wy-

nikajace ze zderzen jondw z neutralami pozostaje mechanizmem dominujacym.

3.8 Granulacja a powstawanie wiatru sfonecznego

Cel badan

Projekt ten, bedacy w istocie rozwinigciem powyzej przedstawionego projektu
badajacego ogrzewanie atmosfery Storica generowanymi przez granulacje falami
dwuplynowymi, miat na celu zbadanie generowanych przez granulacj¢ przepty-
woéw plazmy (Wdjcik i in. 2019b). ChcieliSmy odpowiedzie¢ na pytanie, czy
przeptywy te moga miec istotny udziat w generacji wiatru stonecznego, dostarcza-

niu materii i energii w celu jego podtrzymania, oraz przede wszystkim - czy uzy-
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Rysunek 14: Uzyskany numerycznie horyzontalny profil temperatury jonéw, warto$¢ mi-
nimalna (niebieska linia przerywana), maksymalna (czerwona linia przerywana) i Srednia

(linia ciagla). Linia kropkowana obrazuje temperature w modelu Avretta i Loesera (2008).

Rys. z pracy Wéjcik i in. (2019a).

skane parametry fizyczne przeptywoéw sa zgodne z danymi obserwacyjnymi dla

obszaréw, w ktoérych zgodnie z obecnym stanem wiedzy ma swdj poczatek wiatr

stoneczny (Tu i in. 2005)?

Metodologia
W naszych symulacjach zastosowali§my metodologi¢ analogiczna do tej uzyte;j

podczas badai ogrzewania atmosfery. Inny jest natomiast obszar symulacji. W

kierunku poziomym (x-) i pionowym (y-) zostal on ustawiony tak, ze (-2.56 <
x < 2.56) Mm X (-2.56 < y < 30) Mm. Ponizej wysokosci y = 5.12 Mm,

ustawiliSmy siatke numeryczna o rozmiarze komdrki 10 km X 10 km, powyzej
tego obszaru rozciagneliSmy siatke w kierunku pionowym dzielac ja na komérki,
ktérych rozmiar ro$nie wraz z wysokoscia.

Wyniki badan

Ponownie zaobserwowaliSmy, jak w niestabilnym konwekcyjnie regionie umiej-

scowionym ponizej fotosfery pojawia si¢ i ewoluuja samoorganizujace si¢ komoérki
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Rysunek 15: Symulacja numeryczna realistycznej granulacji i powiazanych odpty-
wow plazmy stonecznej (Wdjcik i in. 2019b). Kolory obrazuja logarytm gestosci jo-
néw, log(oi(x, y)), z nalozonymi liniami pola magnetycznego (lewy panel) oraz pionowa
sktadowa predkosci jonow Vi, (x, y). Gesto$¢ masy jonéw wyrazona jest w 10718 g cm™ a

predkosé jonéw w km s~!.

konwekcyjne z granulacja na ich szczycie. Poczatkowe pionowe pole magnetyczne
tworzy szereg tub magnetycznych zakorzenionych pomiedzy granulami (Rys. 15,
lewy panel). Powyzej granul generowane sa odplywy plazmy, ktérych amplituda
wzrasta wraz z wysokoScia. Uwigzione w odptywach pole magnetyczne oddzia-
tuje z otaczajacym polem magnetycznym. Po osiagnigciu obszaru przejSciowego
plazma uwalniana jest do korony, w ktérej kontynuuje ucieczke wzdtuz otwartych
linii pola magnetycznego (Rys. 15, prawy panel). Sa to pierwsze tak zaawanso-
wane symulacje taczace poprzez chromosferg zjawiska zachodzace w fotosferze z
koronalnymi odptywami masy, stanowiacymi poczatkowa faz¢ wiatru stonecznego.
Nalezy podkresli¢, iz uzyskane wtasciwosci fizyczne tychze odptywdéw pozostaja

w catkowitej zgodnosci z danymi obserwacyjnymi.
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4 Podsumowanie

Przeprowadzone badania rzucity nowe Swiatto na mechanizmy powstawania i ewo-
lucje spikul i modéw entropii, a takze na transport energii w dolnych warstwach
atmosfery stonecznej. Jednak co szczegélnie istotne, zblizyliSmy si¢ znacznie do
udzielenia odpowiedzi na najwazniejsze pytania zaprzatajace gtowy heliofizykéw.

Wiemy juz, ze efekty dwuplynowe odgrywaja wazna, jesli nie kluczowa rolg,
w procesach zwigzanych z ogrzewaniem plazmy w fotosferze i chromosferze. Pel-
nym sukcesem zakoniczyly si¢ symulacje atmosfery stonecznej z radiacja, prze-
wodnictwem cieplnym i samoistnie powstajaca granulacja. Okazalo si¢, ze ta ostat-
nia generuje cate spektrum fal (neutralnych fal akustycznych i jonowych magneto-
akustycznych), ktére przenosza energi¢ do wyzszych warstw atmosfery stonecz-
nej. Cieplo wydzielane w procesie zderzen migdzy jonami i neutratami jest wy-
starczajace do uzupetnienia strat radiacyjnych, a wiec i do podtrzymania stabilne;j
atmosfery Stonca. Udalo si¢ nam ustalié, iz to wtasnie ciepto wydzielane w zde-
rzeniach, a nie to zwiazane z lepkoscia czy tez ciepto Joule’a, jest dominujacym
mechanizmem ogrzewajacym chromosferg. Co wigcej, wywotane granulacja prze-
pltywy fotosferycznej plazmy generuja i podtrzymuja odptywy plazmy koronalnej
przechodzace w wiatr stoneczny. Wszystkie uzyskane rezultaty pozostaja w zgo-
dzie z danymi obserwacyjnymi i wnosza istotny wktad w zrozumienie proceséw

zachodzacych na Stoncu.
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ABSTRACT

Aims. We aim to study the formation and evolution of solar spicules using numerical simulations of a vertical velocity pulse that is
launched from the upper chromosphere.

Methods. With the use of the PLUTO code, we numerically solved adiabatic and non-adiabatic magnetohydrodynamic (MHD) equa-
tions in 2D cylindrical geometry. We followed the evolution of spicules triggered by pulses that are launched in a vertical velocity
component from the upper chromosphere. Then we compared the results obtained with and without non-adiabatic terms in the MHD
equations.

Results. Our numerical results reveal that the velocity pulse is steepened into a shock that propagates upward into the corona.
The chromospheric cold and dense plasma follows the shock and rises into the corona with the mean speed of 20-25 kms™'. The
nonlinear wake behind the pulse in the stratified atmosphere leads to quasi-periodic rebound shocks, which lead to quasi-periodic
rising of chromospheric plasma into the corona with a period close to the acoustic cut-off period of the chromosphere. We found that
the effect of non-adiabatic terms on spicule evolution is minor; the general properties of spicules such as their heights and rising-time
remain slightly affected by these terms.

Conclusions. In the framework of the axisymmetric model we devised, we show that the solar spicules can be triggered by the vertical
velocity pulses, and thermal conduction and radiative cooling terms do not exert any significant influence on the dynamics of these

spicules.

Key words. Sun: activity — magnetohydrodynamics (MHD) — methods: numerical — Sun: corona — Sun: transition region

1. Introduction

Spicules are thin, cool, and dense structures that are observed
in the solar limb (Beckers 1968, 1972; Suematsu 1998; Sterling
2000; Zagarashvili & Erdélyi 2009). They are seen to emerge
from the chromospheric background at an altitude of about
2000 km above the solar surface where they reveal a speed of
25 kms~!, reach a maximum level, and then either disappear or
sink down to the chromosphere. A typical lifetime of spicules is
within the range of 5—15 min with an average value of ~7 min
(Pasachoff et al. 2009). Spicules seem to consist of double-
thread structures (Tanaka 1974; Dara et al. 1998; Suematsu et al.
2008), and they reveal bidirectional flows (Tsiropoula et al.
1994; Tziotziou et al. 2003, 2004; Pasachoff et al. 2009). Typ-
ical electron temperature and electron density in spicules are
(15-17) x 10°® K and 2 x 10''-3.5 x 10'° cm ~3 at altitudes
of 4-10 Mm above the solar surface (Beckers 1968) with a
diameter estimated as 660 + 200 km (Pasachoff et al. 2009).
As a result, spicules are much cooler and denser than ambi-
ent coronal plasma. High-resolution observations by the Solar
Optical Telescope onboard Hinode have revealed another type
of spicules with many features different from those of classi-
cal limb spicules, and they are referred to as type II spicules
(De Pontieu et al. 2007). The type II spicules are distinguished
by (a) smaller diameters (<200 km) in the Ca II H line and a
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significantly shorter height of 4 Mm; (b) a lifetime of 10-150 s;
(c) the evolution, which shows an upflow and then disappears;
and finally by (d) much higher speeds of 50-100 kms™' (e.g.,
De Pontieu et al. 2007, 2009; Rouppe van der Voort et al. 2009;
Kuridze et al. 2015). Macrospicules were recently discussed by
Nobrega-Siverio et al. (2016), who considered whether the rel-
evance of the entropy sources in the surges, such as the op-
tically thin losses, can be applied to similar phenomena as
macrospicules.

In spite of various theoretical models that have been brought
forward to explain the spicule ejection in the lower solar at-
mosphere, many recent numerical methods have been devel-
oped to simulate the solar spicules or macrospicules with an
energy input at their base in the photosphere such as a gas
pressure pulse or an Alfvén wave that steepens into a shock
wave (Sterling 2000, and references therein). Hansteen et al.
(2006) and De Pontieu et al. (2007) simulated the formation of
dynamic fibrils that are due to slow magneto-acoustic shocks
through two-dimensional (2D) numerical simulations. They sug-
gested that these shocks are formed when acoustic waves gen-
erated by convective flows and global p-modes in the lower
lying photosphere leak upward into the magnetized chromo-
sphere. Heggland et al. (2007) used the initial periodic pis-
ton to drive the upward propagating shocks in 1D simulation,
and Martinez-Sykora et al. (2009) considered the emergence of
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new magnetic flux, but the drivers of spicules originate from
collapsing granules, energy release in the photosphere, or in
the lower chromosphere. However, these simulations were un-
able to mimic the double structures and bidirectional flows in
spicules. On the other hand, Murawski & Zaqarashvili (2010)
performed 2D numerical simulations of magnetohydrodynamic
(MHD) equations and showed that the 2D rebound shock model
of Hollweg (1982) may explain both the double structures and
bidirectional flows. They used a single initial velocity pulse,
which led to the formation of consecutive shocks as a result of
the nonlinear wake in the stratified atmosphere. However, they
considered a simple model of atmospheric temperature that was
approximated by a smoothed step function for the temperature
profile.

Understanding exact drivers of spicules requires further
investigation, and more than one mechanism may trigger their
evolution depending on the local plasma and magnetic field con-
ditions. The goal of this paper is to contribute to the above-
mentioned studies by performing simulations of the generation
and evolution of the spicules in the solar atmosphere and com-
pare our results for adiabatic and non-adiabatic MHD equa-
tions. The method we chose to trigger a spicule is a localized
vertical velocity pulse launched from the upper chromosphere.
This method is similar to the calculations performed by Shibata
(1982), Sterling et al. (1993), Murawski & Zaqarashvili (2010),
and Guerreiro et al. (2013). This approach differs from the
models that attempt to model spicules with a disturbance in
the photosphere (e.g., Suematsu et al. 1982; Hollweg 1982).
Guerreiro et al. (2013) studied the mid-chromospheric energy
inputs of earlier simulations by adding additional physics to the
radiative loss term and including hydrogen ionization and re-
combination. They concluded that it would be difficult to pro-
duce spicules through those previously suggested mechanisms
(specifically that of Sterling et al. 1993). Our simulations do not
include the detailed energy losses of Guerrero et al. However,
the energy input is different from that assumed by Guerrero et al.
and Sterling et al., who adopted localized increase in the heating
rate. Since the form of input energy is different, it is not clear
whether the losses Guerrero et al. took into account would have
any effect on the velocity of pulse-driven spicules. This will be
tested in the future studies.

This paper is organized as follows. A numerical model is
presented in Sect. 2, and the corresponding numerical results are
shown in Sect. 3. Our paper is concluded by a summary of the
numerical results in Sect. 4.

2. Physical model of the solar atmosphere
2.1. MHD equations

We consider a gravitationally stratified and magnetically con-
fined solar plasma that is governed by the following set of non-
adiabatic MHD equations:
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Fig. 1. Hydrostatic solar atmospheric temperature vs. height y.

where o is the mass density, p the gas pressure, V represents the
plasma velocity, B is the magnetic field, 7 the temperature, g
the anisotropic thermal conduction flux, L(p, T') radiatively thin
cooling terms (Mignone et al. 2007), and H(o., T.) denotes the
external heating therm that balances L and V-q at the equilibrium
that is specified in Sect. 2.2. This term depends only on the equi-
librium plasma quantities and therefore it does not vary in time.
The symbol kg denotes the Boltzmann constant, y = 5/3 is the
adiabatic index, m is the particle mass that is specified by a mean
molecular weight of 0.6, and g = (0, —g,0) is the gravitational

acceleration. The value of g is equal to 274 ms™2.

2.2. Equilibrium solar atmosphere

In a static solar atmosphere all plasma quantities are time-
invariant, which means that df./dt = 0, where f. denotes a
plasma quantity and the subscript e corresponds to the equilib-
rium. Then, from Egs. (1)—(4) it follows that for a still (V. = 0)
medium the Lorentz force must be balanced by the gravity force
and the gas pressure gradient,

1

;(V X Be) X Be = Vpe + 0eg = 0, Q)
and the heating term must compensate for the radiative losses
and thermal conduction,

H=L.T.)+V-q.. 6)

This model of the solar atmosphere corresponds to a quiet Sun.

2.2.1. Force-free magnetic field of the hydrostatic
atmosphere

A hydrostatic atmosphere corresponds to the force-free ((V X
B.) X B. = 0) magnetic field. We additionally assume a current-
free (V X B. = 0) magnetic field whose radial B.,, azimuthal By,
and vertical B, components are given as

Ber(rsy) = Ms
(P +(a-yp?)?
Be@(r7y) = O’
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Fig. 3. Magnetic field lines at the plasma equilibrium.

where a and S are free parameters corresponding to the vertical
location of the singularity in the magnetic field and the magnetic
field strength, respectively. We seta = —1 Mm and S in such way
that at the reference point (r = 0,y = y, = 6) Mm the magnitude
of magnetic field B, = 9.5 Gauss. The corresponding magnetic
field lines are displayed in Fig. 3. We note that the magnetic lines
diverge with height and B, is vertical along the symmetry axis,
r=0Mm.

For a force-free magnetic field it follows from Eq. (5) that
the gas pressure gradient has to be balanced by the gravity
force,

Vph = ong. (8)

The subscript h corresponds to a hydrostatic quantity. With the
use of the ideal gas law and the vertical y-component of Eq. (8),
we express the hydrostatic gas pressure and mass density as

Yo dy' ()
= - s = s 9
Pn(y) PoeXP( fy | A(y,)) o) = 2 )
where
Ay) = ks Th(y:) (10)
mg

is the pressure scale height, and py denotes the gas pressure at
the reference level, y = y;.

For simplicity reasons we assume that 7}, varies with height y
only, and it specifies a hydrostatic atmosphere that is determined
by the semi-empirical model of Avrett & Loeser (2008) that is
extrapolated into the solar corona (Fig. 1). In this model, the tem-
perature attains a value of about 7 x 10* K at the top of the chro-
mosphere, y ~ 2.0 Mm. At the transition region, which is located
aty ~ 2.1 Mm, T}, exhibits an abrupt jump (Fig. 1) and grows to
about 1.0x 10° K in the solar corona at y = 10 Mm. Higher up in
the solar corona, the temperature increases very slowly, tending
to its asymptotic value of about 2 MK at y = 40 Mm. The tem-
perature profile uniquely determines the equilibrium mass den-
sity and gas pressure profiles, which decrease with height (not
shown).

We specify the plasma S as the ratio of gas to magnetic
pressures,

_ Py
PO = B

The vertical profile of plasma § is illustrated in Fig. 2 (left panel).
We note that for the coronal plasma, the value of plasma S is
lower than 1 within the displayed region. The vertical profile of
the sound speed

Y

Ype(y)
2e(y)

cs(y) = 12)

is displayed in the right panel of Fig. 2. Below the transition
region, ¢; ~ 10 kms~!. Higher up ¢, grows, first fast right above
the transition region, and higher up slowly, reaching a value of
about 100 kms™! at y ~ 20 Mm.

2.2.2. Perturbation

Initially, at + = 0 s we perturb the model equilibrium by the
initial pulse in the y-component of velocity, which is expressed
as follows:

24 (= yo)?
V,(r.y) =Avxexp(—(z}—2yo)), (13)
where y is the vertical position of the initial pulse, w is its width,
and Ay its amplitude. We set and hold fixed w = 0.25 Mm, while
allowing other parameters to vary. For our studies, the initial
position of yy varies between 1.5 Mm and 1.75 Mm, and the
amplitude Ay varies between 30 kms™! and 50 kms~'. The de-
tailed studies were performed for the case of Ay = 40 kms™!
and yo = 1.75 Mm. The value of Ay may be associated with

reconnection of magnetic field lines.
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Fig. 4. Temporal evolution of log(o(r, y)) att = 20,1 =50s,t=110s,t = 175 s, t = 220 s, t = 300 s (from top left to bottom right), for adiabatic
MHD equations and for the case of Ay =40 km s7!and yo = 1.75 Mm. Arrows represent velocity vectors in the r — y plane, [V,, V,].

3. Numerical simulations of MHD equations

To solve Egs. (1)—(3) numerically, we used the PLUTO code
(Mignone et al. 2007, 2012). In our problem, we set the Courant-
Friedrichs-Levy number equal to 0.3 and chose piecewise TVD
linear interpolation in a second-order Runge-Kutta method,
which leads to second-order accuracy in space and time. Ad-
ditionally, we adopted the Harten-Lax-van Leer discontinu-
ities (HLLD) approximate Riemann solver (Miyoshi & Kusano
2005).

Our simulation box in (r,y) was set as (0.0,5.12) Mm X
(1.0,40.0) Mm, where y = 0 denotes the bottom of the photo-
sphere. For our study we used the uniform grid within the re-
gion (0.0 < r < 5.12) Mm X (1.0 < y < 11.24) Mm, which
is covered by 1024 x 2048 grid points. This leads to a resolu-
tion of 5 km in the lower regions of the simulation box. Above
this region, namely within the box (0.0 < r < 5.12) Mm X
(11.24 < y < 40.0) Mm, we implemented a stretched grid along
the y-direction; this box was divided into 648 cells whose size
grows with y. Such a stretched grid plays the role of a sponge as
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it absorbs incoming signal and allows us to avoid significant re-
flections from upper boundary. We imposed open boundary con-
ditions at r = 5 Mm, but at the bottom and top, we fixed all
plasma quantities to their equilibrium values. The left boundary
(r = 0) was set as axisymmetric.

The heating source term H in Eq. (3) was implemented as
follows. The code computed the residuum R° using the initial
condition and then it subtracted R also at later times during the
update over time step At as

U™ = U" + At(R" — R), (14)
where U" is a plasma vector state at time ¢t = nAt, n = 1,2,...
This automatically mimics the heating term without any need to
explicitly write it.

To fully understand the influence of non-adiabatic effects on
simulated spicules, we performed first simulations of the adia-
batic case, that is, without the thermal conduction and cooling
terms. Figure 4 shows the spatial profiles of logarithm of o(7, y)
at six instants of time. We note that the system is axisymmet-
ric along » = 0 Mm. The initial pulse in V) is launched from
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Fig. 5. Temporal evolution of o(r = 0,y) (top) and V,(r = 0, y) (bottom) for the case of adiabatic (left) and non-adiabatic (righf) MHD equations

and for Ay = 40 kms™! and yo = 1.75 Mm.

r = 0 Mm, y = 1.75 Mm, which is located about 0.35 Mm be-
low the transition region. The amplitude of the initial pulse is
Ay = 40 kms~!. The shock front that results from the initially
launched pulse arrives at the transition region and triggers the
plasma jet (top panels), which reaches its maximum height of
~4.3 Mm (top right panel). At later moments in time, the chro-
mospheric plasma injected into the corona begins to fall toward
the transition region (bottom left panel). The falling plasma then
triggers the second pulse (bottom middle panel), which results
in the second spicule (bottom right panel).

Figure 5 shows the temporal evolution of o(r = 0,y) (top
panels) and V,(r = 0,y) (bottom panels) for adiabatic (left
panels) and non-adiabatic (right panels) cases. The rise time
of the spicule to its maximum height in the adiabatic case is
~110 s, which is shorter by about 15 s than in the non-adiabatic
case (=125 s), and the chromospheric plasma reaches a height
of ~4.3 Mm. This value is lower than in non-adiabatic case
(=4.7 Mm). In the adiabatic case we spot three waves (Fig. 5,
top left panel): the leading wave is a shock wave, which travels
with velocity ~170 kms~!; this shock is followed by the contact
wave, and the rarefaction wave. We note that all plasma quanti-
ties are continuous across a contact wave; the only exception is
the mass density, which is discontinuous. As a result, all three
waves are seen on the mass density profiles, while V,(r = 0,y)
profiles reveals only two of these waves. As in the non-adiabatic
case, in later moments, the system becomes thermally unstable.
The right panels show the initial phase of the system evolution.
The cross-section of Fig. 5 for the adiabatic case for a fixed value
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Fig. 6. Temporal evolution of o(r = 0,y = 5) Mm for the case of Ay =
40 kms™" and yo = 1.75 Mm.

of y = 3.5 Mm is presented in Fig. 6. The corresponding three
waves (shock, contact, and rarefaction) are represented by steep
gradients at  ~ 30 s,t ~ 55 s, and t = 75 s. As the forma-
tion mechanism of the spicule is a shock wave, we assume that
it is the crest-shock-type jet (Shibata 1982). The mass density at
the top of the spicule is ~10? higher than in the ambient coronal
plasma (Fig. 6, t = 75 s), and it matches the predicted value for
the crest-shock-type jet.
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Fig. 8. Maximum height of spicule yn.x vs. amplitude of the initial pulse
Ay for yo = 1.75 Mm. The case of adiabatic (+) and non-adiabatic (k)
MHD equations.

Figure 7 shows the effect caused by the rarefaction wave. The
horizontal plane is located at y = 3.5 Mm. The plasma inside the
spicule-like structure becomes rarefied. The time at which this
rarefaction occurs is clearly shown: the dense plasma at r = 35 s
(solid line) experiences rarefaction within the central part of the
spicule at ¢ = 80 s (dashed line), which keeps its trend up to t =
155 s (dotted line). At this time, plasma is so rarefied that it may
be missed by the detectors. This may mimic the disappearance
of II type spicules.

Figure 8 illustrates spicule height y,,x vs. amplitude of the
initial pulse Ay with a fixed position of the initial pulse yo =
1.75 Mm. Hence we infer that a larger amplitude pulse results
in chromospheric plasma reaching a higher maximum altitude,
which is intuitively expected as a larger amplitude corresponds
to more energy being launched initially. This more energetic
pulse leads to higher jets. Figure 9 shows a similar trend in the
arise time of the spicule for a growing amplitude of the pulse.
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Fig. 9. Rise time of spicule ¢, vs. amplitude of the initial pulse Ay for
yo = 1.75 Mm. The case of adiabatic (+) and non-adiabatic (x) MHD
equations.
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Fig. 10. Maximum height of spicule y,.x vs. vertical position of the
initial pulse y, for Ay = 40 kms™! and in the case of adiabatic MHD
equations.

The comparison of results for adiabatic (+) and non-adibatic (*)
MHD equations reveals that the non-adiabatic effects have a mi-
nor influence on both spicule height and rise time of the spicule.
The non-adiabatic terms result in a growth of the maximum
height by about ~10-15%, while the rise time of the spicule
grows by about ~15-20%.

Figure 10 illustrates the influence of the vertical position of
the initial pulse on the maximum height of the spicule. For a
pulse launched closer to the transition region, the mass density of
the upward-pushed plasma is lower. Thus such a pulse exhibits a
lower momentum, and we can expect it to penetrate lower coro-
nal regions. We also expect that the rise time of the spicule be-
comes shorter with a higher value of y. Indeed, Fig. 11 illus-
trates this declining trend. The obtained values of spicule height
lie within the range of the observed height of the spicules.

Figure 12 displays the dependence of spicule velocity on
time. The location of the top of the spicule is determined by the
vertical position of the contact wave. The upward movement of
the transition region plasma starts at ¢ ~ 10 s, and at this time the
spicule reaches its speed of about 45 km s~!. At later moments
in time, this spicule decelerates until at # ~ 100 s the spicule
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speed attains zero, which occurs at the highest location of the
spicule. At the lowest location of the spicule, which is reached
at t+ = 200 s, the vertical velocity of the decreasing plasma is
about 30 km s~!. After the first rise and fall, the transition region
subsequently experiences oscillations.

The transition region exhibits oscillations that are due to the
rebound shocks (Hollweg 1982). It is interesting that these oscil-
lations occur with a wave period of about 250 s (Fig. 13). This
wave period is close to the acoustic cut-off period,

4res(y)
g

which for y = yo = 1.75 Mm attains a value of about 259 s
(Fig. 14).

Pac(y) = (15)

4. Summary and conclusions

We performed numerical simulations of a spicule by launching
initially (at # = O s) a localized pulse in the y-component of
a plasma velocity in the upper chromosphere. The initial mag-
netic field configuration was force-free and the initial stratifi-
cation remained in static equilibrium. We simulated both ideal
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Fig. 13. Time-distance plot of o(r = 0,y, ) vs. time for yy = 1.75 Mm,
Ay =30 kms™! and adiabatic MHD equations.
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Fig. 14. Acoustic cut-off wave period P, vs. altitude y.

and non-ideal MHD equations to reveal non-adiabatic effects
such as thermal conduction and radiation. Numerical simulations
showed that an upward-propagating signal quickly steepened
into a shock that propagated into the corona along the mag-
netic field lines. This shock was followed by the cold and dense
chromospheric plasma jet, which exhibited properties of a con-
tact wave and reached a certain height (typically 4-5 Mm) and
then returned to the chromosphere. The mean up-flow speed was
20-25 kms~!'. The obtained values match those given for the
spicules observed by Beckers (1968, 1972). However, subse-
quent shocks come from the chromosphere with a periodicity
of almost the chromospheric acoustic cut-off period, which is
the result of the nonlinear wake behind the pulse that propagates
in the stratified atmosphere (Kuridze et al. 2009). These shocks
again lift up the chromospheric plasma into the corona and cause
the quasi-periodic appearance of plasma jets. This is consistent
with the rebound shock model suggested by Hollweg (1982).
Numerical solutions show that the rarefaction wave that follows
the shock-wave results in a reduction of the mass density inside
the structure. Both ideal and non-ideal simulations give similar
results for the maximum height, upward speed, rise time, and
periodicity. Therefore, non-adiabatic effects do not significantly
affect the dynamics of jets, but slightly increase the maximum
heights and rise time.
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In conclusion, our numerical simulations of the solar spicules
approximately mimicked the observed properties of the spicules.
Since we did not attempt to synthesize observables, an exact
comparison with observations cannot be achieved here.
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Abstract

We aim to study the formation and evolution of solar spicules by means of numerical simulations of the solar
atmosphere. With the use of newly developed JOANNA code, we numerically solve two-fluid (for ions + electrons
and neutrals) equations in 2D Cartesian geometry. We follow the evolution of a spicule triggered by the time-
dependent signal in ion and neutral components of gas pressure launched in the upper chromosphere. We use the
potential magnetic field, which evolves self-consistently, but mainly plays a passive role in the dynamics. Our
numerical results reveal that the signal is steepened into a shock that propagates upward into the corona. The
chromospheric cold and dense plasma lags behind this shock and rises into the corona with a mean speed of
20-25km s '. The formed spicule exhibits the upflow/downfall of plasma during its total lifetime of around 34
minutes, and it follows the typical characteristics of a classical spicule, which is modeled by
magnetohydrodynamics. The simulated spicule consists of a dense and cold core that is dominated by neutrals.
The general dynamics of ion and neutral spicules are very similar to each other. Minor differences in those
dynamics result in different widths of both spicules with increasing rarefaction of the ion spicule in time.

Key words: magnetohydrodynamics (MHD) — methods: numerical — Sun: activity — Sun: corona — Sun: transition
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1. Introduction

Spicules are thin jet-like structures, which dominate in the
lower layers of the solar corona. They are best seen at the
solar limb in strong chromospheric and transition-region
(TR) spectral lines such as Ha, Call H & K, Mgl H & K,
C1, and SiIv lines (e.g., Roberts 1945; Matsuno &
Hirayama 1988; Nishikawa 1988; Suematsu et al. 1995;
De Pontieu et al. 2007b; Suematsu et al. 2008; Sterling et al.
2010; Madjarska et al. 2011; Pereira et al. 2012, 2014, 2016;
Tsiropoula et al. 2012; Skogsrud et al. 2014, 2015; Rouppe
van der Voort et al. 2015; Beck et al. 2016). Spicule
observations have been carried out for about 130 years since
they were first reported in 1877 (Secchi 1887). Therefore, a
huge amount of observational literature about spicules is
available, which is dedicated to understanding their basic
properties (mass density, temperature, velocity, and magnetic
field), initiation mechanisms, waves, and oscillations. These
crucial aspects are very well documented in various review
papers, i.e., basic properties by Beckers (1968, 1972) and
Suematsu (1998), initiation mechanisms by Sterling (2000),
and oscillations and waves by Zaqarashvili & Erdélyi (2009).

High-resolution observational data leads to continuous
improvement of our knowledge about the spicules. Based
on their properties, De Pontieu et al. (2007b) classified the
spicules into two different categories (i.e., Types I and II).
Type 1 spicules exhibit a slower velocity (15-40kms™') and
longer lifetime (3-10 minutes) compared to the velocity
(30-110km s !) and lifetime (50-150s) of Type II spicules.
Type I spicules reveal the rise and fall of plasma during its total
life, while type II spicules fade from the view and the downfall
of plasma is not visible (e.g., De Pontieu et al. 2007b; Pereira
et al. 2012). Sterling & Hollweg (1984) have proposed that
the heating rate is sufficient to heat the spicules to temperatures
at which the hydrogen is fully ionized. Therefore, H-a
spicules (cool temperature) may evolve into EUV spicules

(hot temperature). Later, this thermal evolution (i.e., fading of
the spicules from cool filters and appears in the hot filters) of
the spicules was investigated in various other works as well
(e.g., De Pontieu et al. 2009; McIntosh & De Pontieu 2009;
MclIntosh et al. 2010; Tian et al. 2011). Recently, Pereira et al.
(2014) have reported the traces of spicules in the hot
temperature filter after fading from the cool temperature filter.

The origin and excitation mechanisms of spicules are one of
the most crucial issues of solar physics, which has been
continuously investigated using observations as well as
numerical simulations. Pulses in velocity or gas pressure,
Alfvén waves, and p-modes are the three broad categories of
drivers that may be responsible for the formation of spicules.
Main physical process within the velocity/gas pressure pulse
model is the formation of a shock front, which results in a
generation of the spicule in the lower corona. Such a rebound
shock model was developed by Hollweg (1982) who used a gas
pressure pulse in one-dimensional (1D) MHD equations for the
formation of a spicule. In another approach, Suematsu et al.
(1982) performed a numerical experiment using a velocity
pulse instead of a gas pressure pulse. Later, this rebound shock
model was improved by including radiation and heat conduc-
tion in the model (e.g., Sterling & Mariska 1990; Cheng 1992;
Sterling et al. 1993; Heggland et al. 2007; KuZma et al. 2017).
Recently, Sterling & Moore (2016) have reported that the
microfilament-eruptions can be a potential candidate for the
generation of spicules. Murawski & Zaqarashvili (2010)
performed 2D numerical simulations with a velocity pulse to
produce the spicule. Multistructural, bidirectional flows and
3-5 minute periodicity in the occurrence of spicules were
successfully reproduced in that numerical experiment. This
model was extended into its 2D counterpart with the inclusion
of the nonadiabatic effects (Kuzma et al. 2017). A general
conclusion drawn from the performed simulations was that the
shocks play an important role in the dynamics and thermo-
dynamics of impulsively generated spicules and the other



THE ASTROPHYSICAL JOURNAL, 849:78 (9pp), 2017 November 10

nonadiabatic terms (i.e., thermal conduction and radiative
cooling terms) produce minor effects on the dynamics/
thermodynamics of the spicule.

In the second category, it was proposed that the nonlinear
coupling between Alfvén waves and slow magnetoacoustic
shocks can lift up the TR, which produces the spicule (Hollweg
et al. 1982). This idea for the generation of spicules was further
investigated by Cranmer & Woolsey (2015, 2016). They have
found that the magnetohydrodynamic turbulence is a potential
driver for spicules. It was also reported that the random
nonlinear Alfvén pulses may reproduce the spicules (Kudoh &
Shibata 1999). More interestingly, the damping of Alfvén
waves due to ion-neutral collisions can be an efficient
mechanism for the formation of spicules in the solar
atmosphere (Haerendel 1992; James et al. 2003).

In the third category, De Pontieu et al. (2004) showed that
p-modes are the potential candidates for triggering spicules
in the solar atmosphere, which was further investigated in
various other works (e.g., Hansteen et al. 2006; De Pontieu
et al. 2007a).

The above mentioned main three categories (i.e., gas pressure
or velocity pulse, Alfvén waves and p-modes) are not the only
mechanisms for the formation of spicules. Indeed, there are
various other numerous proposed physical processes responsible
for the formation of spicules. Among others, the compression
of the plasma sheet by the magnetic field (Hollweg 1972),
Joule heating in the current sheet (Hirayama 1992), thermal
conduction from the corona (Kopp & Kuperus 1968; Moore &
Fung 1972), and buffeting of anchored magnetic flux by
granulation can lead to spicules (Roberts 1979). These and
various other mechanisms are discussed by Sterling (2000).

Although spicules were discovered a long time ago
(Secchi 1887), they are still not fully understood. Therefore,
they remain the subject of further investigation. Advanced
numerical simulations are an important means to reveal the
nature of spicules. However, it is always difficult to implement
the real solar conditions in the numerical experiment. Because
low layers of the solar atmosphere contain large fraction of
neutrals (e.g., Zaqarashvili et al. 2011), two-fluid plasma (i.e.,
ionized and neutral fluids) approach in the numerical experi-
ment is more suitable than magnetohydrodynamics (MHD) to
study the evolution of spicules in the solar atmosphere. This
approach is used for the first time in the present numerical
simulations of solar spicules. Specifically, we perform 2D
numerical simulations of two-fluid equations to produce the
spicule using pulses launched initially in vertical components
of ion and neutral velocities. The adopted potential magnetic
field configuration plays essentially a passive role in the present
simulations. The paper is organized as follows. In Section 2, we
describe the physical model of the solar atmosphere. Numerical
simulations are presented in Section 3. Summary and
conclusions are outlined in the last section.

2. Physical Model of the Solar Atmosphere
2.1. Two-fluid Equations

We consider a gravitationally stratified and magnetically
confined plasma that consists of two components: ionized fluid
(ions + electrons) and neutral fluid (neutrals). This model is
governed by the following set of equations (Smith &

KuZma et al.
Sakai 2008):
Doi
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where g;, is the mass density, p;, the gas pressure, V,,
represents the plasma velocity, B is the magnetic field, ¢; is a
coefficient of ionization, «, coefficient of recombination, and
a. coefficient of collisions between particles, subscripts i and n
correspond, respectively, to ions and neutrals, v = 5/3 is the
adiabatic index, and g = (0, —g, 0) is the gravitational
acceleration. The value of g is equal to 274m s 2 For the
sake of simplicity, all electron-components are neglected due to
the small mass of electrons in relation to ions and neutrals.

2.2. Equilibrium Solar Atmosphere

In a static solar atmosphere, all plasma quantities are time-
invariant, which means that Jf /0t = 0, where f denotes an
equilibrium plasma quantity. Then, from Equations (1)—(7), it
follows that for still ions (V. = 0) and neutrals (V,, = 0) the
Lorentz force (if appropriate) must be balanced by the gravity
force and the gas pressure gradient,

LV xB)x B~ Vp,, + 01,8 = 0. (®)
i

2.2.1. Current-Free Magnetic Field and the Hydrostatic Atmosphere

A hydrostatic atmosphere for ions corresponds to the force-
free (V x B) x B = 0) magnetic field with the solenoidal
condition (V - B = 0) being satisfied. We additionally assume
a current-free (V x B = 0) magnetic field whose horizontal
B,, vertical By, and transversal B, components are given as
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Figure 1. Magnetic field lines at the plasma equilibrium.

(Konkol et al. 2012)

—28x(y — a)
@+ (y — @)
S = (y —a)P)
P4 —a??

where B, is a straight vertical magnetic field component, a and
S are free parameters corresponding to the vertical location of
the singularity in the magnetic field and the magnetic field
strength, respectively. We set B, = 6 Gs,a = —1.5 Mm and S
in such a way that at the reference point (x, = 0, . = 10) Mm
the magnitude of magnetic field B = 8 Gs. The corresponding
magnetic field lines are displayed in Figure 1. We note that the
magnetic field lines become less divergent with height.

For a force-free magnetic field it follows from Equation (8)
that at the equilibrium the gas pressure gradients have to be
balanced by the gravity force,

Vp,, = 0in8- (10)

With the use of the ideal gas law and the vertical, y-component
of Equation (10), we express the hydrostatic gas pressures and
mass densities of ions and neutrals as

Y dy’!
p,',n(y) = Poin €XP [_f A )Ey,) ),
M in

B.(x,y) =

By(x, y) + By, B:x,y)=0, (9)

pin(y)
in(y) =———, (1D
¢ Y gAi,n(y)
where
k ];n
Ni(y) = 12Ter) (12)
mg

are the pressure scale heights of ions (A;) and neutrals (A,,), and
Poi, denotes the gas pressure of ions and neutrals at the

KuZma et al.
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Figure 2. Vertical profiles of hydrostatic temperature of ions (dashed line) and
neutrals (dotted line) vs. height y.

reference level, y = y. = 10 Mm. In Equation (12), T;(y) and
T,(y) stand for temperatures of ions and neutrals, respectively.
These temperatures are taken from the model of Avrett &
Loeser (2008; see Figure 2). Note that for y > 0.2 Mm the
temperature of ions is higher than the temperature of the
neutrals. In the photosphere, which is localized at
0 <y <05Mm, T(y) increases with y until close to the
bottom of the chromosphere, specifically for y ~ 0.7 Mm, Ti(y)
reaches its local maximum of about 1.5 - 10° K. Higher up T«(y)
decreases with height until at the TR it rises abruptly to the
coronal value of about 1 MK. The neutral temperature attains
its value of about 5 kK within the region of 0 < y < 1.75 Mm.
It decreases suddenly right below the TR attaining its minimum
of about 150 K and higher up it increases with y reaching its
coronal magnitude of about 0.8 MK at y = 10 Mm.

As a result of the adopted temperature profiles, the mass
densities of ions and neutrals decline with height. The left panel
of Figure 3 shows the ratio of the mass density of ions to the
mass density of neutrals, ¢;(x, y)/0,(x, ¥), which result from
Equation (11). Note that below the level of y = 2.1 Mm the
plasma is dominated by neutrals with a minimum of
0i/0n ~ 1074, while the corona consists of essentially fully
ionized plasma; we added a small amount of neutrals in the
solar corona due to numerical reasons. We specify the plasma (3
as the ratio of ion plus neutral gas pressures to magnetic
pressure,

pi(y) + p, (y)_

o0 =Ty 2

13)

The spatial profile of plasma (3 is illustrated in the right panel of
Figure 3. Note that within the displayed region for the coronal
plasma, for y > 2.1 Mm, and along the entire x = 0 line [ is
smaller than 1.

2.2.2. Perturbations

Initially, at + = 0s, we perturb the model equilibrium by
launching, at the bottom boundary, simultaneously time-
dependent signals in the ion and neutral gas pressures, which
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Figure 3. Ratio of the mass density of ions to the mass density of neutrals (left) and plasma beta (right) at the plasma equilibrium.

are expressed as follows:

Plin (x,y,1=0)
X2+ (=)’
:Po(1+Ap i) exp(—% o)

. 1 — exp(—t/r), ! < Tmax
fo = { exp(—(t — Tmax)/'r)’ > 7_max' {14

Here y, is the vertical position of the signals, w is their width
and A,;, A,, their amplitudes. Function f(#) denotes the
temporal profile of the gas pressure signal, with 7 being its
characteristic growth/decay time and Ty, time at which f(7)
reaches its maximum. We set and hold fixed w = 0.1 Mm,
7= 50s, and 7Tx = 30 s, while allowing other parameters to
vary. For our studies, the signal position, yy, varies between
1.65 and 1.85 Mm and the amplitude A, between 6 and 10.
This signal position corresponds to a region of 3 < 1 (Figure 3,
right). As a result of that, slow and fast magnetoacoustic waves
are weakly coupled there and the initial pulse triggers slow
waves, which propagate essentially along magnetic field lines
(e.g., Nakariakov & Verwichte 2005). Unless otherwise stated,
the further analysis focuses on the case for A, =8 and
¥ = 1.75 Mm, which corresponds to plasma heated to
maximum temperature of 60 kK 1.75 Mm above the photo-
sphere. We have verified that only such strong pulses launched
at the top of the chromosphere result in spicules. Lower
amplitude pulses excite smaller jets and pulses launched from
the lower chromospheric layers lead to horizontally spread jets.
The time-dependent signal launched at y, = 1.75 Mm may
mimic a post-reconnection event.

3. Numerical Simulations of Two-fluid Equations

To solve two-fluid equations numerically, we use the
JOANNA code (D. Wo¢jcik et al. 2017, in preparation). In
our problem, we set the Courant-Friedrichs—Lewy number
(Courant et al. 1928) equal to 0.3 and specify the simulation
box in (x, y) as (—1.28, 1.28) Mm x (1.75, 50.0) Mm, where

y = 0 denotes the bottom of the photosphere. In the numerical
simulations we adopt the uniform grid within the region
(—1.28 < x < 1.28) Mm x (1.75 < y < 6.87) Mm, which is
covered by 256 x 512 grid points. This grid leads to a
resolution of 10km in the main region of the simulation box
that is below y = 6.12 Mm. Above this region, namely within
the rectangle (—1.28 < x < 1.28) Mm x (6.87 < y < 50.0)
Mm, we implement a stretched grid along the y-direction; this
box is divided into 128 cells whose size grows with y. Such a
stretched grid plays the role of a sponge as it absorbs incoming
signal and minimizes reflections from the top boundary. We
impose open boundary conditions for outflowing signal at the
side boundaries, while at the top and bottom we fixed all
plasma quantities to their equilibrium values.

We launch the gas pressure signals in the chromosphere
varying their initial position, y,, and amplitudes, A, ; and A, ,,
as described in Section 2.2.2. The basic mechanism behind the
simulations is that the signals, while launched from the region
of 3 < 1, essentially split into two, counter-propagating along
the equilibrium magnetic field lines’ slow magnetoacoustic
(slow henceforth) waves; downwardly propagating slow waves
decay in time (not shown in the framework of these
simulations), while upwardly moving slow waves grow in
their amplitudes. The latter convert into a slow shock at higher
altitudes due to the decrease of mass density with height. The
chromospheric plasma lags behind the shock front to form a
contact wave consisting of a spicule. The simple waves
structure associated with this phenomenon is described by
KuZma et al. (2017). Note that the signal in A,; excites fast
magnetoacoustic waves too but they are of low amplitudes as
they spread quasi-isotropically in space. The pulse in A,
generates neutral acoustic waves (Zaqarashvili et al. 2011).

The top row of Figure 4 shows the spatial profiles of log
(0i(x, y)) at three instants of time, which are t = 70 s (top left),
t =210s (top middle), and ¢ = 320s (top-right). The gas
pressure drivers of Equation (14) operate at the point of
(x =0,y =y, = 1.75) Mm, which is located in the chromo-
sphere around 0.35 Mm below the TR, and they reach their
maximum at ¢t = 30 s. At = 70 s, it is found that the ion shock
front is followed by hot plasma, which results from the drivers,
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Figure 4. Temporal evolution of log(g;(x, y)) att = 70's, t = 210 s, and ¢ = 320 s (from top left to top right), and log(g,(x, y)) (from bottom left to bottom right).
Arrows represent ion and neutral velocity vectors in the x—y plane. Hot coronal plasma is blue, cold chromospheric plasma is orange-red, and intermediate transition

region plasma/interface between them is green on the colormap.

and it reaches a level of y &~ 5.0 Mm. It is followed by a
second, stronger shock, which results at maximum of f(7).
However, the chromospheric (cold) ion plasma is located at
y &~ 2.8 Mm at this time (see Figure 4, the top-left panel). The
shock fronts move continuously upward, which attain the level
of more than y = 25 Mm (not drawn here) and the chromo-
spheric plasma reaches its maximum height of y ~ 4.9 Mm at
t = 210s (Figure 4, the top-middle panel). The head of the
spicule remains denser (yellow color on the colormap), while
its interior rarefies in time (green color on the colormap) due to
rarefaction wave propagating upwards. Above the apex of the
ion spicule, we can see a constant stream of ions injected into
higher layers of the solar corona. In addition, the down-falling

of the ion spicule plasma also starts as the time progresses. The
reverse velocity arrows in the central region and sides of the ion
spicule justifies downfall of the cold chromospheric plasma. This
downfall is stronger during the decay phase (see reverse velocity
arrows in the top-middle and top-right panels), which creates the
V-shaped structure as the down-falling velocity is nonuniform
along the horizontal direction (see the top-right panel).

We have implemented the two-fluid approach in our
numerical experiment to understand the behavior of ions and
neutrals in the spicule dynamics. It may be possible that the
ions and neutrals may exhibit the different dynamics. There-
fore, we show the corresponding profiles of log (¢, (x, ¥)) in the
bottom panels of Figure 4. The overall dynamics of the neutrals
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Figure 5. Temporal evolution of log(g; .(x = 0, y)) (left) and V; , y(x = 0, y) (right) for the ions (top) and neutrals (bottom). The red, blue, and green dashed lines
indicate slow shock, contact wave, and rarefaction wave, respectively. Transition from the red to the green area shows the contact waves.

(i.e., formation of a shock front and lagging off chromospheric
plasma) are qualitatively similar to the dynamics of ions in this
numerical experiment. However, the slow neutral shock does
not propagate along magnetic field lines, forming a circle-like
front (the bottom-left panel). There is also no upward stream
consisting of neutrals above the apex of the ion spicule (the
bottom-middle panel). The spicule is surrounded by the neutral
cloud in which we can spot vortices of Rayleigh—-Taylor
instabilities during the decay phase. The down-falling of
neutral gas is very weak during the maximum phase (the
middle-right panel), which is mostly dominated toward the
edges of the neutral spicule. However, the strong downflow
of neutral gas occurs during the decay phase. The neutral
spicule resembles a V-shaped structure in the decay phase (the
bottom-right panel) but not as prominent as it occurs in the ion
spicule. Because neutrals are not guided by the magnetic field,
the neutral gas experiences more horizontal spread compared to
the ions. So, the neutral spicule does not exhibit a very sharp
V-shaped structure due to the dominance of the horizontal
spreading of neutrals.

In addition, the top of the ion (neutral) spicule is suppressed
until the height of y =34Mm (y =3.5Mm) due to the
dominance of down-falling in the decay phase. This down-
falling is strongest on sides of the ion/neutral spicule and
decrease outward, which creates the V-shape structure at the
bottom of ion/neutral spicules. Most of the chromospheric

plasma, which was injected into the corona falls toward the
chromosphere/TR.

We estimate now the width of the spicule in neutrals and
ions at y = 3.0 Mm during the maximum phase of the spicule.
By looking at horizontal mass density profiles and assuming
that the mass density above (below) 1.2 times of the
background mass density (i.e., mass density in the absence of
any spicule; at x = —1.0 Mm) are considered as the starting
(end) points of the spicules. We find that the neutral spicule is
wider (~600km) than the ion spicule than the spicule
consisting of ions (~400 km).

We discuss now temporal evolution of mass densities
and vertical velocities of ions and neutrals. Figure 5 displays
time signatures of ¢;,(x =0, y,t) (the left panels) and
Viny(x =0, y, t) (the right panels) for ions (the top panels)
and neutrals (the bottom panels). The rise time of the
chromospheric ions to their maximum height is about 210 s
(see Figure 5, top-left). In the temporal evolution profile of the
ions, we spot three major waves above the TR (the top-left
panel): the leading wave is a slow shock wave (red line) that is
followed by the contact wave (blue line) and the rarefaction
wave (green line). The contact wave does not appear in the
top-right panel since there is no jump in velocity of ions across
a contact surface with normal almost perpendicular to B. See
also Kuzma et al. (2017) for a similar discussion in the MHD
case. The light-green area between slow shock and contact
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Figure 6. Vertical profiles of average temperature (the left panel) and mass density (the right panel) of the spicule in the simulation evaluated along x = 0 Mm, at
t = 210 s (the solid lines) and observational data of Beckers (1968; the dashed lines).

wave reveals that a significant amount of ions are constantly
injected above the spicule apex during its lifetime. This
phenomenon is absent in the case of neutrals (the bottom-left
panel). The ion slow shock travels with higher speed
(~150km s~ !) than neutral slow shock (~90kms™!; see the
right panels). Both ions and neutrals injected into the corona
above the spicule apex accelerate with height. The light-green
area below the apex of the ion spicule reveals that the
rarefaction wave exerts a greater impact on the already rarefied
ion spicule. The boundary between chromospheric and coronal
neutrals is also sharper than between chromospheric and
coronal ions. This is a result of merging between the top of the
ion spicule and highly ionized corona. From the temporal
evolution profile of the neutrals, we infer that both shock and
rarefaction waves are of low amplitudes, to the point, when the
rarefaction wave is almost unnoticeable (green line, the bottom-
left panel). At a later time, the chromospheric plasma, which
was earlier injected into the corona, begins to fall toward
the TR.

The spicule consists mostly of dense and cold neutrals. The
ionization level at all stages of the spicule evolution remains
at about 10%. Figure 6 (left) shows the vertical profile of
the average temperature of the simulated spicule (solid line)
along with the widely used observed values (dashed line;
Beckers 1968). The average temperature of the spicule (solid
line) is 100 times lower than the coronal plasma, which shows
a constant value of temperature up to a height of ~2.8 Mm. The
spicule plasma exhibits its lowest temperature of 9000 K in the
upper part of the spicule, ~4500 km above the TR. Higher up,
the temperature experiences an abrupt jump at the contact
wave, reaching temperatures of up to 800,000 K and matching
the local coronal temperature. Figure 6 (left) shows the vertical
profile of mass density of the spicule (solid line). The cold head
of the spicule is about twice denser than its core, which is
resembled by the weak bump around y = 4.2 Mm. Above the
apex of the spicule, mass density decreases to its coronal
values. The temperature as well as mass density of the
simulated spicule are compared with the classical results of the
spicule (dashed line in both-panels of Figure 6; Beckers 1968).
Observationally, it is reported that mass density and temper-
ature are almost constant over the whole length of the spicule,

which vary by about 10 % over the whole length of the spicule
(Beckers 1968). However, the simulated spicule exhibits
significant variations in the temperature and mass density
along its length. It should be noted that the temperature of the
spicule matches the observed values over a height range
of 20 Mm <y < 3.7 Mm.

We now discuss gradients of gas pressures of neutrals and
ions. The corresponding vertical profiles are displayed in
Figure 7. The dotted line shows the gas pressure gradient of
neutrals, while the solid line illustrates the gas pressure gradient
of ions along the y-direction.

The left (right) panel illustrates the vertical distribution of the
gas pressure gradient at t = 60s (r=70 s). It is clear that the
neutral gas pressure gradient (the dotted line) is very high in
comparison to the ion gas pressure gradient (the solid line) at
these instants of time. The difference between neutrals and ions
pressure gradients is higher at about y = 1.75 Mm at which the
driver in gas pressures operates. The gradients approach each
other far away from the driver. The significant gas pressure
gradient difference between the ions and neutrals is an
important result, which clearly leads to a different dynamics
of ions and neutrals.

4. Discussions and Conclusions

We have performed numerical simulations of a spicule by
setting in the upper chromosphere localized time-dependent
signals in ion and neutral gas pressures. The initial magnetic
field configuration was current-free, and the atmosphere was
stratified hydrostatically. The whole physical system was
described by a set of two-fluid equations. Our numerical
findings revealed that, as a result of the rapid decrease of the
mass density with height, an upwardly propagating signal
quickly steepens into a shock. This shock propagates along the
magnetic field lines, reaching the low solar corona, and is
followed by the chromospheric plasma, which consists of the
cold and dense jet (spicule). This jet exhibits properties of a
contact wave (KuZzma et al. 2017) and reaches upto a certain
height (typically 4-6 Mm) and then returns to the chromo-
sphere. The mean upflow speed was 20-25kms~'. The
comparison between the numerical and observational data
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Figure 7. Vertical profiles of the gas pressure gradient of neutrals (the dotted line) and ions (the solid line) evaluated along x = 0 Mm, at ¢ = 60 s (the left panel) and

t = 70 s (the right panel).

always enlightens the path to go further. Therefore, we tried to
compare the observed properties of the simulated spicule with the
various spicule observations. Beckers (1968, 1972) reported that
the average height of spicules can vary from 6500 km to 9500 km.
Similarly, Lippincott (1957) reported the spicule height range
from 7000 to 13,000 km and Pasachoff et al. (2009) inferred these
numbers from 4200 to 12,200 km. Observed upward velocity of
spicules exhibits variations within the range of 20.0-150.0 km's ™'
(De Pontieu et al. 2007b) and 3.0-75.0kms~! (Pasachoff
et al. 2009). The numerically obtained value of spicule height
(~49Mm) and upward velocity (~20-25 kms™!) of the
simulated spicule lies in the observed range of height and velocity
(Beckers 1968, 1972; De Pontieu et al. 2007b; Pasachoff
et al. 2009). It should also be noted that the numerical values of
the spicule match those obtained for MHD (Kuzma et al. 2017).

Novelty of our numerical simulations lies in the usage of the
two-fluid model, which was not investigated so far. The two-
fluid simulations invoke real physical conditions of the lower
solar atmosphere and plasma processes within various localized
jets. It is noteworthy that a significant role of neutrals
associated with confined pseudo-shocks in carrying substantial
energy and mass into the overlying solar atmosphere was
discovered by Srivastava et al. (2017). The key findings of our
simulations can be summarized as follows. (a) The spicule
dynamics is slightly different in ions and neutrals; (b) the core
of the spicule is dominated by cold neutrals; (c) the neutral
spicule is wider compared to the ion spicule; (d) the ionization
remains essentially still with height and horizontal distance
within the spicule, only the top of the spicule is significantly
ionized; and (e) in later moments of time of the spicule
evolution higher amplitude of the slow rarefaction wave for the
ion spicule results in a different structure than for the neutral
spicule. The general scenario of the rise and the downfall of the
spicule is the same for ions and neutrals and it is close to that
for MHD (KuZma et al. 2017). The dispatches in gas pressure
gradients between ions and neutrals is a key factor to
understand the minor differences in the dynamics of ions and
neutral spicules. Obviously, the magnetic field does not have
any direct influence on the dynamics of neutrals, while the

motion of ions is affected by the magnetic field directly. The
direct influence of the magnetic field on the ions controls the
width of the ion spicule. Therefore, the ion spicule is a very
well collimated column of ions with its small width. In the
absence of the influence of magnetic field, the neutrals get extra
freedom to propagate in the horizontal direction; a constraint on
them results from ion-neutral collisions. As a result, the neutral
spicule is wider compared to the ion spicule. The V-shaped
structure near the base of the ion/neutral spicule is an
interesting phenomenon of these simulations, which results
from down-falling gas. As ions are affected by magnetic
field, the well collimated down-falling ion gas results in,
which exerts the gas pressure force producing in the decay
phase the sharp V-shaped structure near the base of the ion
spicule.

Most of observations reveal that temperature and mass
density of a spicule remain essentially constant along its height
(Beckers 1968, 1972; see also review article by Sterling 2000).
However, our simulated spicule shows a significant variations
in its temperature as well as mass density. The temperature of
the spicule is constant upto the height of y = 3.5 Mm, while
higher up the temperature falls off abruptly. The constant phase
of temperature matches the obervational findings. However,
there is a sharp increase in the temperature above y = 4.5 Mm,
which may suggest that the thermal evolution of the cold
chromospheric plasma can be important as proposed by Pereira
et al. (2014). Overall, the mass density of the spicule is
decreasing with height, which is qualitatively consistent with
the observed mass densities (Beckers 1968). However, the top
of the spicule shows slightly higher densities. The high
temperature near the top-part of the spicule significantly
ionizes the neutrals, which were taken into account in the
present scenario. Recently, Pereira et al. (2014) reported that
spicules undergo thermal evolution using high-resolution
observations. Spicules produce more emission near their bases
compared to their apexes at chromospheric temperature (i.e.,
CanlH & K and Mg Il h & k lines). However, bases of spicules
become dark and the top parts of spicules lead to more
emissions at the TR temperature (i.e., Si1v; 7= 80 kK). This
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observational finding predicts that ionization grows with height
within the spicule, which is successfully reproduced by our
two-fluid numerical simulations of spicules.

In conclusion, our numerical simulations of the spicule
performed within the framework of the two-fluid approach
successfully mimics the averaged properties of classical
spicules. Ion and neutral spicules follow the similar dynamics
in terms of rise time and peak altitude. The core of the spicule
exhibits an abundance of neutrals, with growing in time
rarefaction of ions.
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this work was developed by Mr. Darek W¢jcik. These numerical
simulations were performed on the LUNAR cluster at Institute of
Mathematics of University of M. Curie-Skltodowska. Visualization
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Confined pseudo-shocks as an energy source for

the active solar corona
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The Sun's active corona requires an energy flux of
~102 W m~2 to compensate for radiative losses and to main-
tain its high temperature'. Plasma moves in the corona
through magnetic loops?3, which may be connected with
the flows in and around sunspots“-. Global energizing pro-
cesses (for example, reconnection) play an important part
in heating the corona”®; however, energy and mass trans-
port may also occur via shocks, waves or flows>'*"". A full
picture and the influence of such localized events, which
significantly couple with various layers of the solar upper
atmosphere, is still not clear. Using the Interface Region
Imaging Spectrograph temporal image data of Cu 1,330 A,
we observed the presence of pseudo-shocks around a
sunspot. Unlike shocks'?, pseudo-shocks exhibit discon-
tinuities only in the mass density. A two-fluid numerical
simulation reproduces such confined pseudo-shocks with
rarefied plasma regions lagging behind them. We find that
these pseudo-shocks carry an energy of ~10°W m~2, which
is enough to locally power the inner corona and also
generate bulk flows (~10-kgm=—2s~"), contributing to the
localized mass transport. If they are ubiquitous, such ener-
gized and bulky pseudo-shocks above active regions could
provide an important contribution to the heating and mass
transport in the overlying solar corona.

Pseudo-shocks were first noticed in supersonic duct flows
decelerated to subsonic velocities, and were ascribed to a pos-
sible adjustment of the velocity distribution itself"*. On the Sun,
they can be observed in difference maps obtained from high-
resolution observations. Here, we analyse the Interface Region
Imaging Spectrograph (IRIS) difference maps taken in the line of
C11 at 1330A around a sunspot on 8 October 2014 with a spatial
resolution of 0.4"" per pixel (where 1’’ = 725 km), equivalent to
290km on the Sun'‘. We obtained a time sequence of running-
difference maps at a cadence of 19 for various observed pseudo-
shock sources, covering a period of 2h (see Figs. la,b and 2,
and Supplementary Table 1). The running difference maps have
been made by taking each particular image and subtracting its
previous image in the time sequence. This sunspot is anchored
by the diffused loop magnetoplasma threads that extend to the
overlying active corona (Fig. la). Since these pseudo-shocks
are formed locally on the top of the ejected plasma, they are
termed confined pseudo-shocks. We detect a number of pseudo-

5, Zdzislaw E. Musielak®’, John Gerard Doyle?,

shocks in the present observational baseline (see Supplementary
Table 1 and Supplementary Videos 1-8). The pseudo-shocks
are visible in the C11 13304 line but not in the cooler Mg 11 2796A
line maps, indicating that they are formed in the transition
region/inner corona after the evolution of plasma perturbations
somewhere at the top of the chromosphere. The representative
context event (tadpole-shaped plasma ejecta) presents the evo-
lution of a pseudo-shock source (Figs. 1b,c and 2), which elon-
gates up to a height of ~5Mm (Figs. 1c and 2). This bulky and
localized feature is evolved at 14:22:08 UT (see top left panel of
Fig. 2). The mass within it sweeps towards the head during its
evolution to create its bulky head and rarefied tail (Figs. 1c and 2
and Supplementary Video 9).

The velocity of this pseudo-shock in the plane of sky is esti-
mated as ~30km ™. This is a lower bound projected value, which
may be slightly higher than the sound speed estimated at the C11
formation temperature (log[T]=4.5)"". The characteristic refer-
ence sound speed at the C11 formation temperature is estimated
as 26kms™. Since the pseudo-shock speed is marginally higher
than the characteristic sound speed, this may indicate evolu-
tion of a weak shock system. As the pixel size of the IRIS slit-jaw
images is 290km and the cadence of the images is 19s, the intrin-
sic motion of the feature in consecutive images is about 2 pixels.
This is confirmed in the first two running-difference maps (Fig.
2). The sweeping of mass is evident along the confined magneto-
plasma system, which constitutes the pseudo-shock (Figs. 1c and
2). Thereafter, the impulsively evolved pseudo-shock, along with
its rarefied tail, further propels upwards before fading in the later
part of its total lifetime of ~150s (Fig. 2). In the present obser-
vational baseline, we observe only the evolution of one pseudo-
shock. A weak, slow shock with a Mach number (M) slightly
greater than one may also be present in the system. However, such
weak and faint slow shock may not be evident against the bright
and dynamical chromosphere.

We developed a physical model of such localized pseudo-
shocks for a weakly diverging, current-free equilibrium mag-
netic field embedded in a hydrostatic two-fluid atmosphere
with an appropriate temperature profile''®. We used a two-
fluid (ions: protons and electrons; and neutrals: hydrogen
atoms) code, known as the joint analytical and numerical
approach (JOANNA), developed by D. Wéjcik'®"* (Fig. 3; see the
Methodsfor details; http://kft.umcs.lublin.pl/dwojcik/) to simulate
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Fig. 1| Direct imaging of the confined pseudo-shocks around a sunspot. a, Composite image of 171, 304 and 1600A emissions taken by the Solar
Dynamics Observatory/Atmospheric Imaging Assembly, showing diffused loop threads anchored into the sunspot, enabling propulsion of mass and
energy to the overlying magnetic domain of the corona through pseudo-shocks that are injected from the lower solar atmosphere at their footpoints.

Such pseudo-shock sources are abundant in and around the observed sunspot. b, The evolution of a representative pseudo-shock is shown in C111,330 A
emission using IRIS slit-jaw imaging on 8 October 2014 at 14:22 ut (Supplementary Table 1 and Supplementary Video 11). ¢, A time-distance map along the
representative pseudo-shock (a tadpole-shaped jet) indicated by a white dashed box in b exhibits the evolution of its bulky, bright head and rarefied tail as

shown within blue ovals.

the observed pseudo-shocks. The hydrostatic plasma equilib-
rium is perturbed by localized drivers in ion and neutral gas
pressure as:

p,p]0xy, 1) =

(x—2x,)
1+AP[,-,,I] exp[— WZO

2 (y-y)°
[piO’ nO] - Wz0

f(t)]
1)

_ l—exp(—t/r), tSTmax
fi= [exp(—(t—rmax) /1), t>1max}

Here, x, and y, are, respectively, the horizontal and vertical
position of the drivers, w is their widths, and A, and A, are their
relative amplitudes. The time-dependence of the driver is described
by 7 (growth/decay time) and 7,,,,, the time at which f{f) reaches a
maximum value. We set w=0.05Mm, x,=0.7 Mm, y,=1.75Mm,
A,;=A,,=6, t=50s and 7,,,=30s. The analytical form of the
drivers used here mimics the response of impulsive heating in the
localized lower solar atmosphere, which perturbs the gas pressure
and generates pseudo-shocks. The perturbations rise with a certain
growth rate, while they decay at later times, making their nature
episodic and impulsive.

The position of the drivers corresponds to a plasma region of <1,
where plasma f is the ratio of gas pressure to the magnetic pressure.
The drivers are set at the top of the chromosphere, where the plasma
is partially ionized and dominated by a magnetic field over the neu-
tral gas pressure. Therefore, the slow and fast magnetoacoustic waves
are weakly coupled there. The drivers essentially excite slow magne-
toacoustic waves, which propagate along the magnetic field lines.
The waves evolve into a faint and weak slow shock when they cross
the solar transition region at y=2.1Mm, the where density falls rap-
idly. The plasma behind the shock is swept ahead to create a rarefied
tail and a bright and dense pseudo-shock (Fig. 3, middle panel, and
Supplementary Video 10) resembling the observations (Figs. 1 and 2,
and Supplementary Table 1). The faint, slow shock leaves the domain
as a detached leading front ahead of the pseudo-shock. The ongoing
magnetic reconnection between penumbral filaments and pre-existing
ambient open field lines at the outer periphery of the sunspot may result
in such localized perturbations, which move in the overlying stratified
atmosphere and create moving shocks/pseudo-shocks (Fig. 1b)%*.

The spatiotemporal evolution of the faint slow shock and
pseudo-shock (Fig. 4a,c) indicate that the faint slow shock leaves
the magnetoplasma domain in the early phase of its evolution, while
the pseudo-shock remains associated with it during its total lifespan
of ~150s. Therefore, the energy and mass transport are basically
governed by the pseudo-shock source. The energy flux associated
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Fig. 2 | Evolution of a pseudo-shock. A running-difference image sequence shows that the plasma is swept along the magnetic field lines, resulting in the
formation of a confined pseudo-shock on 8 October 2014 at 14:22 uT. It is elongated up to a height of ~5 Mm and propagates through the solar atmosphere
with continuous evolution of rarefied plasma lagging behind. This bright magnetoplasma structure originates impulsively, and an associated pseudo-shock
evolves for a finite time. The red contour in the top right image represents the intensity feature of the pseudo-shock when it appeared.

with the pseudo-shock (dashed blue line in Fig. 4a) is greater than
the faint, slow shock (dashed red line in Fig. 4a). The pseudo-shock
consists of one order of magnitude higher energy (~8x10°W m™)
in the upper chromosphere and transition region compared with the
slow shock. Therefore, the energy flux of the pseudo-shock is suf-
ficient to energize the lower solar atmosphere locally. Comparison
of energy fluxes carried by the pseudo-shock (blue squares in Fig.
4b) and slow shock (red diamonds) exhibits the significance of the
pseudo-shock in the inner corona as it carries a substantial amount
of energy (~10°Wm™) that may be sufficient to compensate for
its radiative losses if they dissipate there'. Also, the mass flux car-
ried by the pseudo-shock (blue squares in Fig. 4d) is larger than
the slow shock front (red diamonds). The value of the mass trans-
port (~10~°kgms"") due to the pseudo-shocks as computed by the
model indicates that the pseudo-shocks may contribute to feeding
the plasma into the inner corona above active regions.

Most of the mass and energy fluxes are transported to the transi-
tion region and inner corona by neutral particles, while only a frac-
tion of it is due to ions (see Supplementary Text). The transported
neutrals impulsively expand in the inner corona and frictional heat-
ing may be produced across the pseudo-shock due to strong ion-
neutral collisions, which thermalize its kinetic energy to heat the
plasma locally*'. Thus, the pseudo-shock sources may fade gradu-
ally after reaching the inner corona, where its energy is dissipated.
The study of dissipation of these new energy sources is beyond the
scope of this Letter, and will be considered in future study.

This work demonstrates the role of pseudo-shocks in carrying
sufficient amounts of energy that may balance the localized coronal
losses above solar active regions. These pseudo-shocks are recur-
rent on the Sun, and present an abundant measure in and around
the sunspot (see Supplementary Video 11). Therefore, they may
play a crucial role in locally compensating the radiative losses in
the overlying corona. We also show that these pseudo-shocks can
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transport substantial amounts of mass above an active region.
However, further studies are required to determine whether they
are directly linked to the formation of the slow solar wind*. The
quiet-Sun heating mechanism has been explored in the form of a
variety of competing plasma processes; for example, magnetohy-
drodynamic waves*~** and braiding of magnetic field lines*, while
heating of active regions has typically been associated with nano-
flares and reconnection’. Pseudo-shocks can potentially provide
the required energy and mass transport above solar active regions
to balance the coronal losses.

Pseudo-shocks may also be associated with penumbral jets®, light
bridge peacock jets” and penumbral dots***’, which occur in abun-
dant measures in and around sunspots. These sunspot jets some-
times show the evolution of bright, bulky heads and comparatively
rarefied tails, which may suggest the presence of pseudo-shocks
within them. If pseudo-shocks evolve in these active-region plasma
jets, they may contribute significantly to their energetics and forma-
tion. Future observations by the next generation of ultra-high-reso-
lution telescopes (for example, the Daniel K. Inouye Solar Telescope,
European Solar Telescope, National Large Solar Telescope, and so
on), as well as future theoretical investigations, such as dissipation
of these high-energy pseudo-shocks, will be able to constrain the
global role of pseudo-shocks in the solar energy budget.

Methods

In this section, we describe the two-fluid equations, initial set-up of the numerical
simulation, and solar model atmosphere with realistic temperature and magnetic
fields. We have used this two-fluid model and described basic set-up (initial and
boundary conditions) to simulate the evolution of pseudo-shocks mimicking the
physical properties of the observed pseudo-shocks in the solar chromosphere.

Two-fluid equations. To model the evolution of pseudo-shocks, we consider a
gravitationally stratified and magnetically confined plasma made up of two species
(that is, ionized (ions + electrons) and neutral fluids). This plasma is governed by a
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Fig. 3 | Two-fluid simulations of a pseudo-shock using newly developed JOANNA code”. The pseudo-shock evolves in the gravitationally stratified and
magnetized solar atmosphere. The leading slow shock (weak and invisible), pronounced pseudo-shock (or entropy mode) in the form of a dense and
bright contact surface and rarefied tail evolve in the solar atmosphere. Thereafter, they fade and subside gradually. x and y are the horizontal and vertical
spatial extent of the localized model solar atmosphere, respectively.

set of two-fluid equations'*”’. The resulting equations describing neutral fluids are

written as follows: k
e
2 2 my

T T,
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o ’ o Ky
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+V-@VV,+pD=a (V-V)+og (3)  where Q2 Piw Vi T, B and q, are, respectively, the mass density, gas pressure,
plasma velocity, plasma temperature, magnetic field and coefficient of collisions
between particles. Subscripts i and n correspond respectively to ions and neutrals,
J =V X B/, is the current density, m,, is the hydrogen mass, k; is Boltzmann’s

v constant, y=>5/3 is an adiabatic index and g= (0, —g, 0) is the gravitational

+0s8°V, (4) . o . . .
acceleration. The value of the gravitational acceleration (g) is taken as 274 ms=.
For the sake of simplicity, we limit ourselves to the two-dimensional case with the
system being invariant along the zdirection, and neglect the effect of ionization

p oo V) and recombination (due to the small mass of electrons compared with the ions and

e (5 neutrals), as well as all electron components.
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Numerical simulations using two-fluid equations. To solve the two-fluid
equations numerically in the presented simulations, we use JOANNA code'*".
PN We set the Courant-Friedrichs-Lewy (CFL) number equal to 0.3 and specify
gy, (@V) =0 (6)  the simulation box in (x, y) as (=2.56, 2.56) X (1.75, 15.0) Mm?, where y=0
ot ' denotes the bottom of the photosphere. In the numerical simulations, we adopt
the uniform grid within the region (—2.56 <x<2.56) X (1.75 < y < 6.87) Mm?,
V. which is covered by 1,024 X 1,024 grid points, leading to a resolution of 5km
——+V-(@VV+pD) +JxB=—a_(V-V) +og (7)  there. Above this region, we implement a stretched grid of 64 cells along the
ot ' ' ' y direction whose size grows with y. Such a stretched grid plays the role of a
sponge to absorb the incoming signals and it minimizes reflections from the
B top boundary of the simulation box. We impose open boundary conditions
—=VXx(V{xB)=0 (8)  for the outflowing signal at the side boundaries. At the top and bottom of
ot . . . . - .
the numerical simulation box, we fix all plasma quantities to their initial
equilibrium values, and solve two-fluid equations with the use of a mixed
V-B=0 ) HLLC/HLLD Riemann solver.

while ions + electrons are described by:

NATURE ASTRONOMY | www.nature.com/natureastronomy
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fluxes (~10~°kg m=2s7"), which may be sufficient to compensate for some part of the radiative (~103W m~2) and mass losses (~107°kgm=2s7") in the inner

solar corona up to 5.0 Mm height above an active region.

Force-free magnetic field and realistic temperature conditions. The hydrostatic
atmosphere for the ions corresponds to a force-free (J X B=0) magnetic field with
the solenoidal condition (V X B =0), which is being satisfied. We also assume a
current-free (J =0) magnetic field whose horizontal B,, vertical B, and transversal
B, components are given as'”:

—28x(y—a)
B.(x,y)=—"——5
= mary
S(x*=(y—a)) (12)
B (x,y)=—o 22
y(x y) (X2+ (y_a)2)2 v
B,(x,y)=0

where B, is a straight vertical magnetic field component, and a and S are free
parameters corresponding to the vertical location of the singularity in the magnetic
field and its strength, respectively. We set B,=8 G, a=—7.5Mm and S in such
amanner that at the reference point (x,=0, y,=6) Mm, the magnitude of the
magnetic field is B=4 G. We have examined that the energetics, mass flux and
evolution of the pseudo-shocks are almost the same for 1-2kG magnetic field
strength. Therefore, we have taken a 1 kG average magnetic field at the photosphere
to prepare our numerical simulations as we notice that these pseudo-shocks are
prevalent in the outer part of the sunspot penumbra, as well as nearby regions. The
magnetic field lines are displayed in Supplementary Fig. 3.

The realistic temperature profile for ion and neutrals in the solar
atmosphere, along with the height, is shown in Supplementary Fig. 4. This
temperature is taken from the model'®. In the photosphere, which is localized
at 0<y<0.5Mm, T(y) decreases with y until close to the bottom of the
chromosphere. Specifically for y ~ 0.5 Mm, T(y) reaches a local minimum of
about 4.5 10° K. Higher up in the atmosphere, T(y) grows with height until the
transition region is reached. Thereafter, it rises abruptly to the coronal heights
about the values of 1 MK.
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Perturbations at the upper chromosphere and generation of pseudo-shocks.
We perturb the equilibrium model of the structured solar atmosphere by
implementing simultaneously the drivers in ion and neutral gas pressures. These
drivers are expressed by equation (1). These drivers are operated at the top of
the chromosphere, and as a result slow and fast magnetoacoustic ion waves are
weakly coupled there. Therefore, these drivers execute slow magnetoacoustic ion
waves, which propagate essentially along the magnetic field lines. As neutrals do
not directly feel magnetic field, the drivers generate ion-neutral entropy mode
(pseudo-shock) and neutral acoustic waves that propagate quasi-isotropically

in the medium. Neutrals are affected there by ion-neutral collisions, which are
significant in the low atmospheric region of the Sun. The modelled pseudo-shock
resembles the cases observed by IRIS on 8 October 2014, and demonstrates their
physical significance.

Data availability
The data that support the plots within this paper and other findings of this study
are available from the corresponding author upon reasonable request.
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ABSTRACT

Aims. We perform numerical simulations of sheared magnetic lines at the magnetic null line configuration of two magnetic arcades
that are settled in a gravitationally stratified and magnetically confined solar corona.

Methods. We developed a general analytical model of a 2.5D solar atmospheric structure. As a particular application of this model, we
adopted it for the curved magnetic field lines with an inverted Y shape that compose the null line above two magnetic arcades, which
are embedded in the solar atmosphere that is specified by the realistic temperature distribution. The physical system is described by
2.5D magnetohydrodynamic equations that are numerically solved by the FLASH code.

Results. The magnetic field line shearing, implemented about 200 km below the transition region, results in Alfvén and magnetoa-
coustic waves that are able to penetrate solar coronal regions above the magnetic null line. As a result of the coupling of these waves,
partial reflection from the transition region and scattering from inhomogeneous regions the Alfvén waves experience fast attenuation
on time scales comparable to their wave periods, and the physical system relaxes in time. The attenuation time grows with the large
amplitude and characteristic growing time of the shearing.

Conclusions. By having chosen a different magnetic flux function, the analytical model we devised can be adopted to derive equilib-

rium conditions for a diversity of 2.5D magnetic structures in the solar atmosphere.

Key words. magnetohydrodynamics (MHD) — waves — Sun: corona — Sun: magnetic fields

1. Introduction

It is commonly accepted that the magnetic field plays a vital
role in the development of solar activity. Extrapolation of the
magnetic field from the photospheric level reveals the presence
of ubiquitous magnetic null points in which the field vanishes
(e.g., Brown & Priest 2001). The generation and propagation
of magnetohydrodynamic (MHD) waves, which are omnipresent
throughout the solar atmosphere, is one of the basic phenomena
of the solar activity. Among them, Alfvén waves are of particular
interest (e.g., Van Doorsselaere et al. 2008; Fujimura & Tsuneta
2009; Jess et al. 2009). A natural property of these waves is to
propagate along the magnetic field lines without introducing (in
the limit of small-amplitude waves) any mass density perturba-
tions (e.g., Nakariakov & Verwichte 2005; Vasheghani Farahani
et al. 2012). As Alfvén waves approach the null point, they
spread out as a result of the diverging magnetic lines (Bulanov
& Syrovatskii 1980; McLaughlin & Hood 2004). The authors
found that as the waves approach the separatrix (which separate
the magnetic field into two distinct regions), they deposit energy,
leading to a potential heating region there.

Extensive studies of Alfvén waves in the solar atmosphere
have been performed so far. For instance, the nonlinear wave
equations were derived for magnetoacoustic waves driven by
Alfvén waves (Murawski 1992; Nakariakov et al. 1997, 1998).
Alfvén waves were found to be attenuated by energy leak-
age into the ambient plasma (Gruszecki et al. 2007). Torsional
Alfvén waves were analytically and numerically explored

* Movie associated to Fig. 5 is available in electronic form at
http://www.aanda.org

Article published by EDP Sciences

by Zaqarashvili & Murawski (2007) in a coronal loop that was
inhomogeneous along the longitudinal direction. That the propa-
gation of torsional Alfvén waves along isothermal and thin mag-
netic flux tubes is cutoff-free has recently been demonstrated by
Musielak et al. (2007). Murawski & Musielak (2010) extended
the previous studies of Alfvén waves by refining both analyti-
cal and numerical methods, including a temperature distribution
typical of the solar chromosphere, transition region, and corona,
and considering the impulsively generated waves. Chmielewski
et al. (2013) studied the impulsively generated nonlinear Alfvén
waves in the solar atmosphere and describe their most likely role
in the observed nonthermal broadening of some spectral lines in
solar coronal holes. Chmielewski et al. (2014) performed numer-
ical simulations of Alfvén waves in asymmetric coronal arcade
and find that the asymmetry plays an important role in Alfvén
waves propagation, leading to such phenomena as phase mixing
and wave attenuation.

The goal of this paper is to develop analytical and numeri-
cal models of magnetic field line shearing, which excite Alfvén
and magnetoacoustic waves and lead to a relaxation of the sys-
tem that consists of the magnetic null line above two magnetic
arcades that are embedded in a gravitationally stratified solar at-
mosphere. We limit ourself to the 2.5 dimensional (2.5D) case.
In the magnetic-free case, this atmosphere would be determined
by the hydrostatic condition with the realistic temperature pro-
file. In such an atmosphere, we determine a nonpotential mag-
netic field, which corresponds to the magnetic structure, and the
corresponding equilibrium mass density and gas pressure that
vary both along horizontal and vertical directions, but are invari-
ant along the arcades’ axis.

A138, page 1 of 8
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This paper is organized as follows. Our model of the mag-
netic structure and the description of the numerical simulations
are introduced in Sects. 2 and 3, respectively. Results of our nu-
merical simulations of wave propagation at the magnetic null
line are presented and discussed in Sect. 4. Conclusions are
given in Sect. 5.

2. Physical model of two magnetic arcades
with a null line above

2.1. MHD equations

We consider a solar plasma that is described by the following set
of ideal MHD equations:

do

L 4V-(V) =0, 1

Fri V) (D

F1% 1

0, +e(V-V)V=-Yp+-(VxB)xB+qg. )
i

0 k

LV Vp=—ypV-V,p= "o, 3)

ot m

OB

& = VX (VXB).V-B=0, )

where o is mass density, p gas pressure, V represents the
plasma velocity, B is the magnetic field, 7' a temperature, kg the
Boltzmann’s constant, y = 5/3 is the adiabatic index, m a par-
ticle mass that is specified by a mean molecular weight of 0.6,
and g = (0, —g, 0) is the gravitational acceleration. The value of
g is equal to 274 ms~2.

In Egs. (1)—-(4), we neglected both the nonideal and nonadi-
abatic terms that usually lead to attenuation of wave amplitudes.
Their presence in the physical system is not expected to signifi-
cantly modify the general behavior of waves. However, we aim
to study them in the near future.

2.2. The equilibrium solar atmosphere

We consider a model of the equilibrium (9/9¢ = 0) solar atmo-
sphere with an invariant horizontal coordinate z (9/dz = 0), but
allow the z-components of velocity (V,) and magnetic field (B;)
to vary with x and y. In this 2.5D model, the solar atmosphere is
in static equilibrium (V = 0) with the Lorentz force balanced by
the pressure gradient and gravity, and the divergence-free mag-
netic field,

1
—(VXB)xB-Vp+og =0, ©)
M

V-B=0. (6)

2.2.1. Hydrostatic atmosphere

A hydrostatic atmosphere corresponds to the magnetic-free
(B = 0) case in which the gas pressure gradient is balanced by
the gravity force,

Vph = ong. @)

With the use of the ideal gas law given by Eq. (3) and the vertical
y-component of Eq. (7), we express the hydrostatic gas pressure
and mass density as

Y dy ) Pu(y)
= Pre - — <> = s 8
pr(y) = p fexp( fy A) W= A ®)
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Fig. 1. Hydrostatic solar atmospheric temperature vs. height y.

where

kT (y)
mg

Aly) = €))

is the pressure scale height, and p..s denotes the gas pressure
at the reference level y,, which we set and hold fixed at y, =
10 Mm.

We adopt a realistic plasma temperature profile given by the
semi-empirical model of Avrett & Loeser (2008) that is extrap-
olated into the solar corona (Fig. 1). In this model, the tempera-
ture attains a value of about 7 x 103 K at the top of the chromo-
sphere, y = 2.0 Mm. At the transition region, which is located at
y =~ 2.1 Mm, T exhibits an abrupt jump (Fig. 1), and it grows to
about 0.8 x 10° K in the solar corona at y = 10 Mm. Higher up in
the solar corona, the temperature increases very slowly, tending
to its asymptotical value of about 1.6 MK. The temperature pro-
file uniquely determines the equilibrium mass density and gas
pressure profiles, which fall off with height (not shown).

2.2.2. Magnetohydrostatic equilibrium
Multiplying Eq. (5) by B, we obtain

B-(-Vp+og9)=0. (10)

The solenoidal condition of Eq. (6) is automatically satisfied if
we express the equilibrium magnetic field with the use of mag-
netic flux function A(x, y) as
B =V x (Ae;) + B.e, (11)
where e, is a unit vector along z-direction, and B, is the z-
component of the magnetic field. We therefore have

0A 0A
Bx = _6_y’ By = a’ BZ = Bz(x’ y) (12)
We set
p = p(x,y) = py,A). (13)
Then from Eq. (10) we get
dp 0A dp 0p0A

~By— + B, |-— - = — - =0 14

“PA ox ”( 9y~ oAay Y (14)
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With the use of Eq. (12), we simplify this equation to the hydro-
static condition along the magnetic field line, which is specified
by the equation A = const.

op(y,A)
oy, A)g = ~LLA). (1)
Y

We can express the x-, y-, and z-components of Eq. (5) as

1 0B, 0B, 0B, op
_BL = - —B—:Bl—, 16
u["([‘)y Bx) ZB] Y0A (16)
1 0B, OB, 6B Op dp 0A op
—|-B,——-B; =-B,—,
7 [ ary ( 3y ox )] ay T oA gy eI By

a7
0B, 0B, A,B

By— +Bi,—=1J *]1=0, 18

"oy Ox ( X,y ) (18)

where J() is the Jacobian. From the last equation it follows that
B, = B.(A). (19)

Multiplying Eq. (16) by B, and Eq. (17) by B, and taking their
sum, we obtain the equilibrium equation for a system with trans-
lational symmetry (Low 1975; Priest 1982):

1dB2  dp(y,A)

M= " ea 0)

where A = ( ot )1s the Laplacian. This equation, Eqgs. (14),
(15), and the equatlon of ideal gas comprise the system of equa-
tions of magnetohydrostatics.

We consider the inverse problem of magnetohydrostatics
(Low 1980, 1982; Solov’ev 2010; Shapovalov & Shapovalova
2003), assuming that the flux function A(x, y) is known, and find
the corresponding expressions for o and p. Guided by this, we
integrate Eq. (20) over A from infinity, where A = 0, p = pn(y)
and the external field B,(0) = B, = const., to some point of the
configuration, and keep the coordinate y as a fixed parameter. As
a result we get (see also Solov’ev 2010)

(y, x) = ()_,_Bgex_@__ oA 2+_ ooaz_Aa_Ax
Pty pnty 2u 2u ax) uJ, oy ox
(21)

When the external field B, ¢ is large enough, which may be the
case for an active region, we can maintain a strong magnetic
field in equilibrium thanks to the second positive term on the
righthand side of Eq. (21).

To calculate the equilibrium mass density, we have to find
0p(y,A)/0dy. For any differentiable function S (x, y), we satisfy
the following relations:

98 (x,y) _ 0S(y,A) A
ox ~  0A  ox’ 22)
IS (x,y) _9S(y,A)  0S(y,A)OA (23)
dyy Oy dA Oy

We calculate the derivative S (y, A)/0A taking into account that
in our case S (x,y) = p(x,y). We rewrite Eq. (20) as

0B, 0%A 62A op(y,A)
Bt o T o =" aa @49
From Eq. (23) we find
Op(y.A) _ dp(x,y) _ Iplw,A) DA, 05)
oy dy 0A 0Oy

Using this expression in Eq. (24), we get

Ipy,A) _ Ipn(y)
dy dy
1, 0B:0A 01 9A\ 1f°°aZAaAd
_1p 904 o1 (oA) 1 [ oAoa..
U “0A Oy Oy |2u\ox uJ. 0y ox

1 0B, 0A 1, 0A
AA

-B,— —- (26
u “0A 6y T oy (26)
With the use of Eqgs. (15) and (26), we obtain
o) = on() + 0 0A Y Zf“’azAaA 10A
X — - — —dx|-——
oLy = onty 2ug dy |\ dx . Oy? Ox u oy
(27)

Equations (21) and (27) comprise the solution to the problem.
They are valid for any choice of magnetic field that is determined
by the magnetic flux function A(x, y) and transversal component
B.(A). The only condition is that the equilibrium gas pressure
and mass density, given respectively by Eqgs. (21) and (27), must
be positive.

2.2.3. The magnetic null line

Consider now the transversal magnetic-free case, B,(A) =
From Egs. (21) and (27), it follows that the equilibrium mass
density, o, and a gas pressure, p, simplify to the following ex-
pressions (see also Solov’ev 2010; Kraskiewicz et al. 2015):

vaA 9A . 1{9AV) 9A_,
o(x,y) = on(y)+— Ia-’/[ 37 ox 2(5) ]_6_yv A}
(28)
0A T 02A 0A
up(x,y) = ppn(y) — —(g) =) a2 ox x (29)

For the solar magnetic null line, we choose the magnetic flux
function as
Alx,y) = [kxe 2 ekyyo) 4 akx], (30)
where k is the inverse scale length, y, the vertical coordinate of
the null line, and a = const. is a dimensionless parameter that is
associated with the external magnetic field along the y-direction,
which is specified as

Bye, =

~Byae,. (31)

Here e, is a unit vector along the y-direction. We set k = 1/3,
a = —0.75, and hold them fixed. Since a magnetic flux func-
tion, A(x, y), can be chosen arbitrarily, we set it in the form of
Egs. (30), (31). As for a < 0, it corresponds to two arcades that
emerged from lower atmospheric layers into an originally ver-
tical magnetic field, creating the null line above these arcades.
It is noteworthy that any choice of A(x,y) corresponds to an
equilibrium.

Magnetic field lines resulting from Eq. (30) are illustrated in
Fig. 2. We note the presence of the null line located at (x = 0,
y = 4.2) Mm, where the magnetic field is zero. Below this point,
close to the line x = 0 Mm, the magnetic field is essentially
vertical, and it points downward. However, farther out from the
line x = 0, the magnetic field lines reveal their curved nature.
Above the null line, magnetic field lines are directed upward,
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Fig. 2. Equilibrium magnetic field lines. The magnetic null line is lo-
cated at (x = 0, y = 4.2) Mm.

and they are less curved than below the null line, which have the
inverted Y-shape.

In this system the Alfvén speed, cx, varies along both the x-
and y-directions, and it is expressed as

/ B2(x,y)
calx,y) = oY)’

where B is evaluated from Eq. (11) with B, = 0 and the use of
Eq. (30). The profile of logcx is displayed in Fig. 3 (top). The
Alfvén speed is non-isotropic; highest values of ca are located
at the places where the plasma is hottest (not shown), which is at
the points (x = £2,y = 3) Mm. We specify the plasma £ as the
ratio of gas-to-magnetic pressures,

Pe(X,y)
B(x,y)/2u
The spatial profiles of log 8 are illustrated in Fig. 3 (bottom). As

B = 0 at the null line, § is infinitely large there. But it falls off
with distance away from the null line.

(32)

Blx,y) = (33)

3. Numerical simulations of MHD equations

To solve Egs. (1)—(3) numerically, we use the FLASH code
(Fryxell et al. 2000; Lee & Deane 2009; Lee 2013), in which
a third-order unsplit Godunov-type solver with various slope
limiters and Riemann solvers, as well as adaptive mesh re-
finement (AMR; MacNeice et al. 1999), are implemented. The
minmod slope limiter and the Roe Riemann solver (e.g., T6th
2000) are used. We set the simulation box as (—3 Mm, 3 Mm) X
(1.9Mm, 7.9 Mm), while all plasma quantities remain invariant
along the z-direction; however, both V, and B, generally differ
from zero.

In our present work, we use an AMR grid with a minimum
(maximum) level of refinement set to 3 (6). We performed the
grid convergence studies by refining the grid by a factor of two.
Because the numerical results remained essentially same for the
grid of maximum block levels 6 and 7, we adopted the former to
get the results presented in this paper. Small-size blocks of the
numerical grid occupy the altitude of up to y ~ 5.1 Mm, which
is about 3 Mm above the solar transition region (Fig. 4), and
every numerical block consists of 8 X § identical numerical cells.
This results in an excellent resolution of steep spatial profiles
and greatly reduces the numerical diffusion in these regions.
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Fig. 4. Numerical blocks used in the numerical simulations.

3.1. Shearing of magnetic field lines

At all four boundaries, we set all plasma quantities to their
equilibrium values. The only exception is the bottom boundary,
where we additionally place the shearing of magnetic field, de-
scribed by

2 RY
B(xy1) = Ag - exp (—)“’(3}—2%)) (1 —exp (—é)) (34)



B. KuZma et al.: Alfvén waves at a solar magnetic null-line

Here Ay is the amplitude of the shearing, (0, yo) is its position,
w denotes its width, and 7p is the growth time of the shearing.
We set and hold yp = 1.9 Mm, w = 100 km, and 75 = 100 s
fixed, allowing A4 to vary. The value of y corresponds to the
magnetic shearing working about 200 km below the transition
region. The width w = 100 km mimics a localized source of the
shearing. The implemented value of the growth time models a
fast shearing, while long-lasting (over hours) shearings would
be more realistic. However, such shearings would be expensive
for numerical modelling, and therefore they are devoted for po-
tential future studies.

4. Results of numerical simulations

Without shearing (A4 = 0) in our 2.5D model with the trans-
verse magnetic-free case, B.(A) = 0, the Alfvén waves would
decouple from magnetoacoustic waves, and the Alfvén waves
would be described solely by V,(x,y, ) and B,(x,y,t). As a re-
sult, Alfvén waves in the linear, one-dimensional limit would be
approximately governed by the following wave equation:

*v, , 8V,
oz = ADge

where [ is the coordinate along a magnetic field line.

Figure 5 shows the spatial profiles of V,(x, y) at three instants
of time. A part of the simulation region is only displayed. Since
the Alfvén speed is zero at the magnetic null line, the Alfvén
waves are not able to reach this point. At¢ = 200 s, Alfvén waves
propagate upward, approaching the null line (the top panel). As
the magnetic field lines diverge with height, Alfvén waves fol-
low them by turning in the left and right directions in the left
(x < 0 Mm) and right (x > 0 Mm) half planes, respectively. This
is seen at later moments of time (the middle and bottom pan-
els). However, the Alfvén speed is highly inhomogeneous along
magnetic field lines (Fig. 3). As a result of this inhomogeneity,
the Alfvén waves experience scattering. However, the shearing
of magnetic lines results in linear coupling between Alfvén and
magnetoacoustic waves (e.g., Wotoszkiewicz et al. 2014), and al-
though V. corresponds essentially to Alfvén waves, it is also as-
sociated with fast magnetoacoustic waves. The latter are able to
propagate across the null line, where as a result of disappearing
magnetic field, they temporarily become acoustic waves. They
enter the coronal region above the magnetic null line, which is
clearly seen at t = 2 X 103 s (bottom).

Figure 5 illustrates the velocity vectors [V, V,] that at the
initial stage of the system’s evolution, correspond to magnetoa-
coustic waves. At t = 200 s, two eddies appear at (x = +0.5,
y = 3.2) Mm. At a later time, the flow in the x — y plane is more
complex, but since it follows magnetic field lines, it is essentially
associated with slow magnetoacoustic waves.

Figure 6 shows the evolution in time of V,(x = 0.05 Mm,
y) above the null line. The maximum of the absolute value of
V.(x = 0.05 Mm, y) increases in time, which proves that the
wave signal indeed penetrates the coronal region above the null
line.

As different parts of Alfvén waves move along magnetic field
lines of different lengths, along which Alfvén speed varies differ-
ently, Alfvén waves experience phase-mixing (Fig. 5 middle and
bottom) which is further illustrated in Fig. 7, which illustrates
vertical profiles of V,(x = 0.5 Mm, y) at t = 500 s, t = 600 s,
and r = 10° s. At ¢ = 500 s, the oscillations at y = 3.3 Mm are
approximately in anti-phase to the oscillations at the later mo-
ments of time, which reveal a high level of complexity, resulting
from phase mixing and wave scattering.

(35)

Figure 8 clearly shows that the oscillations are present in the
time signature of V, collected at the point (x = 0.5, y = 3.5) Mm.
The Fourier waveperiod of these oscillations, P, is about 333 s,
which is close to the waveperiod of 5-min oscillations. However,
P depends on a number of plasma quantities, such as a length of
magnetic line and a profile of Alfvén speed along this line. These
oscillations result essentially from partial reflection of Alfvén
waves from the inhomogeneous region of high Alfvén speed lo-
cated at (x = 1.9, y = 2.9) Mm (Fig. 3, bottom), and they de-
cay in time as exp(—t/7) (Fig. 8), where 7 is a decaying time.
The envelopes fit to the time signature (Fig. 8) show that for
Aq = 2.28 Gauss, 7 is approximately 362 s, which is only about
30 s longer than the waveperiod. As a result we infer that Alfvén
waves are attenuated on time scales that are comparable to their
waveperiod.

The transmission coefficient of the Alfvén waves signal
through the transition region can be evaluated as

A

C = A (36)

where A; = 2.2 km s7! and A, = 0.7 km s~! are amplitudes
of respectively incident (Fig. 9) and transmitted Alfvén waves
(Fig. 9). As aresult we get C; = 0.3. Because the reflection co-
efficient is C; = 1 — C;, we find that C; =~ 0.7, which means that
about 70% of the waves amplitude became reflected from the
transition region, and about 30% was transmitted into lower at-
mospheric layers. This rather high value of C; means that Alfvén
waves are strongly attenuated by a significant amount of Alfvén
waves energy that is transmitted through the transition region
into lower regions of the solar atmosphere.

Figure 10 shows a dependence of 7/P on Ay4. A lower value
of /P corresponds to stronger attenuation and 7/P attains a
value of about 1.95 for Aq = 1.1 Gauss. For a bit higher val-
ues of Aq, 7/P falls off with Aq, attaining its minimum of about
1.05 at Ag = 2.2 Gauss. This behavior fulflils our expectations;
for a higher value of A4, we would expect that more magnetoa-
coustic waves are present in the system because Alfvén waves
are strongly coupled to these waves owing to the presence of the
sheared magnetic field. Indeed, Fig. 11 illustrates the ratio of ki-
netic energies of magnetoacoustic and Alfvén waves Ekm/EkA
vs. Aq. The kinetic energy of magnetoacoustic waves increases
with Ay. Figure 12 shows the evolution of the ratio of the to-
tal kinetic energy to the total magnetic energy in time. This ra-
tio grows in time reaching its maximum of about 8.5 x 1073 at
t ~ 1400 s and then, as the fast magnetoacoustic waves leave the
simulation region, it subsides in time.

From Fig. 10 we infer that for Aq > 2 Gauss 7/P grows with
Ag4. While P decreases slightly with Ag (not shown), a larger
amplitude of the shearing results in less attenuation, which re-
sults from a prevalence of relaxation process over wave propa-
gation, for which 7 is larger. As a result, 7/P grows with A4 for
Aq > 2.2 Gauss (Fig. 10).

The attenuation time also varies with a characteristic grow-
ing time of the shearing, 7g (see Eq. (34)). For a higher value of
7B, thereare supposed to be fewer oscillations, because the sys-
tem essentially relaxes to a new quasi-equilibrium. That results
in a higher value of 7. This effect is presented in Fig. 13. For
73 = 200 s, we get T ~ 5.5 X 10% s, while 75 = 400 s corre-
sponds to 7 =~ 12 x 10° s.

It is noteworthy that in many cases when shearing perturba-
tions are applied in the vicinity of nulls, significant dissipation
and perhaps reconnection occurs around the null/separatrices
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Fig. 5. Temporal evolution of V,(x, y) for Ag = 2.28 Gauss at# = 200 s, = 600 s, and t = 2 X 10% s (from top to botton). Arrows represent velocity
vectors in the x-y plane, [V, V,], expressed in the units of 0.1 km s~1. (Movie available online.)

(e.g., Hassam & Lambert 1996; Craig & McClymont 1997;
Antiochos & Linton 2002; Galsgaard et al. 2003; Craig &
Litvinenko 2005; Pontin & Galsgaard 2007). However, the grid
refinement studies that we performed showed that such phenom-
ena are absent around the null line in our system.
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5. Summary and conclusions

It is important to investigate the role of Alfvén waves on some
solar phenomena, particularly when they are associated with
the coronal heating and solar wind acceleration that remain



B. KuZma et al.: Alfvén waves at a solar magnetic null-line

0.5 —

[km s7']

N

V,

4 5 6 7
y [Mm]

Fig. 6. Evolution of V,(x = 0.05 Mm, y) above the null line at = 10% s
(solid line), # = 1.6 x 10° s (dashed line), and ¢ = 5 x 107 s (dotted line)
for Ay = 2.28 Gauss.
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Fig.7. Evolution of V_(x = 0.5 Mm, y) at ¢ = 500 s (solid line), t = 600 s
(dashed line), and t = 10% s (dotted line) for Ay = 2.28 Gauss.

long-standing problems of heliophysics. Leading into this frame-
work, we generalized the analytical model of Kraskiewicz et al.
(2015) by implementing a magnetic field component along the
invariant direction B,. The model we devised can be adopted
to derive equilibrium conditions for any 2.5D magnetic struc-
ture in the solar atmosphere. A magnetic field is specified by an
arbitrary choice of a magnetic flux function A(x,y) and B,(A).
Having specified A(x, y), the equilibrium mass density and a gass
pressure are expressed by Egs. (21) and (27).

Using the devised analytical model of the magnetic null line,
we performed the 2.5D numerical simulations of the shearing
magnetic field lines, implemented about 200 km below the tran-
sition region. These simulations adapt the realistic model of the
hydrostatic solar atmosphere in the FLASH code. Our model ex-
hibits the formation of the Alfvén waves at the initial phase of
temporal evolution, linear coupling between Alfvén and magne-
toacoustic waves at a later time, and relaxation of the system in
the final phase. Our results reveal the complex picture of inter-
action between Alfvén waves and magnetic null lines. We found
that as a result of highly inhomogeneous Alfvén speed and dif-
ferent lengths of magnetic field lines, Alfvén waves experience
phase mixing, scattering from inhomogeneous regions of Alfvén
speed, and partial reflection from the transition region and other

3
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Fig. 8. Time history of V,(x = 0.5 Mm, y = 3.5 Mm) (solid line) and
its envelope (dashed lines) for Ay = 2.28 Gauss (top) and of V,(x =
0.6 Mm, y = 3.3 Mm) and its envelope for Ay = 5.7 Gauss (bottom).
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Fig.9. Vertical profiles of V. (x = 1.7 Mm, y) (solid line) and V (x =
2.2 Mm, y) (dashed line) at = 10° s for A4 = 2.28 Gauss.

areas of highly varying Alfvén speed. As a consequence, Alfvén
waves become attenuated with the attenuation time varying with
the amplitude and characteristic time of the shearing. A larger
shearing of magnetic field lines results in stronger linear cou-
pling between Alfvén and magnetoacoustic waves. The kinetic
energy of the latter waves increases with the amplitude of the
shearing, but it remains lower than the kinetic energy of Alfvén
waves (Fig. 11).
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Abstract

In the light of recent CRISP/SST observations we aim to study transverse oscillations of a finely structured flux
tube. With the use of PLUTO code, we numerically solve ideal magnetohydrodynamic equations in three-
dimensional Cartesian geometry. With a pressure signal we generate a finely structured magnetic flux tube that
consists of a central strand and four off-central strands. This flux tube is perturbed by a periodic driver in the
azimuthal component of velocity. This driver results in transverse oscillations that propagate upward along these
strands. The central strand experiences torsional Alfvén waves, while the off-central strands exhibit fast
magnetoacoustic kink oscillations. The latter are guided by the off-central strands, which are regions of depression
in Alfvén speed.

Key words: magnetohydrodynamics (MHD) — methods: numerical — Sun: activity — Sun: corona — Sun: transition

region

1. Introduction

Much of the dynamics of the solar plasma is determined by
the magnetic field, which is the key to understanding many
physical processes on the Sun. The magnetic field is distributed
all over the Sun in the form of very complex configurations
(i.e., active regions) and simple ones (i.e., quiet Sun, coronal
holes). Magnetic flux tubes with a concentrated magnetic field
of about 10° G reside in internetwork regions. These flux tubes
are the basic building blocks of the magnetic field, and are
mainly present in the quiet Sun. In this era of high-resolution
observations, flux tubes seem to be omnipresent in the solar
chromosphere (e.g., Hansteen et al. 2006; De Pontieu
et al. 2007; Rouppe van der Voort et al. 2009; Kuridze
et al. 2015; Srivastava et al. 2017). The combined dynamics of
the flux tubes and the solar plasma leads to the diversity of
structures in the chromosphere (e.g., spicules, fibrils, mottles,
jets). MHD waves are an integral part of these magnetic
structures and can be studied with the help of high-resolution
observations and advanced numerical simulations (e.g., De
Pontieu et al. 2007; Zaqarashvili & Erdélyi 2009; Okamoto &
De Pontieu 2011; Tavabi et al. 2015; Wojcik et al. 2017).

Recent observations with high spatial resolution using
CRISP/SST (CRisp Imaging SpectroPolarimeter/Swedish
1m Solar Telescope) have revealed that flux tubes are not
monolithic entities in the solar atmosphere, but instead are
further fragmented into very fine magnetic strands. Srivastava
et al. (2017) reported for the first time that such flux tubes
experience transverse oscillations with a short period (~50 s).
The authors devised a monolithic model of a flux tube to
perform 3D numerical simulations of these oscillations and
showed that they exhibit the potential to heat the solar corona.

The main goal of our paper is to contribute to the above
studies by performing numerical simulations of a finely
structured magnetic flux tube that is generated by a signal in
the gas pressure and determining whether a high-frequency
driver is able to induce the observed oscillations of this
flux tube.

This paper is organized as follows. In Section 2, we describe
the physical model of the solar atmosphere. Numerical
simulations of MHD equations are presented in Section 3. A

summary and conclusions of the present work are outlined in
the last section.

2. Physical Model of the Solar Atmosphere

We describe the solar atmospheric plasma by the ideal, 3D
MHD equations with all plasma quantities having the standard
notation, the adiabatic index v = 5/3, the mean molecular
weight is 0.6, and the gravitational acceleration g = (0, —g, 0)
with g = 274 ms %

For a still atmosphere (with velocity V = 0) we assume that
the equilibrium magnetic field B is current-free (V x B = 0)
with its horizontal (B,), vertical (B,), and transverse (B,)
components given as (Low 1985; Konkol et al. 2012)

[Bx. By, B]
_S[=3x(y = b), X = 2(y = b)’ + 22, —3(y — b)z]

1
o2+ (= b7 + 2D M

+ [0, By, 0],

where B, denotes the magnitude of a uniform vertical magnetic
field, and b and S are free parameters corresponding to the
vertical location of the singularity and the magnetic field
strength, respectively. We set b = —0.2 Mm, B, = 10 G, and S
in such a way that at the reference point (x = 0, y = 10,
z = 0) Mm the magnitude of magnetic field is B = 12.56 G.
The corresponding magnetic field lines diverge with height
(Figure 1, left). Note that B~ 50G at y ~2Mm and it
declines with height until B ~ 11 G at y &~ 20 Mm (not shown).

For a current-free magnetic field, such as given by
Equation (1), the equilibrium gas pressure po(y) and mass
density oo(y) are hydrostatic and they are determined by the
semi-empirical temperature 7(y) model of Avrett & Loeser
(2008), which is smoothly extrapolated into the corona. In this
model, the transition region is located at y ~ 2.1 Mm, and it
separates the low-lying chromosphere from the settled corona
above it. For more details see Murawski et al. (2015b).
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Figure 1. The equilibrium magnetic field lines (left) and isosurface of mass density ¢ (x, y, z) = 10 gy att = 100 s with gy = 10~'2 kg m > (right). The color map
corresponds to the magnitude of the magnetic field B, which is expressed in G. Only part of the simulation region is displayed.

We perturb the above-described hydrostatic equilibrium by a
signal in the gas pressure,

p(-x7 Ys 2, t) :Po(Y)

5 _ 2 _ 2 _ 2
X[HAPZCXP(_()C X0/ 40 =) F €= ) ]f(t)}

i=1 w

£ty = {t/T, t<T

1, t>7°
2

where (xo,, Yo, 20,), 1 = 1, ..., 5, are coordinates of the signal, w is
its width, A, its amplitude, and 7 its growth time. In order to
obtain a finely structured flux tube that would mimic the
observational data of Srivastava et al. (2017), we set xo, = 0,
X0, s = £0.1Mm, yo = 1.75Mm, z, = 0, 29, ; = 0.1 Mm,
w = 40km, and hold them fixed. To reduce the formation of
transient phenomena, the pressure signal is ramped in time with
the use of a temporal function f(7) by setting it to grow linearly in
time from 0 to 1 at t=7=15s and then the signal is kept
constant in time.

Additionally, we set the periodic driver in the azimuthal
component of velocity, written in Cartesian coordinates as

z X
Vi, Vi, Vo] = Av[**, 0, *]
r r

rr+ - Y())z . (27
X exp| —————5———[sin ?t ,

Wy d
= x4y, 3

where yo = 1.75 Mm is the vertical position of the driver,
Ay = Skm s~ !is the relative amplitude of the driver, and the
width of the driver, w; = 0.5 Mm, allows us to perturb the
whole system of five strands that constitute a finely structured
magnetic flux tube. The period of the driver is set as
Py = 50s, unless stated otherwise, which lies within the
range of short-period oscillations detected by Srivastava et al.
(2017). The drivers specified by Equations (2) and (3) may
result from enhanced vorticity (i.e., swirls) associated with
shear in the downdrafts at convection cell boundaries
(Kitiashvili et al. 2011, 2012; Kosovichev et al. 2012); the
pressure signal mimics thermal energy release while the
velocity driver models a plasma twist, which may potentially
originate at the reconnection site.

3. Numerical Simulations of MHD Equations

To solve MHD equations numerically, we use the PLUTO
code (Mignone et al. 2007, 2012). In our problem, we set the
Courant-Friedrichs—Lewy number equal to 0.3 and choose
piecewise TVD WENO3 interpolation with the third-order
Runge—Kutta method, which leads to third-order accuracy in
space and time. Additionally, we adopt the Harten—Lax—van
Leer Discontinuities (HLLD) approximate Riemann solver of
Miyoshi & Kusano (2005).

We set the simulation box in (x, y, z) as (—0.64, 0.64) Mm
x (1.75, 20.0)Mm x (—0.64, 0.64)Mm, where y =0Mm
denotes the bottom of the photosphere. In the numerical
simulations we use a uniform grid within the region
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Figure 2. Horizontal profiles of o(x, y, z, t = 70 s) drawn for y = 2.3 Mm, y = 2.5 Mm, y = 4 Mm, and y = 5.5 Mm (from top left to bottom right). Mass density is
expressed in units of the coronal mass density, 29 = 10712 kg m~>. Arrows represent velocity vectors in the x—z plane, expressed in arbitrary units.

(—0.64 <x <0.64)Mm x (1.75 <y <431)Mm x (—0.64 <z
< 0.64) Mm. This region is covered by 256 x 512 x 256 grid
points, which lead to a resolution of 5km there. Above this
region, namely within the box (—0.64 <x <0.64) Mm x (4.31
<y <£20.0)Mm x (—0.64 <z <0.64) Mm, we implemented a
stretched grid along the y-direction, which is divided into 128 cells
whose size grows with y.

Figure 1 (right) shows an isosurface of mass density
o, y,2) =107y at t=100s, where gy = 10" 2kgm
is the hydrostatic mass density at the reference point. The driver
in the gas pressure, given by Equation (2), ejects cold
chromospheric plasma into the low corona, above the transition
region, and it generates jets in the form of five strands. As a
result of the short magnetic field lines along which the signals
propagate and the larger tube speed cr(x = 0, y, z = 0) (not
shown), with which a signal in o driven by the driver of
Equation (2) evolves, the central strand reaches a higher
altitude than the off-central strands. Here the tube speed is
or = CSCA/1/CSZ + c#, where the sound speed is cs = /7P, /00
and the Alfvén speed is ca = B/ /pi0¢.

Figure 2 illustrates the spatial distribution of o(x, y, z,
t =70s) at four different altitudes. At the bottom of the
magnetic flux tube the strands are close to each other, creating

essentially a monolithic structure. However, these strands can
be distinguished because of dense shells located at their
outskirts. Higher up, at y > 2.5 Mm, the strands begin to split.
As the plasma 3 = 2 up/B* is lower than 1 (Figure 3, left) the
outer strands follow the magnetic field lines that diverge with
height (Figure 1, left), and the diameter of the strands varies
between 100 and 250 km. These values lie within the range of
the recent observational data of Srivastava et al. (2017). The
central strand oscillates in the form of torsional Alfvén waves
with a velocity amplitude of about 5kms~' (Figure 2). The
off-central strands experience fast magnetoacoustic kink (kink,
henceforth) oscillations and their amplitude grows with height.
As the Alfvén speed c, attains its local minima in the strands
(Figure 3, right), the excited kink waves are trapped therein.
The regions of low Alfvén speed inside the strands can trap
fast magnetoacoustic waves. Figure 3 shows the spatial profiles
(in the vertical s—y plane) of 3 (left panel) and c, (right panel),
where s is the horizontal diagonal of the simulation box, x = z.
As the upper sections of the strands carry rarefied plasma,
ca(s, y = fixed) exhibits its minimum within these strands,
which guide fast magnetoacoustic waves. Thus, the presence of
torsional motions at the bottom of the system of strands results
in transverse motions of separated off-central strands that grow
with height. The small-scale vortex results from kink waves
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Figure 4. Vertical component of V x Vy(x, y = 4 Mm, z, t = 80 s), where V,
is the horizontal component of V.

propagating along the strands, which are clearly visible on the
plot of V x Vy, (Figure 4), where V, is the horizontal velocity
component.

We investigate the temporal evolution of mass density and
vertical velocity. Figure 5 shows six snapshots of o(x,
y=4Mm, z) drawn at t = 50s,t=555s,1=060s, 1t = 65s,
t =70s,t =75 s. Arrows represent horizontal components of
velocity vectors [V, V.]. In all strands we can see shells
reported previously by Murawski et al. (2015b), which may
also constitute evidence of resonant absorption as discussed by
Goossens et al. (2013). A shell structure may also result from
varying temperature across structures, influencing sound speed
and wave propagation.

Figure 6 (top panels) illustrates the temporal evolution of the
azimuthal velocity component, Vj, in the finely structured flux
tube. The left panel corresponds to transverse MHD waves in

the central strand, s = 0.02 Mm (thus for Alfvén waves); the
right panel is associated with transverse MHD waves in the off-
central strand, s = 0.25Mm (for kink waves). From these
time—distance plots we estimate characteristic speeds of
upwardly propagating waves. We find that the characteristic
speed of Alfvén waves in the central strand lies in the range
420-510kms~'. The physical properties of the off-central
strands change drastically in time compared to those of the
central strand (see Figure 5) and result in a wide range of
variations in the speed of kink waves, which extends from 10?
to 10°kms™'. Figure 6 (bottom panels) shows the corresp-
onding periods of propagating Alfvén (left) and kink (right)
waves. We infer that the periods of the waves excited in the
upper chromosphere do not change significantly with height.
As a result of the inhomogeneity of the plasma along the y-
direction, few periods shorter or longer than the dominant
period, P = 50 s, are generated in the system. For P = 50 s, we
evaluate the wavelength, A, of Alfvén waves to be within the
range 20-25 Mm, while the wavelength of kink waves varies
between 5 and 50 Mm.

The transverse MHD waves (i.e., Alfvén and kink waves)
carry the energy into the upper solar atmospheric layers, which
can play a significant role in the heating of the corona (e.g.,
Sakurai et al. 1995; Kudoh & Shibata 1999; De Pontieu
et al. 2007; Dwivedi & Srivastava 2010; Sokolov et al. 2013;
Murawski et al. 2015a; Murawski & Musielak 2016; Srivastava
et al. 2017). Figure 7 shows spatial profiles of energy flux,
F =~ 0.5 pg ¢y V#, where V, is the velocity along the azimuthal
direction, at t = 92s (left) and r = 100s (right). As can be
seen, the strands carry an energy flux of about 10°Wm 2 At
the bottom of the finely structured flux tube this flux is
dominant in the central strand (left). This changes, as the
energy flux in the central strand decreases significantly with
height, while we do not observe such a process in the off-
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central strands (right). Ultimately, we conclude that in a finely
structured flux tube the off-central strands, and thus kink
waves, carry more energy to higher layers of the solar corona
than torsional Alfvén waves. With proper dissipation mechan-
isms, which are absent from our model, this amount of energy
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, and velocity vectors in the x—z plane at t = 50s, t =555, t = 60,

can be sufficient to heat the solar corona (Withbroe &

Noyes 1977).
Figure 8 illustrates the temporal evolution of energy flux

along the finely structured flux tube for drivers with four
different periods. In addition to newly found short-period
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transverse oscillations (P, = 50s), we investigate Alfvén short-period transverse oscillations carry an energy flux of
oscillations with P; = 126s (Jess et al. 2009), as well as about 2.5 x 10°Wm™2 at its maximum at the bottom of a
oscillations of 3 and 5 minutes (P, = 180s and 300s). The finely structured flux tube (top left, solid line). This value
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Figure 8. Temporal evolution of the energy flux, F ~ 0.5 ¢ ¢ V7, expressed in units of W m~ 2, at y = 3 Mm (solid line), y = 5 Mm (long-dashed line), y = 7 Mm
(short-dashed line), and y = 9 Mm (dotted line), in the case of P, = 50, P, = 126 s, P, = 180 s, and P, = 300 s (from top left to bottom right).

decreases in subsequent periods due to expansion and ongoing
rarefaction of strands in time. It also falls off significantly with
height (top left, long-dashed and short-dashed lines). At a
height of y = 9 Mm it attains a negligibly small value below
10*W m™* (top left, dotted line). Longer-period waves carry
energy more efficiently to the higher layers of the solar corona
(top right and bottom). It is noteworthy that minimum energy
losses correspond to oscillations of 3 minutes. The obtained
results reveal that the short-period transverse oscillations decay
quickly with height, while longer-period oscillations effectively
propagate above the altitude of y = 9 Mm.

In conclusion, we infer that the finely structured flux tubes
can effectively guide both kink and Alfvén waves, and a
substantial part of their energy flux is carried to upper layers of
the solar corona.

4. Summary

It was recently discovered that magnetic flux tubes in the
quiet Sun consist of fine strands along with the presence of
transverse waves (Srivastava et al. 2017). To understand the
wave dynamics of a finely structured magnetic flux tube a
monolithic flux tube was used in the numerical simulations of
Srivastava et al. (2017). In the present simulations, we have
produced a finely structured flux tube, which consists of
five strands—one central and four off-central—to mimic the
observed flux tube of Srivastava et al. (2017), and we have
investigated its associated wave dynamics.

A flux tube of moderate strength, which mimics a typical
quiet-Sun flux tube, has been used to produce the fine strands.
These strands form when the denser chromospheric plasma fills
in the magnetic fine structures. We have launched pulses in gas
pressure at five different spatial positions to reproduce five
strands (one central and four off-centrally located) of the flux

tube. We have performed numerical simulations of transverse
waves in this finely structured flux tube. Various kinds of
dynamics are present near the flux tubes in the solar
photosphere (convective flows, horizontal flows, granular
buffeting), which may participate in the generation of various
MHD waves in these flux tubes (e.g., Murawski et al. 2015a;
2015b). The amplitude of the physical driver (i.e., rotation in
the azimuthal component of velocity) is large close to the
center of the flux tube; it decreases toward the outward
directions. Therefore, the central strand experiences more
rotation in the form of torsional Alfvén waves, while the four
off-centrally located strands, being regions of depression in the
Alfvén speed, guide fast magnetoacoustic kink oscillations.
Both the Alfvén and fast magnetoacoustic kink oscillations are
driven by a periodic driver in the azimuthal component of
velocity, which operates about 350km below the transition
region. These kink oscillations carry energy into the solar
corona; the major contribution results from Alfvén waves.

Finally, we conclude that our numerical model successfully
reproduces the fine strands within a flux tube along with associated
wave dynamics. MHD waves in a finely structured magnetic flux
tube depend completely on the nature of their physical drivers (i.e.,
vortex motion, granular buffeting, horizontal flow, etc.).

The authors express their thanks to the referee for
stimulating comments, to Dr. Pradeep Kayshap for a few
discussions, and to Dr. Piotr Konkol for his assistance in setting
the PLUTO code for this project. This work was done in the
framework of the project from the National Science Centre,
Poland (NCN), Grant No. 2014/15/B/ST9/00106. Numerical
simulations were performed on the LUNAR/SOLARIS cluster
at Institute of Mathematics of University of M. Curie-
Sktodowska, Lublin, Poland.
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Abstract

Using high-resolution numerical simulations we investigate the plasma heating driven by periodic two-fluid
acoustic waves that originate at the bottom of the photosphere and propagate into the gravitationally stratified and
partially ionized solar atmosphere. We consider ions+-electrons and neutrals as separate fluids that interact between
themselves via collision forces. The latter play an important role in the chromosphere, leading to significant
damping of short-period waves. Long-period waves do not essentially alter the photospheric temperatures, but they
exhibit the capability of depositing a part of their energy in the chromosphere. This results in up about a five times
increase of ion temperature that takes place there on a timescale of a few minutes. The most effective heating
corresponds to waveperiods within the range of about 30-200 s with a peak value located at 80 s. However, we
conclude that for the amplitude of the driver chosen to be equal to 0.1 km s, this heating is too low to balance the

radiative losses in the chromosphere.

Key words: methods: numerical — Sun: activity — Sun: chromosphere — Sun: transition region

1. Introduction

One of the main open questions of solar physics is energy
transport from the photosphere to the chromosphere and further
up to the corona. It is well known that chromospheric plasma
radiates more than that of the corona, thus an additional source
of chromospheric heating is required (e.g., Narain &
Ulmschneider 1996). The photosphere is fulfilled by a wide
range of oscillations and is considered a main source of waves
in the solar atmosphere. Among others, the excited acoustic
waves propagate into upper, quiet, and essentially magnetic-
free atmospheric regions (e.g., Nakariakov & Verwichte 2005).
So far, wave processes have been investigated mainly within
the framework of magnetohydrodynamics, which is a good
model for a fully ionized plasma. However, the photospheric
and chromospheric plasma are only partially ionized and
neutrals play an important role in their dynamics (e.g.,
Zaqarashvili et al. 2011). The ion—neutral collisions can lead
to a range of phenomena, such as, for instance, wave damping
(e.g., Piddington 1956; Watanabe 1961; Kulsrud &
Pearce 1969; Haerendel 1992; De Pontieu & Haerendel 1998;
James & Erdélyi 2002; Erdélyi & James 2004; Khodachenko
et al. 2004; Forteza et al. 2007).

The idea that acoustic waves can heat the solar atmosphere
was developed by Bierman (1946) and Schwarzschild (1948),
who originally proposed that acoustic waves can be the main
heating agents of the chromosphere, with wavefront steepening
with height and dissipation in shocks in the chromosphere
being considered the main mechanisms behind plasma heating.
Later on, the problem of chromospheric heating by acoustic
waves was investigated widely. For instance, Carlsson & Stein
(1995) questioned the average plasma temperature growth in
the acoustically heated chromosphere. Fossum & Carlsson
(2005, 2006) performed numerical simulations of high-
frequency acoustic waves and concluded that they are not
sufficient to heat the chromosphere. On the other hand,
Ulmschneider & Musielak (2003) stated that acoustic waves
are the main source of heating in non-magnetic regions of the
chromosphere and Cuntz et al. (2007) provided significant

evidence that this heating can be locally dominant. Using two-
fluid numerical simulations, Maneva et al. (2017) showed that
magnetoacoustic waves, while propagating through the grav-
itationally stratified medium of the chromosphere, lead to
alterations in plasma temperature.

We aim to contribute to the investigations mentioned above
by performing novel and high-resolution two-fluid simulations
of acoustic waves propagating in the solar atmosphere and to
quantify the amount of heating occurring in the chromosphere.
This paper is organized as follows. In Section 2, we describe
the physical model of the solar atmosphere. Numerical
simulations are presented in Section 3. A summary and
conclusions are presented in the last section.

2. Physical Model

Here we describe the physical model of the solar atmosphere
we employed. In particular, we consider a gravitationally
stratified and partially ionized solar atmosphere. With the use
of a realistic height-dependent temperature profile of the semi-
empirical model of Avrett & Loeser (2008), we determine
uniquely the equilibrium mass density and gas pressure profiles
that fall off with height. To describe chromospheric plasma we
adopt the set of equations for two fluids, mainly for ions
+electrons and neutrals, with the contribution of both species
depending on local ionization level. These two-fluid equations
were derived by a number of authors (e.g., Smith & Sakai 2008;
Zaqarashvili et al. 2011; Meier & Shumlak 2012; Soler et al.
2013; Ballester et al. 2018, and references therein). They were
implemented into the JOANNA code (W¢jcik 2017), which
was recently used by Kuzma et al. (2017) and Srivastava et al.
(2018) to simulate two-fluid jets and by W¢jcik et al. (2018) to
study two-fluid acoustic cutoff periods. In our model we
assume initial thermal balance between ion and neutral
components of plasma, T, = T,, = T, (Oliver et al. 2016),
and neglect all electron components due to the small mass of
electrons in relation to ions and neutrals. Note that the
subscripts ; and , correspond to ions (protons) and neutrals
(hydrogen atoms), respectively. See also Section 3 of Wojcik
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et al. (2018) for an extended discussion on two-fluid
hydrostatic equilibrium.

The two-fluid equations are taken from Zaqarashvili et al.
(2011), with the exception for the heat production terms in the
total energy equations that result from ion—neutral collisions.
These terms are written here in similar (but generalized here for
the solar mean atomic masses) form as in Oliver et al. (2016).
See also Wdjcik et al. (2018). Thus, ion and neutral
components of plasma are governed by the following set of
equations:
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These equations are supplemented by the ideal gas laws as
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Here E; and E, are, respectively, ion and neutral energy
densities:
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where v = 5/3 is the ratio of specific heats, oy, and «; are
friction coefficients between ions and neutrals, p; and g, are
mean atomic masses of, respectively, ions and neutrals, which
are taken from the solar abundance model (e.g., Vogler et al.
2005), ¢ is time, kg is the Boltzmann constant, my is hydrogen
mass, and T; and T,, are temperatures of, respectively, ions and
neutrals, V; and V; are their corresponding velocities, and ,; and
pn are gas pressures. A constant solar gravity of magnitude
g=127478m s ' points in the negative y-direction. To
estimate «;,, we use the formula provided by Braginskii
(1965), with the collisional cross section taken as the quantum-
mechanical from Vranjes & Krstic (2013), who showed that the
classical hard-sphere model may lead to underestimation of the
cross-section values; they also derived from the quantum-
mechanical model the integral cross section oy, for ions
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(protons) collisions with neutrals (neutral hydrogen atoms). For
typical chromospheric plasma temperature in the range of
(6-10) x 10> K this cross section is equal to 1.89 x 107" m?,
that is, about three orders of magnitude larger than that in the
hard-sphere model. Following Zaqarashvili et al. (2011), we
assumed «;, = ap;. However, the ion-neutral collision fre-
quency differs from the neutral-ion collision frequency
(Ballester et al. 2018).

At the bottom of the photosphere, given by y = 0, we set the
periodic driver in the vertical component of ion and neutral
velocities, i.e.,

wwxn%ﬁ%@q, (11)
A

where V) is the amplitude of the driver and Py its period. This
driver excites upwardly propagating ion and neutral acoustic
waves (e.g., Zaqarashvili et al. 2011). We set V, = 0.1 km s,
but allow P4 to vary within the range of 5 s < Py < 300s.
These values fit to the typical characteristics of flow associated
with the solar granulation (e.g., Musielak et al. 1994,
Hirzberger 2003). Among others, Tu & Song (2013) and Arber
et al. (2016) determined the amplitude of Alfvén waves with
the use of a piecewise power law. Thus, more realistic ways of
implementing the amplitude V|, are possible.

3. Numerical Results

We solve the two-fluid system of equations numerically
using the JOANNA code (Wéjcik 2017). In our problem, we
set the Courant—Friedrichs—Lewy number (Courant et al. 1928)
equal to 0.8 and adopt WENO3 with HLLD Riemann solver
(Miyoshi et al. 2010). Typically, our one-dimensional numer-
ical box covers the region between the bottom of the
photosphere (y=0Mm) and the low corona (y=2.5 Mm),
and by default it is represented by 25 x 10 identical numerical
cells. This results in the uniform spatial grid of size
Ay = 100 m. Above this region, namely for
2.5 Mm < y < 30 Mm, we stretch the grid, dividing it into
128 cells who size increase with height. As short-waveperiod
waves require very a fine spatial resolution, we refine our
spatial grid for shorter Pg.

We investigate the impact of acoustic waves propagating
through the photosphere and chromosphere on plasma heating.
Figure 1 shows the vertical profile of Vj, (solid line) and V,,,
(dashed line) drawn at r = 10*s for Py =5s (top) and the
zoomed in regions in the photosphere (panel (a)) and upper
chromosphere (panel (b)). In the photosphere, where ions and
neutrals are strongly coupled, both V;, and V,, essentially
overlap each other (panel (a)). Higher up, in the chromosphere
and upper chromosphere, where ions and neutrals start to
decouple, the difference between ion and neutral wavefront
positions is clearly seen. We infer that the amplitudes of the
excited ion and neutral acoustic waves are essentially not
affected by ion—neutral collisions in the photosphere. However,
higher up, the amplitude grows e-times with the pressure-scale
height, while waves steepen into shocks.

From Equations (7) and (8) we infer that the velocity
difference between ions and neutrals, 6V, = V;, — V,,, plays a
role in plasma heating associated with propagating acoustic
waves. Figure 2 illustrates 6V,(y) for the driving period
Py =5sat 1= 10" s. At the bottom of the photosphere both
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Figure 1. Vertical components of ion, V;y, (solid) and neutral, V,,,, (dashed) velocities vs. height, y, drawn at time ¢ = 10* s for Py = 5 s. The bottom panels show

zoomed in regions (a) and (b).
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Figure 2. Difference between vertical components of ion (V;,) and neutral (V,,,)
velocities vs. height, y, at t = 10* s for Py=5s.

ions and neutrals remain strongly coupled, therefore they
propagate with essentially the same velocity. The difference
between ion and neutral velocities grows with height, reaching
a magnitude of about 14 m s~ at the transition region, which
is located at y ~ 2.1 Mm. Because at higher altitudes, the

acoustic wave profiles steepen into shocks, these differences
are present at these shocks and they result from the structured
nature of shocks in a two-fluid regime (Hillier et al. 2016),
which is clearly seen in Figure 1 (top and panel (b)).

Figure 3 shows the temporal and spatial evolution of
relatively perturbed temperatures of ions,
OT;)T; = (T; — To)/To, where To(y) is the hydrostatic temper-
ature (Avrett & Loeser 2008). The low-period waves, mainly of
P4 = 55, are significantly damped with height (top left), and
this damping results from ion—neutral collisions. It is expected,
as oscillation periods are larger than ion-—neutral collision
times, that the damping efficiency will decrease and e-times
growth of the wave amplitude with a pressure-scale height
takes a leading role. During the damping process the energy
carried by shocking acoustic waves is dissipated in the upper
photosphere and lower chromosphere. For Py = 5s, the
increase of the initial temperature is up to 16% on a timescale
of 10*s, and the heating occurs mainly from the level
y=0.6Mm up to y = 0.8 Mm and from y = 1.1 Mm up to
y = 1.4 Mm.

According to linear theory (e.g., Zaqarashvili et al. 2011),
acoustic waves with longer periods, which thus have oscillation
frequencies that are much lower than ion-neutral collision
frequencies, are weakly damped and they possess the capability
to propagate upward, reaching upper atmospheric regions if
their periods are lower than cutoff periods (Wdjcik et al. 2018).
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Figure 3. Time-distance plots of relative perturbed temperature of ions, 67;/T;, in the case of the driving period Py = 5's, Py = 30s, Pq = 180's, and Py = 300 s

(from top left to bottom right).

Wave amplitude growth with height is a dominant factor over
the wave amplitude damping resulting from ion—neutral
collisions. As a result, the wave amplitude experiences a net
growth with height and linear theory is too approximate.

The top right panel of Figure 3 corresponds to Py = 30s.
Acoustic waves deposit their energy mainly in the chromo-
sphere, at the height of y > 0.5 Mm. The waves propagate
higher up. However, as the damping depends on the ion—
neutral collision coefficient (Equations (1)-(2)), and thus
effectively on the mass density and temperature, higher up,
the amplitude of disturbance is not sufficient to heat the
chromosphere significantly. As Py = 180s is lower than the
acoustic cutoff period (Wojcik et al. 2018), according to the
theory originally developed by Lamb (1909) the excited
acoustic waves propagate freely across the chromosphere up
to the transition region (bottom left panel). See Wdjcik et al.
(2018) for the corresponding numerical simulations. For
P4 = 300s cooling events discernible in Figure 4 are related
to the fluctuations of perturbed ion temperature associated with
acoustic waves; rarefactions that follow shock-fronts lead to
pressure decrease (e.g., KuZma et al. 2017) and consequently
act contrary to plasma heating. Energy dissipated by these
waves in the chromosphere is sufficient to heat up the plasma
up to 10 K on a timescale of 10° s. We conclude here that
shorter-waveperiod waves heat more lower atmospheric heights
than higher-waveperiod waves. In all cases, plasma heating
grows with height, up to y = 1.5-1.8 Mm. Higher up, 6T;/T;
falls off with height.

Pd [s]

Figure 4. Averaged over time relative perturbed temperature of ions, H, vs.
driving period Py, at y = 1.0 Mm (squares), y = 1.25 Mm (diamonds),
y = 1.5 Mm (triangles), and y = 1.75 Mm (circles).

Figure 4 illustrates the averaged over time relative perturbed
temperature, H, given as

H(y) =

I rla Ti(y, 1) — To(y)
—j; RLCAR A A (12)

ty To(y)

versus Py. Here 1, = 5 x 10 s is the averaging time. The
upper photosphere, at y = 0.5Mm, is a bit heated solely by
short-period waves (not shown), while the chromospheric
plasma is effectively heated by waves with periods higher than
30 s and shorter than 120 s (diamonds), with a maximum close
to Py = 80s. Note that the upper chromosphere is heated by a
wider range of waves and more thermal energy is dissipated
there (triangles and circles).
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Figure 5. Time—distance plot of the thermal energy heating rate due to ion—

neutral collisions, taken from Qii" term, for Py = 80 s, in units of W m>.

The total vertical energy flux transported through the
medium can be estimated as

F(y, 1) = oi(MNesMVa(, ) + 2a(M e Viy 0, 0, (13)
where cy(y) is the sound speed at the equilibrium, given by

() + p, ()
o(y) = | ————————.
0i(y) + 0.(y)

(14)

Wave energy is deposited in the form of thermal energy to
overlying plasma by ion—neutral collisions. Figure 5 illustrates
the collisional heating (first) part of the Q" term (see
Equations (7)—(8)) in the case of a driving period P4 = 80s. In
Table 1 we compare F(y, t=2.5 X 10° s), evaluated at
y=05Mm, y =1.0Mm and y = 1.75 Mm (from Figure 3),
that correspond to the lower, middle, and upper chromosphere,
with the corresponding radiative energy losses as estimated by
Withbroe & Noyes (1977). Note that the numerically obtained
values are lower than the predictions. Thus, we conclude that
acoustic waves with realistic amplitudes in the chromosphere
do not carry a sufficient amount of energy to compensate
radiative losses.

We have verified by inspection that for waveperiods
Pq=180s and Py = 300s consecutive heating shock-fronts
are separated in space along the y-direction. The localized
plasma pressure increase is compensated by rarefactions that
follow the leading shock-front, before the consecutive shock-
front arrives at the same region, increasing the plasma
temperature even more. Due to rarefactions, plasma temper-
ature attains its quasi-stationary value. As a result, the
temporally averaged relative perturbed temperature, H, tends
to be constant (0 in the case of P4 = 300 s) (see the bottom right
panel of Figure 3 and the bottom panel of Figure 4). Thus, we
infer that for very high period waves, plasma heating does not
accumulate in the chromosphere, and the oscillations with these
characteristic periods cannot effectively heat the plasma.

4. Summary and Conclusions

We performed numerical simulations of two-fluid acoustic
waves propagating in the gravitationally stratified and partially
ionized solar photosphere and chromosphere. We perturbed the
initial hydrostatic equilibrium with the periodic driver in
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Table 1
Radiative Energy Losses and Averaged Energy Flux of Acoustic Waves in the
Solar Chromosphere, F(y, t = 2.5 X 10° s), in the Case of the Driving Period

P;=280s

Radiative Losses F

(erg cm 2 s’l) (erg cm™? s’l)
Low chromosphere 2 x 10° 2 x 10°
Middle chromosphere 2 x 10° 2 x 10°
Upper chromosphere 3 x 10° 5 x 10?

vertical components of both ion and neutral velocities, which
operates at the bottom of the photosphere. We found that
waveperiods between about 30 and 200s lead to significant
heating of the chromosphere, while the upper photosphere
remain hardly affected. The wave amplitude grows with height
due to mass density falloff (e.g., Murawski et al. 2018), thus
the amplitude growth can dominate over ion—neutral collisions
damping. Such waves possess the capability to penetrate the
upper layers of the solar atmosphere and dissipate their energy
in the chromosphere. However, for low-amplitude waves, the
deposited energy remains low and plasma heating is insignif-
icant there.

By performing our two-fluid simulations, we contributed to
ongoing discussions of plasma heating by means of acoustic
waves. Previous works such as Carlsson et al. (2007), Andic
et al. (2008), and Sobotka et al. (2014) were based on
observational estimations and single-fluid equations, and they
reached the conclusion that energy carried by acoustic waves
may compensate a substantial fraction of the radiative losses.
Our results reveal that by implementing ion—neutral collisions,
the plasma heating, which corresponds to the amplitude of the
driver equal to 0.1 km sfl, is not sufficient to compensate the
radiative losses.
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Abstract

With the use of our JOANNA code, which solves radiative equations for ion + electron and neutral fluids, we
perform realistic 2.5D numerical simulations of plasma outflows associated with the solar granulation. These
outflows exhibit physical quantities that are consistent, to the order of magnitude, with the observational findings
for mass and energy losses in the upper chromosphere, transition region, and inner corona, and they may originate

the fast solar wind.
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1. Introduction

The solar wind is a stream of energized, charged particles
(primarily electrons and protons from hydrogen, along with
atomic nuclei like helium, alpha particles) flowing outward
from the Sun (Bierman 1951; Parker 1965). There is a fast,
widely uniform wind, emanating from polar coronal holes and
at a distance of lau from the Sun traveling at about
750kms~', and a slow, sporadic one, pouring from active
equatorial regions and moving at about half that speed. The
magnetic field lines stretch out radially in coronal holes, and do
not loop directly back to the Sun, providing an open path for
the fast plasma to escape the grasp of gravity. As the corona
expands, these winds must be replaced by plasma moving up
from below to feed them.

In the modern era of high-resolution spaceborne and ground-
based observations, special attention has been paid to studying
the origin of plasma outflows that form the solar wind. Early
models of the wind assumed the inner corona to be its origin
(e.g., Tu 1987). Recently, Tu (2005) detected such outflows in
coronal funnels at altitudes between 5 and 20 Mm above the
photosphere, and found that they reach a speed of up to
10kms™ " at the height of 20 Mm. Emphasis was also placed
on searching for the outflows in the chromosphere /transition
region (e.g., Marsch et al. 2008; Tian et al. 2009; 2010;
Mclntosh et al. 2011; Mclntosh 2012; Yang et al. 2013;
Kayshap et al. 2015). It was found that these outflows can be
generated by a variety of jets (De Pontieu et al. 2007,
Wedemeyer-Bohm et al. 2012; Kayshap et al. 2013; Tian et al.
2014; Martinez-Sykora et al. 2017), and the injection of an
often twisted magnetic field and its subsequent reconnection
may also contribute to the bulk plasma outflows in coronal
holes (e.g., Krieger et al. 1973; Zirker 1977; Kayshap et al.
2013; Yang et al. 2013).

It was showed theoretically that magnetohydrodynamic
waves may be responsible for providing momentum to the
upwardly moving plasma (e.g., Ofman 2005; Suzuki &
Inutsuka 2005; Marsch 2006; Srivastava & Dwivedi 2006;
De Pontieu et al. 2007; Arber et al. 2016). Among others,
Hollweg (1978; 1981; 1986; Hollweg et al. 1982), Kudoh &
Shibata (1999), and Matsumoto & Suzuki (2012) concluded
that Alfvén waves possess a potential to drive plasma
outflows. He et al. (2008) developed a model of plasma
outflows in the coronal funnels, which includes Alfvén waves

(Ofman et al. 1995). Along this line of investigation,
Yang et al. (2016) found that Alfvén waves are able to form
fast plasma outflows. See also Ofman et al. (1995) and
Shestov et al. (2017) for a similar analysis. However,
Alfvén waves are difficult for detection, particularly when
high-frequency waves are concerned (Srivastava et al. 2017);
in an inhomogeneous and structured medium, these waves can
experience reflection, mode coupling, phase-mixing, and
resonant absorption (Ofman et al. 1995; Nakariakov et al.
1997; Zaqgarashvili & Roberts 2006; Goossens et al. 2012;
Chmielewski et al. 2014; Shestov et al. 2017).

Despite the abovementioned achievements, the origin of the
solar wind still remains one of the central issues of
heliophysics. We investigate here the role of granulation in
generation of chromospheric ejecta and associated plasma
outflows in coronal holes. We are motivated by the fact that a
base of the corona is filled with dynamic jets, propelled from
below the transition region upwards at speeds of about
25kms~" into higher layers, that carry a significant amount
of momentum (e.g., Sterling 2000; Zaqarashvili & Erdélyi
2009).

This paper is organized as follows. A physical model is
presented in Section 2 and the corresponding numerical results
are shown in Section 3. Our paper is concluded by discussion
and summary of the numerical results in Section 4.

2. Two-fluid Model of a Partially Ionized Coronal Hole

We consider a solar coronal hole that is magnetically
structured and gravitationally stratified, and its dynamics is
described by two-fluid equations for ions + electrons treated as
one fluid and neutrals regarded as second fluid. These
equations can be written as follows:

990 g (W) =0, (1)
ot
991 L g (0W) =0, ®)
ot

% LV (oaViVe + 1o D)

=ac(Vi = Vo) + ong, 3



THE ASTROPHYSICAL JOURNAL, 884:127 (5pp), 2019 October 20

QW) | G (V¥ + p D)
ot
LV xB xBra-V)tog @
i
8—B:V><(Vi><B),V~B:0, o)
ot
B o ¥ En+ P Vel = Vi (= Vo)
By n Pn) Vn cVn i n (6)

+0 + g, + 008 * Voo

OF; B? B
+V-|E +pe + —|Vi—-—(V-B)
ot 2u 1 (7
=acVis (= W)+ Q" + Qp + ¢ + 0ig - Vi
where the heat production terms are
i — o (AV + AT), (8)
0" = ac(AV — AT) ©)
with
AV = 1% - VP, (10)
ar=—X (g1, (an
mu(p; + )
and the energy densities are given by
2
Ey— Dy &V (12)
vy—1 2
) V2 2
E = Die + oiV; + B_ (13)

y—1 2 2

Here subscripts ;, ,, and . correspond to ions, neutrals, and
electrons, respectively. The symbols p; ,, denote mass densities,
Vin velocities, p;, , ion+electron and neutral gas pressures, B
magnetic field, and T;, temperatures specified by ideal gas
laws,

kB kB

gnT;w pie =
muft, muf;

Pn = oil. (14)
A gravity vector is g = [0, —g, 0] with its magnitude g =
27478 m s~ 2, a, is the coefficient of collisions between ion
and neutral particles (e.g., Oliver et al. 2016; Ballester et al.
2018, and references cited therein). Q,ie is a radiative loss term
that is implemented here in the framework of Abbett & Fisher
(2012) in the low atmospheric regions and of thin radiation
(Moore & Fung 1972) in the top atmospheric layers, ¢, , are
thermal conduction terms (Spitzer 1962), u; = 0.58 and
o = 1.21 are the mean masses of respectively ions and
neutrals, which are taken from the OPAL solar abundance
model (e.g., Vogler et al. 2004), my is the hydrogen mass, kg is
the Boltzmann constant, v = 1.4 is the specific heat ratio, and
1 1s magnetic permeability of the medium. The other symbols
have their standard meanings.

We consider the case of the z-invariant system and start our
simulations at ¢ = 0s with the hydrostatic equilibrium being
supplemented by transversal and vertical magnetic fields, given
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as B = [B,, By, B;] = [0, By, Byl, where By = 5/\/5 Gs. The
transversal component, B,, results in Alfvén waves being
linearly coupled to magnetoacoustic waves. The presence of
Alfvén waves is essential in the model, because in the nonlinear
regime they are capable of driving vertical flow (e.g.,
Hollweg 1986; Murawski 1992; Shestov et al. 2017).

In the framework of the implemented magnetic field model
we set at # = 0 s identical hydrostatic temperature for ions and
neutrals, Ti(y) = T,(y) = T(y) (Martinez-Gémez et al. 2016,
2017; Oliver et al. 2016; Soler et al. 2017; Srivastava et al.
2018). This temperature is determined by the semiempirical
model of Avrett & Loeser (2008) that is extrapolated into the
corona.

The hydrostatic equilibrium is restructured in time by the
solar granulation. This granulation appears naturally in the
convection zone, which is convectively unstable. First signs of
granulation are seen already after about 5 minutes from the start
of the simulations with a fully developed state occurring after
about 3000 s of the solar time.

3. Numerical Simulations of Two-fluid Plasma Outflows

To solve two-fluid equations numerically, we use the
JOANNA code (Wojcik et al. 2018). We set in our numerical
experiments the Courant-Friedrichs—Lewy number equal to 0.9
and choose a second-order accuracy in space and a four stage,
third-order strong stability preserving the Runge—Kutta method
(Durran 2010) for integration in time, supplemented by
adopting the Harten-Lax—van Leer Discontinuities approx-
imate Riemann solver (Miyoshi & Kusano 2005) and the
Global Lagrange Multiplier method of Dedner et al. (2002).
The simulation box extends from the convection zone
(2.56 Mm below the bottom of the photosphere) to the corona
(up to 30 Mm above the photosphere) in the y-direction and
horizontally from x = —2.56 Mm to x = 2.56 Mm. This box is
divided into several patches. The bottom region, specified by
—2.56 Mm < y < 7.68 Mm, is covered by the 1024 x 1024
identical cells, leading to the spatial resolution of 10km.
Within the layer of 7.68 Mm < y < 30 Mm, we implement
several patches of progressively larger cells along the y-
direction. On the left and right sides of the simulation box we
set periodic boundary conditions, while the top and bottom
ghost cells are filled by plasma quantities equal to their
equilibrium values. The layer for the optical depth greater than
10 is additionally heated by implementing an extra source term
in the energy equation of ions that balances the energy losses
there.

Figure 1 (colormap) shows typical spatial profiles of log o;
(top) and the vertical component of ion velocity (bottom).
The granulation excites a wide range of waves deep in
the photosphere. Some of these waves steepen into shocks
while propagating upwards. This steepening results from wave
amplitude growth with height, and chromospheric jets are
excited (top). The plasma above the apices of these jets moves
upwards reaching its maximum speed of around 100 km s~
(bottom). The outflowing plasma essentially follows open
magnetic field lines (black lines) of magnetic funnels that are
formed by the granulation. The footpoints of these funnels are
rooted deep in the photosphere between granules, while higher
up, above the transition region, the magnetic field lines remain
essentially vertical. The plasma outflows form strand-like
structures along magnetic field lines in the corona, with
subsiding plasma taking place at lower altitudes.
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Figure 1. Typical spatial profiles of log ¢; overlayed by magnetic field (solid
lines; top) and vertical component of velocity V;,(x, y) (bottom). Ion mass

density is given in units of 10""¥ gcm™ and V; y is expressed in units of
lkms '

We have run the code with extra nonadiabatic terms such as
thermal conduction and magnetic diffusion included along with
radiation. However, due to the computational effort we have
not yet obtained satisfactory results. We have also run the code
with the spatial resolution of 20 km x 20 km and the results are
shown in Figure 2. The results are close to those shown in
Figure 1 (bottom), which confirms that the chosen spatial
resolution of 10km x 10km is sufficient to resolve plasma
outflows.

Figure 3 displays a time—distance plot of the vertical
component of ion velocity that is averaged over the whole
horizontal distance, (V;,). The plasma jets emerge from the
chromospheric background and move into the corona. Some of
the injected plasma subsides rapidly after reaching its maximum
phase (e.g., KuZzma et al. 2017; Srivastava et al. 2018). This
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Figure 2. Spatial profile of the vertical component V; ,(x, y), expressed in units
of 1 kms™" for the spatial resolution of 20 km x 20 km.
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Figure 3. Time—distance plot of horizontally averaged vertical component of
ion velocity, (Vi,(y, 1)).

entire process is driven by ongoing granulation in the
photosphere. Analyzing (V;,(y, )) we find that the solar corona
experiences about 1—3 minute period oscillations and (V;,)
reaches a magnitude of 10—20km s~ at y = 8 Mm and it grows
with height. The physical properties of these outflows are akin to
the flow characteristics reported by Tu (2005).

Figure 4 (top) illustrates the time—distance plot of the
horizontally averaged total vertical ion mass flux, F,(y, t) =
(0iViy), which attains its maximum in the photosphere and
lower chromosphere and falls off with height due to rapidly
decreasing ion mass density. However, even above the
transition region the estimated magnitude of this mass flux
lays within the range of 107® and 10> gcm 2 s ' and it
matches the prediction for solar mass losses in the low corona
(Withbroe & Noyes 1977).

Vertical component of ion energy flux transported through
the medium can be calculated as Fg(x, y, 1) = o; Vi2 Viy / 2. The
time—distance plot of horizontally averaged vertical energy
flux, (Fg(y, 1)), is shown in Figure 4 (bottom). We see that
plasma escaping into the corona above the transition region
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Figure 4. Time—distance plots of the horizontally averaged total vertical mass,
(Fu(y, 1)), (top) and energy, (Fg(y, 1)), (bottom) fluxes.

carries a significant amount of energy (orange and yellow
patches). By comparison with time-distance plots of (V;,)
(Figure 3) we infer that the energy flux associated with the
upflowing plasma is higher than for the descending plasma.
Note that the obtained values lay within the range of theoretical
findings for energy losses in the upper chromosphere, transition
region, and low corona (Withbroe & Noyes 1977).

Figure 5 shows vertical variation of the temporarily and
horizontally averaged mass, (F,) (top), and energy, (Ft(y))
(bottom), fluxes. Note that (F(y)) grows abruptly within the
region of 0 <y < 0.5Mm, where the dense photospheric
plasma experiences a push from the below operating granula-
tion. Higher up, that is, for y > 0.5 Mm, (F,(y)) declines with
height attaining a value of 107 °gem 2 s~ ! at y = 10 Mm. On
the other hand, (Fg (y)) remains close to 10” ergcm % s~ in the
entire chromosphere and transition region, attaining its local
maxima at y = 0.25 Mm and y = 3.5 Mm. Higher up, it slowly
falls off with height, reaching its value of 5 - 103 ergem 2 s~
aty = 10 Mm.

4. Discussion and Summary

Within the framework of two-fluid equations for ion-neutral
plasma, we performed numerical simulations of the origin of
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Figure 5. Vertical variation of the temporarily and horizontally averaged mass,

(Fu()) (top), and energy, (Fg(y)) (bottom), fluxes.

the solar wind that results from plasma outflows. These
outflows are associated with jets excited by the solar
granulation, which develops in the medium with a initially
straight magnetic field overlaying a hydrostatic equilibrium.
This configuration well mimics the expanding open magnetic
field region in a polar coronal hole. Our simulations show that
this configuration is restructured later on by granulation, which
operates in the photosphere. The whole scenario is associated
with the energy and mass leakage into higher atmospheric
layers in the form of plasma outflows. Our results successfully
match the expected values of mass and energy losses in
the upper chromosphere, transition region, and low corona
(Withbroe & Noyes 1977).

It is noteworthy here that Tu (2005) obtained a correlation of
the Doppler-velocity and radiance maps of spectral lines
emitted by various ions (Ne VIII, C 1V, and Si IT) with the force-
free magnetic field that was extrapolated from the photospheric
magnetogram (SOHO /MDI) in a polar coronal hole. Tu found
that Ne VIII ions mostly radiate around the height of 20 Mm
above the photosphere, where they reveal the outflow speed of
about 10kms ™!, while CIV ions with no average flow speed
form essentially around the altitude of 5Mm. Hence, Tu
inferred that the plasma outflows start in the coronal funnels at
altitudes in between 5 and 20 Mm. Yang et al. (2013) proposed
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that magnetic reconnection, which took place in the open and
closed magnetic field region, triggers the plasma outflows
observed by Tu (2005). The results of our simulations
performed with a novel two-fluid model of a partially ionized
solar atmospheric plasma confirm these observational findings.

Ten years before the plasma outflows were announced by Tu
(2005), there was essentially no report on finely structured jets.
The exceptions were spicules/macrospicules diversely filling
the chromosphere and contributing to the mass cycle of the
corona (e.g., Wedemeyer-Bohm et al. 2012; Tian et al. 2014).
In the limit of current observational resolution, it is established
that the overlaying plasma outflows in the corona must have
originated due to the contribution from various plasma ejecta.
Therefore, without emphasizing a particular type of a jet, we
simulated the solar granulation that resulted in jets and studied
their contribution to formation of the solar wind.

In summary, we investigated formation of plasma outflows
between 5 and 10Mm above the photosphere in the open
magnetic field region in a coronal hole as observed by Tu
(2005). The outflows in such regions consist of continuous
streaming of plasma particles from the lower solar atmosphere
outward. We point out its linkage to the granulation and
associated with them the ubiquitous chromospheric jets that lead
to mass and energy leakage into the inner corona. Our model is
based on gravitationally stratified and partially ionized bottom
layers of the solar atmosphere with adequate temperature and
magnetic field conditions to mimic the ion-neutral plasma
outflows. Our studies determine that multiple jets excited by
operating in the photosphere granulation are able to stimulate
continuous plasma outflows in the solar atmosphere, which may
result in the fast solar wind at higher altitudes in the solar corona.
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Abstract

Context. We investigate the wave heating problem of a solar quiet region and present its plausible

solution without involving shock formation.

Aims. By performing numerical simulations, we aim to study wave propagation and dissipation in the

partially-ionized solar atmosphere, whose model includes both neutrals and ions.

Methods. With use of a 2.5D two-fluid model of the solar atmosphere, we study the wave generation

and propagation. The source of these waves is the solar convection located beneath the photosphere.

Results. The energy carried by the waves is dissipated through ion-neutral collisions, which replace

shocks used in some previous studies as the main source of local heating in quiet regions.

Conclusions. Tt is demonstrated that the resulting wave dissipation is sufficient to balance radiative

and thermal energy losses, and to sustain a quasi-stationary atmosphere whose averaged temperature

profile well-agrees with the observationally based semi-empirical model of Avrett & Loeser (2008).

Key words. Sun: atmomosphere - magnetohydrodynamics (MHD) - methods: numerical

1. Introduction

The heating problem of the solar atmosphere is
very challenging as it requires to explain the
counter-intuitive atmospheric temperature raise
from about 5600 K at the solar surface by about

200-500 times over the height of about two thou-

Send offprint requests to: D. Wojcik

sand km. Two main families of heating mechanisms
have been proposed: one uses microflaring, while
the other is based on energy carried by various
waves present in the solar atmosphere. There is ob-
servational evidence for the existence of both mi-
croflares and waves in the solar atmosphere, with
the former likely contributing to the heating at

higher altitudes, whereas the latter is expected to
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be responsible for the heating of lower atmospheric
layers. The main unsolved heating problem is how
the wave energy is generated and dissipated. A so-
lution of this longstanding solar physics problem is

proposed in this paper.

The most efficient source of waves is the convec-
tion zone. Laying below the photosphere, this zone
is populated by highly turbulent motions that gen-
erate magnetohydrodynamic-gravity waves (e.g.,
Musielak & Ulmschneider 2001). Recent observa-
tions reveal a diversity of waves in the solar at-
mosphere and they also demonstrate that some of
these waves carry enough energy to heat this atmo-
sphere (e.g., Jess et al. 2009, Srivastava et al. 2018).
Propagation of these waves in the atmosphere is af-
fected by cutoff frequencies. Waves with frequencies
higher than their cutoffs are propagating, however,
waves with lower frequencies are evanescent and

their amplitudes decay with height.

The concept of cutoff was originally introduced
by Lamb (1909) and later modified to be applica-
ble to the solar atmosphere by others (e.g., Roberts
2004, Musielak et al. 2006). A strong observational
evidence for the existence of cutoffs in the atmo-
sphere and their variations with the atmospheric
height was presented by Wisniewska et al. (2016)
and Kayshap et al. (2018). Several theoretical at-
tempts were undertaken in the past to fit the obser-
vational data (e.g., Murawski et al. 2016, Wojcik
et al. 2018) but without achieving a satisfactory
agreement with the available data. However, in the

most recent work by Wojcik et al. (2019a), a good

agreement between the numerical simulations and
observations was finally achieved, and the authors
pointed out the importance of partially ionized ef-
fects that were accounted for by their numerical
code. Similar code is used in this paper but with
the exception that all non-ideal and non-adiabatic
terms are switched on. However, the main goal of
this paper is different than that of Wojcik et al.,
as here we concentrate on the wave generation and
dissipation, and the solar atmosphere wave heating

problem.

Waves in the solar atmosphere may form shocks
that heat the plasma locally (e.g., Ulmschneider
et al. 1978, Carlsson & Stein 1995). Fawzy et al.
(2002) constructed theoretical models of the chro-
mosphere that are based on the waves generated
in the convection zone and using the dissipation
of wave energy by shock formation (Hillier et al.
2016). The constructed models were purely the-
oretical, one-dimensional (1D) and they included
both non-magnetic and magnetic regions as well
as full treatment of non-LTE ionization and radia-
tion. The only free parameter in these models was
a filling factor, which was used to explain different
levels of activity observed in solar-like stars. The
models were used to compute profiles of Ca II and
Mg II lines, which were compared to observational
data. The comparison shows a good agreement be-
tween the theoretically predicted line profiles and
observations, and also demonstrated that the the-
oretically predicted temperature variations in the

solar atmosphere were in an agreement with the
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semi-empirical VAL model (Vernazza et al. 1982).
The main difference between their approach, which
was based on fully ionized plasma, and the one pre-
sented in this paper is that our numerical model is
2D and it properly accounts for partially ionized

plasma in the solar atmosphere.

In the chromosphere models described above
as well as in the most previous theoretical work,
the effects of partially ionized plasma in the
gravitationally-stratified solar atmosphere were of-
ten neglected or considered under some assump-
tions. For instance, Wojcik et al. (2018) and
Kuzma et al. (2019a) devised 1D models of dy-
namics of ions and neutrals and then the mod-
els were extended to 2D geometry (e.g., Srivastava
et al. 2018, Wojcik et al. 2019a,b). Moreover,
Maneva et al. (2017) developed a 2D model of non-
adiabatic and non-ideal atmosphere to show that
ion magnetoacoustic-gravity and neutral acoustic-
gravity waves (e.g., Vigeesh et al. 2017) lead to lo-
cal heating of a magnetic flux-tube. In addition,
Martinez-Sykora et al. (2017) and Khomenko et
al. (2018) included neutrals into their respectively
2D and 3D models of self-generated solar granula-
tion. The contribution of neutrals was taken into
account by amending few extra terms in the induc-
tion equation. These models were recently general-
ized onto dynamic ions and neutrals in the chro-
mosphere by Popescu Braileanu et al. (2019) who
reported on a development of a new two-fluid code
and its numerical verification. We present here an

approach in which ions and neutrals are included

self-consistently in our numerical model, and their
dynamical effects on the wave propagation and dis-
sipation are fully accounted for. Our approach gives

a new insight into the wave heating problem.

Our paper is organized as follows: our two-fluid
(ions + electrons and neutrals) model is described
in Sect. 2; wave heating resulting from our nu-
merical simulations is presented and discussed in

Sect. 3; our conclusions are given in Sect. 4.

2. Two-fluid model of a partially ionized

solar atmosphere

We consider a gravitationally-stratified and par-
tially ionized solar atmosphere, whose evolution
is described by the set of two-fluid equations
(e.g., Zaqarashvili et al. 2011, Leake et al. 2012,
Martinez-Gomez et al. 2018, Soler et al. 2013,
Oliver et al. 2016, Ballester et al. 2018 and refer-
ences cited therein). We take into account hydrogen
as a main dynamic plasma ingredient; the influence
of heavier plasma species is considered with use of
the OPAL solar abundance model (e.g. Vogler et
al. 2005). Additionally, for simplicity reasons we
assume that ions and electrons consist a single ion-
electron fluid, while neutrals are described by a sec-
ond fluid. Interaction between both fluids occurs
through the ion-neutral collisions. In this model
we neglect effects of recombination, ionization and
charge exchange, as well as effects of electrons ex-
erted on ions, mimicked by extra terms in the gen-

eralized Ohm’s law (e.g. Khomenko et al. 2017). As
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a result of complexity of the present model, these

effects are left for future studies.

2.1. Two-fluid equations for ions and neutrals

We write the equations that describe dynamics of

neutral and ion-+electron fluids as

don B
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where the heat production terms are
in 1 2
Qi —ac (SIAVE+aAT) . (®)

Q" = a, (;|AV|2 —aAT), (9)
with AV = V; =V, AT =T} — Ty, and a =
3kp/ (mu(pi + pn)). Here I is the identity ma-
trix, and subscripts ;, , and , correspond respec-
tively to ions, neutrals and electrons. The sym-
bols g; , denote mass densities, V; ;, velocities, pic n

ion+-electron and neutral gas pressures, B is mag-

netic field, IT; , are viscous stress tensors (Hollweg

1986), n is magnetic diffusivity coeflicient and T; ,,

are temperatures specified by ideal gas laws,

kg kg
Pn = QnTn ) DPie =
MHMn My i

oiTi, (10)

where gravity vector is g = [0, —g, 0] with its mag-
nitude g = 274.78 m s~2, a. is the coefficient of
collisions between ion and neutral particles, g; , de-
scribe thermal conduction (Spitzer 1962), Qi rep-
resents radiative losses, pie = 0.58 and p, = 1.21
are the mean masses of electrons + ionized plasma
species and neutrals, respectively, and they are
taken from the OPAL solar abundance model (e.g.,
Végler et al. 2004), my is the hydrogen mass, kp
is the Boltzmann constant, v = 1.4 is the spe-
cific heats ratio, and p is magnetic permeability of
the medium. All other symbols have their standard
meaning.

The radiative losses term, Q', consists of two
separate parts: thick cooling which operates in the
low atmospheric layers and thin cooling, which
works in the upper atmospheric regions. In every
time-step we calculate the optical depth, starting
from infinity and ending at the bottom boundary.
For optical depths higher than 0.1 we use thick
cooling approximation of Abbett and Fisher (2012).
For optical depths lower than 0.1 we use thin cool-
ing curve (Cox & Tucker 1969), which is interpo-
lated by 10th order polynomial. In order to mimic
energy transport into the simulation box from lower
lying convective regions, we supplemented the ra-
diative term by the heating term which balances

cooling at optical depths 7 > 10.
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Following Zaqarashvili et al. (2011), we assume
coefficient of collisions between ions and neutrals
Qin = api = o, and to estimate its value we use the
following formula provided by Braginskii (1965):

4 0i0n 8kB (CZ-‘I Tn)
¢ = =0Oin —+=).
3 mupi +mupa \| TMmH \ M fn

(11)

Here the collisional cross-section oj, is taken from
quantum-mechanical model of Vranjes & Krstic
(2013) who showed that the classical hard-sphere
model may lead to underestimation of the cross-
section values. For typical chromospheric plasma
temperature in the range of 6 - 10> — 10* K this
cross-section is equal to 1.89 - 1078 m?, that is
about three orders of magnitude larger than in
the hard-sphere model. We experienced for acoustic
waves that the released heating due to ion-neutral
collisions is higher for the classical cross-section
than for its quantum analog (Kuzma et al. 2019a).
Note, that the ion-neutral collision frequency differs
from the neutral-ion collision frequency (Ballester

et al. 2018), and they are given as v, = a./; and

Vni = ac/er

2.2. Initial hydrostatic equilibrium of the solar

atmosphere

In this part of the paper we consider the initial con-
ditions of the solar atmosphere. We assume that the
atmosphere is initially in a hydrostatic (Vi, = 0)
equilibrium. The equilibrium mass density profiles
of ions and neutrals (Fig. 1) are specified uniquely
by the temperature profile, taken to be the same for

ions and neutrals (e.g. Oliver et al. 2016) from the
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Figure 1: Initial vertical profiles of ion, g;, (solid

line) and neutral, g,, (dashed line) mass densities.

quiet solar atmosphere model of Avrett & Loeser
(2008). Note that the ion mass density is much
lower than the neutral mass density in the pho-
tosphere and the low chromosphere. They become
comparable about 900 km below the transition re-
gion which is located at y ~ 2.1 Mm. Higher up the
neutrals are less abundant than ions; in the corona
the mass density of neutrals experiences a sudden
fall-off with height. As a result of ions and neu-
tral distributions, the ionization degree depends on
height in the solar atmosphere; in the photosphere,
where the temperature is only about 5800 K, the
plasma is very weakly ionized with only one ion per
about 10 neutrals, while in the one million hot so-
lar corona the plasma there is essentially fully ion-
ized.

Interaction between ion-+electron and neutral
fluids occurs through the ion-neutral collisions that

are determined by the ion-neutral friction coeffi-
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Figure 2: Vertical profiles of ion-neutral friction co-
efficient, a, (left panel) and sound speed, ¢, (right

panel).

cient (Eq. 11). Vertical profile of « is illustrated on
Fig. 2 (left). Below the photosphere «. retains its
high value, therefore both fluids are strongly cou-
pled there, as a result acting as a single fluid. At
the bottom of the photosphere, that is at y = 0 the
value of a. begins to decrease with altitude. Higher
up both fluids decouple, enabling ion-neutral drift,
AV =V; -V, to take place in the chromospheric
and transition region layers. This drift is essential
for collisional heating (Egs. 8 - 9). The sound speed

¢s can be given as

(12)

o) = \/w(phie@) T Pun(y)

oni(y) + onn(y)

In the photosphere c; is close to 6 km s~ (Fig. 2,
right). Right below the transition region, cs(y = 2
Mm) ~ 11 km s~!. Higher up ¢, grows, following
the trend of \/TTy) ; right above the transition re-
gion this growth is abrupt, and at larger altitudes

1

¢s rises slowly to a value of about 150 km s™ at

y ~ 30 Mm (not shown).

102 4

cs [kms™1]

Figure 3: Profile of the initial Alfvén speed, ca, ver-

sus height y.

We adopt here the uniform magnetic field with
its vertical and transverse components given as
B = [0, By, By] with By = 15/v/2 Gs. A non-
zero transversal magnetic field permits transver-
sal Alfvén waves to be present in the system.
These waves are linearly coupled to magnetoacous-
tic waves and are essential in the model, as in the
nonlinear regime they are capable of driving verti-
cal flow (e.g. Hollweg 1986; Murawski 1992; Shestov
et al. 2017). The mode conversion between slow-
acoustic and Alfvén modes in regions of f ~ 1

can take place in this system. A nonlinear cou-

pling between slow and Alfvén waves near these re-
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gions has been studied by Zaqarashvili and Roberts
(2006). The detailed discussion on 2-fluid Alfvén
waves can be found in Kuzma et al. (2019b). The
vertical profile of the corresponding Alfvén speed,
ca(z,y) = B/\/u(oi + on), is illustrated on Fig. 3.
In the upper photosphere and lower chromosphere
ca attains values lower than 10 km s~ up to y ~ 1
Mm. Higher-up, as a result of low ion mass den-
sity oi, ca rises until the transition region, where it
experiences a sudden growth to values close to 800

km s~ L.

3. Numerical simulations of two-fluid wave

heating

To solve the 2-fluid equations numerically, we
use JOANNA code (Wojcik et al. 2018). We
set in our numerical experiments the Courant-
Friedrichs-Lewy (Courant et al. 1928) number
equal to 0.3 and choose a second-order accu-
racy in space and a second-order accurate Runge-
Kutta method (Durran et al. 2010) for integra-
tion in time, supplemented by adopting the Harten-
Lax-van Leer Discontinuities (HLLD) approximate
Riemann solver (Miyoshi & Kusano 2010) and
divergence of magnetic field cleaning method of
Dedner et al. (2002).

The simulation box is specified along horizon-
tal (z-) and vertical (y-) directions as (—5.12 <
x < 512) Mm x (—5.12 < y < 30) Mm. This
allows us to simulate convectively unstable region
just below the photosphere which occupies the layer

0 <y < 0.5 Mm. Below the height y = 5.12 Mm,

we set a uniform grid with cell size 20 km x 20 km,
while higher up, at the base of the corona, which is
located at y = 2.1 Mm, we stretch the grid along
y—direction dividing it into cells whose size grows
with height. Two different types of boundary con-
ditions are implemented at four edges of the sim-
ulation box. All plasma quantities at the top and
bottom boundaries are set to their hydrostatic val-
ues. At the right and left boundary we use pe-
riodic boundary conditions. With the use of the
stretched grid above y = 5.12 Mm we damp any
incoming signal in layers close to the upper bound-
ary. We have found that such stretched grid, sup-
plemented by fixing all plasma quantities to their
hydrostatic conditions at the top boundary signifi-
cantly reduced spurious reflections of the incoming
signal. Additionally, we implemented a plasma in-
flow at the bottom boundary with its vertical veloc-
ity equal to 0.3 km s~'. This allows us to compen-
sate the outflowing plasma mass losses. The value
of inflow velocity is calculated by assuming that the
incoming flux supposed to compensate the radia-
tive losses (Chatterjee 2018). The convection zone
is heated by overwhelming the radiative rate by

10%.

In our numerical simulations we consider
plasma that is initially (at t = 0 s) set to its hydro-
static state with the vertical and transverse com-
ponents of magnetic field. Later on, horizontal mo-
tions of plasma due to spontaneously generated
granulation reshuffles magnetic field lines in the

photosphere in the form of small flux-tubes (Fig. 4,
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Figure 4: Spatial profile of logarithm of ion temperature, T;, expressed in unit of Kelvins (colormap) overlayed

by magnetic field lines at ¢ = 5000 s.

solid lines). These horizontal plasma motions re-
veal mean velocity close to 2.5 km s™! at the y = 0
Mm (not shown) with maximum value up to 5 km
s~!, and thus they remain sub-sonic. This figure
also shows above the photosphere the presence of
well-defined cool and dynamic chromosphere. This
layer is filled with both hot and cold jets visible at

T ~ 2.5 Mm.

Hot plasma associated with granulation (Fig. 4,
colormap) drifts towards the chromosphere and
forms plasma upflows (Fig. 5, top). At the bot-
tom of the chromosphere this plasma radiates its
energy and gets cooled. Between sibling granules
the downdrafts with cold plasma flowing down
settle in the convection zone (Fig. 5, top). Both
these upflows and downdrafts are accompanied by
two-fluid waves (Fig. 5, bottom), which in our
model atmosphere are neutral acoustic-gravity, ion
magnetoacoustic-gravity (Vigeesh et al. 2017) and

Alfvén waves.

The periods of the excited waves, obtained from
the Fourier spectra for ion vertical velocity, are
plotted in Fig. 5 (bottom). Note that at the height
within the range of 0 Mm < y < 0.5 Mm, the domi-
nant wave-period P is about 340 s. However, higher
up, for y > 0.5 Mm, the signal associated with large
values of P decays fast with y, and the main wave-
period is associated with P ~ 180 s. It was demon-
strated that acoustic waves of P ~ 300 s are evanes-
cent in the photosphere (e.g., Wojcik et al. 2018)
but they are filtered out in higher layers, thus the
package of waves consists of the main wave-period
of about 180 s (Fig. 5, bottom). The described fil-
tering process dominates in the chromosphere and
it lowers periods and allows the waves to reach the
transition region located at y = 2.1 Mm, where
the waves become partially reflected back to the
chromosphere. As a result of ion-neutral collisions,
energy of these excited waves is dissipated. This

dissipation is most effective for largest dispatches
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Figure 5: Spatial profile of vertical component of ion velocity, Vi, expressed in units of 1 km s™' (top) and its

spatially averaged Fourier power periods vs height (bottom) at ¢t = 5000 s.

between ion and neutral velocities, and these waves
may convert their energy into heat mostly in the
chromosphere (Fig. 6), compensating radiative and

thermal losses.

A strong damping of low frequency (with pe-
riod > 80 s) Alfvén waves does not follow the
conclusions drawn from the analytical studies of
Zaqarashvili et al. (2013) who showed that short
wave-period waves are rapidly damped due to ion-
neutral collisions. However, our two-fluid model de-

scribes highly dynamic (yet remaining in quasi-

equilibrium) solar atmosphere and differs signifi-
cantly from those developed so far. A signal present
in Vi, is partially converted through ion-neutral
collisions into a signal in V. It follows from the
dispersion relation that V;, is associated with a
purely imaginary frequency which corresponds to
a strongly damped wave (Zaqarashvili et al. 2013).
As a result of this damping and the energy transfer
from Vi, into V4, Alfvén waves, which correspond
to Viy, are strongly damped. We found that longer

waveperiods are not the main agent behind heating
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Figure 7: Horizontally averaged vertical profile of ionization, gi/gn, at t = 0 s (solid line), ¢ = 2000 s (dashed

line) and ¢ = 4000 s (dash-dotted line).

of the solar atmosphere which agree with the nu-
merical results of Kuzma et al. (2019) who found
that for acoustic waves of their waveperiods longer

than 80 s the plasma heating decreases.

Figure 7 illustrates vertical profile of horizon-

tally averaged ionization, g;/ o, , at three moments

10

of time, namely at ¢t = 0 s (solid line), that is initial
ionization, at ¢ = 2000 s (dashed line) and ¢ = 4000
s (dotted line), that corresponds to fully developed
and ongoing granulation. From this plot we can see,
that 0i/on drops about one order of magnitude in

the upper chromosphere. The ionization level in
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the photosphere, lower chromosphere and corona

remains close to its initial value.

The numerically obtained quasi-stationary solar
atmosphere is the result of subtle balance between
radiative cooling, thermal conduction and energy
dissipation mechanisms. This equilibrium is illus-
trated on Fig. 8 in the form of horizontally av-
eraged collisional heating and minus cooling rates
vs height. Note, that by definition heating rate at-
tains positive, while cooling negative values. Deep
below the photosphere heating from the deeper lay-
ers overcomes cooling, and leads to hot plasma up-
flows in the convectively unstable layer. At the
photosphere, that is for 0 < y < 0.5 Mm, the
optical opacity abruptly falls off and hot plasma
rapidly radiates its energy. Henceforth, the heat-
ing term overwhelms the cooling term in this layer.
Higher up, i.e. in the chromosphere and low corona,

these two terms reaches a similar value, with cool-

ing term being slightly dominant in the corona.
It is demonstrated that the wave energy dissipa-
tion, supplemented by viscous and ohmic heatings,
is sufficient to balance radiative and thermal en-
ergy losses above the photosphere, and to sustain

a quasi-stationary solar atmosphere.

Figure 9 shows temporal evolution of horizon-
tally averaged T;. We see that, as a result of cooling-
heating balance in the chromosphere, the system
arrives to a quasi-equilibrium state of the solar at-
mosphere. The chromosphere in our simulations is a
highly dynamic medium filled with jets and spicules
that transport mass to balance losses due to plasma
outflows (Wojcik et al. 2019b). The well-defined
transition region oscillates close to its initial posi-

tion at y = 2.1 Mm.

Figure 10 reveals that the radiative cooling and
thermal energy losses are in a balance with colli-

sional heating, sustaining a quasi-stationary atmo-

11
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Figure 10: Numerically obtained minimum of 7i(y) (blue dashed line), maximum of Ti(y) (red dashed line) at

x = 0, and semi-empirical data of Avrett & Loeser (2008) (dotted line) vs height.

sphere with the transition region located around
y = 2.1 Mm. As a result of this balance, the nu-
merically obtained vertical profile of ion tempera-
ture is close to the semi-empirical data of Avrett
& Loeser (2008). A better fit would require tun-

ing the inflow or the extra heating which we im-
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pose below the photosphere. However, such para-
metric studies are very costly as they require a
number of jobs to be run. It must be pointed out
that this agreement was obtained without invok-
ing shocks that were previously considered as the

main sources of local heating in the solar chromo-
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sphere (e.g., Ulmschneider et al. 1978, Carlsson &
Stein 1995, Fawzy et al. 2002). Such shocks are
occasionally generated in the top chromosphere.
Actually, our results show that the efficient wave
heating by ion-neutral collisions and with some ad-
ditions from viscous and ohmic heatings prevents
shock formation in the lower and middle chromo-
sphere. Thus, a new insight into the wave heating
problem is our demonstration that the waves dissi-
pate their energy without forming shocks; another
important aspect of this result is that short period
waves, which were the main sources of heating of
the lower chromosphere in the previous work cited
above, can now reach much higher layers of the
chromosphere, including the transition region and
corona. Our results allow us to obtain the aver-
aged temperature distribution very similar to that
in the semi-empirical model of Avrett & Loeser
(2008), which is a good confirmation of validity of
our approach and the code used to perform the
simulations. Moreover, we also demonstrate how
the ion temperature varies locally in the chromo-
sphere, and the predicted range is consistent with
the results of the numerical simulations reported
by Carlsson & Stein (1995). The latter show that
temperature variation grows with height, attaining
largest values in the low corona. Figure 10 presents
a similar trend, albeit the temperature variations
are smaller than these of Carlsson & Stein (1995),
which may result from the presence of ions and neu-

trals in the model we developed.

Recent observations of Grant et al. (2018)
showed that Alfvén waves are steepening into
shocks at lower heights of the solar atmosphere.
With observed local temperature enhancements of
5% it is the first observational evidence of Alfvén
waves heating chromospheric plasma in a sunspot
umbra through the formation of shock fronts. In
our simulations, thermal energy is released during
collisions between ions and neutrals which may lead
to ion-neutral velocity drift, and this is a pure two-
fluid effect. In the case of a shock, kinetic energy at
the front of this shock is converted to thermal en-
ergy as a result of the friction between ion-+electron
fluid and neutral species. This phenomenon takes
place not only at a shock but also at all other waves
in general. However, it is more efficient for steeper
wave profiles and its impact on overlaying plasma
temperature depends on ion-neutral drift. So, in

conclusion it is largest in the case of shocks.

Finally, it must also be emphasized that similar
code was used by Wojcik et al. (2019 a,b) to pro-
pose that the solar wind origin is associated with
granulation and to predict theoretically the varia-
tions of acoustic cutoff frequency in the solar at-
mosphere and that these variations are in a good
agreement with the observational results obtained
by Wisniewska et al. (2016) and Kayshap et al.
(2018). This is another independent verification of
the validity of our approach and the code, and it
shows that the effects of partial ionization become
very important in lower and middle chromospheric

layers.

13
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4. Conclusions

We performed numerical simulations of two-fluid
waves in a partially ionized solar atmosphere
with radiation and thermal conduction taken self-
consistently into account. The considered neutral
acoustic-gravity, Alfvén and ion magnetoacoustic-
gravity waves were generated by spontaneously
evolving and self-organizing convection with gran-
ulation cells. We found that the granulation excites
a wide spectrum of wave-periods (Fig. 5, bottom)
and that only sufficiently short period acoustic and
long period gravity waves propagate through the
atmosphere and reach the corona (Vigeesh et al.
2017).

A part of energy carried by these waves is dissi-
pated in the photosphere and in the chromosphere
due to ion-neutral collisions. As a result, these two-
fluid waves generated by the granulation effectively
heat the plasma, compensating radiative and ther-
mal energy losses there. The atmosphere gets also
extra heat from viscosity and magnetic diffusivity,
which are most effective at the places of sheared
flow and opposite orientated magnetic field lines.
It takes place at the downdrafts below the photo-
sphere, contributing to plasma temperatures there
and leading to a quasi-stationary solar atmosphere
with its temperature distribution being close to the
semi-empirical model of Avrett & Loeser (2008).

This is the first time when the agreement with
the observationally based semi-empirical model was
obtained without involving heating by shocks, we

conclude that our results unravel the main mecha-
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nism of the wave heating quiet regions of the chro-
mosphere, and that the basic physical processes of
this mechanism are collisions between neutrals and
ions. Our conclusion has important implications on
constructing theoretical solar atmospheric models
in the near future as it shows that the effects of
partially ionized plasma must be included in these
models and that they may prevent the shock for-
mation, which was a dominant physical process for

waves in a fully ionized solar atmosphere.
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